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Abstract
We present a detailed study of the Galactic young massive star cluster Westerlund 2 (Wd2) using
an optical and near-infrared high resolution multi-band survey observed with the Hubble Space Tele-
scope. Images obtained in Hα and Paβ ﬁlters allowed us to derive a high-resolution pixel-to-pixel
E(B − V )g gas extinction map. This map helped us to individually deredden the stellar photom-
etry, to identify the cluster population, and to determine the properties of Wd2, such as distance
(d = 4.16kpc), total-to-selective extinction (RV = 3.95), and age (1.04 ± 0.72Myr). We identiﬁed
240 bona ﬁde pre-main-sequence Hα excess emitters indicating active disk accretion. A careful anal-
ysis of the radial dependence of the Hα excess emission shows a 60% lower mass accretion rate in
the cluster center, indicating a more rapid disk dispersal in close proximity to the massive OB-stars.
We performed state-of-the-art artiﬁcial star tests to study the completeness-corrected spatial distri-
bution of the stars. This revealed that Wd2 consists of two subclusters. Additionally, we determined
the present-day mass function (PDMF) with a slope of Γ = −1.53± 0.05, which translates to a total
stellar cluster mass of (3.6±0.3) ·104M⊙. The spatial analysis of the PDMF and the young age of Wd2
indicates that the cluster is, most likely primordial, mass segregated. A spatially uniformly distributed
low-mass (< 0.15M⊙) population, extending into the gas and dust cloud, as well as a conﬁned region
of reddened stars, most likely caused by a foreground CO cloud, suggests that cloud-cloud collision
might be the origin of the formation of Wd2.
Zusammenfassung
Wir stellen eine detaillierte Studie des galaktischen jungen massereichen Sternhaufens Westerlund 2
(Wd2) mit hochauﬂösenden optischen und nahinfrarotenMultibandbeobachtungen des HubbleWelt-
raumteleskops vor. Aufnahmen in Hα und Paβ Filtern erlaubten uns eine hochaufgelöste Extink-
tionskarte des Gases zu erzeugen. Mit dieser konnten wir die stellare Photometrie individuell ent-
röten, um so die Haufenpopulation zu identiﬁzieren und die Eigenschaften von Wd2, wie Distanz
(d = 4.16 kpc), Verhältniss von allgemeiner zu selektiver Absorption (RV = 3.95) und Alter (1.04±
0.72Myr) abzuleiten. Wir identiﬁzierten 240 Vorhauptreihensterne mit Hα Exzess, welche auf eine
aktive Scheibenakkretion hindeuten. Eine sorgfältige Untersuchung der radialen Abhängigkeit der
Hα Exzessemission zeigt eine Reduzierung der Massenakkretionsrate um 60% im Haufenzentrum,
welche auf eine schnellere Zerstörung der planetaren Scheiben in der Nähe der massereichen OB-
Sterne hinweißt. Tests mit künstlich eingesetzten Sternen zur Untersuchung der Vollständigkeit der
Beobachtungen enthüllten, dass Wd2 aus zwei kleineren Haufen besteht. Zusätzlich konnten wir
für die Massenfunktion eine Steigung von Γ = −1.53 ± 0.05 herleiten und eine stellare Gesamt-
masse des Haufens von (3.6 ± 0.3) · 104M⊙ bestimmen. Die räumliche Analyse der Massenfunktion
in Zusammenhang mit dem jungen Alter von Wd2 legt nahe, dass Wd2 höchstwahrscheinlich pri-
mordial massensegregiert ist. Eine räumlich gleichförmig verteilte Population massearmer Sterne
(< 0.15M⊙), die sich auch in die umliegenden Gas- und Staubwolken erstreckt, und eine räum-
lich begrenzte Region geröteter Sterne, die mit großer Wahrscheinlichkeit durch eine CO Wolke im
Vordergrund erzeugt wird, deutet an, dass die Kollision von Gas- und Staubwolken der Grund für die
Entstehung von Wd2 sein könnte.
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Allein der Vortrag macht des Redners Glück.
— Johann Wolfgang von Goethe: Faust, Vers 546
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Der Weltraum, unendliche Weiten ...
— Star Trek
1
Star- and star cluster formation – an overview
As an introduction to my Thesis, I will give an overview of star formation and young massive
star clusters (YMCs), to provide the reader with a general understanding of the main goals
and drivers of this project. Much more detailed summaries can be found in the reviews of
Zinnecker and Yorke (2007), Portegies Zwart et al. (2010), Bodenheimer (2011), Preibisch
(2012), and Dale (2015), and references therein.
1.1 An overview of star formation
Star clusters, as the name tells us, are comprised of stars. In order to comprehend the
processes and evolution of YMCs it is essential to understand the processes of star formation
and stellar evolution on all scales – from the numerous population of low-mass stars up to
the most massive O-stars.
1.1.1 The collapse of giant molecular clouds
Star formation begins with the collapse of giant molecular clouds (GMCs). Through a com-
bination of processes, a low-density interstellar gas cloud is brought to a point where the
force of gravity exceeds all other opposing forces, which ﬁnally results in the collapse of
the cloud. Theoretical approaches to understand the basic conditions needed to start these
collapsing processes were pioneered by Sir James Jeans in 1928 (Jeans 1928). One of the
most important conditions needed for a molecular cloud to collapse is the so called Jeans
length RJ . The radius of a (spherical) cloud must be smaller than the Jeans length, for a
1
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given mass and temperature, to become unstable to gravitational collapse. The Jeans length
is deﬁned by the following expression:
RJ =
0.4 ·GMµ
kbT
, (1.1)
where kB is the Boltzmann constant, G is the gravitational constant, M the total cloud
mass, T the temperature, and µ is the molecular weight of the gas in atomic gas units (≈
2.37 for Solar composition with molecular hydrogen). Another common way to express this
condition is to substitute the radius by the density ρ, assuming again that the gas cloud is
approximately spherical. This results in the expression for the Jeans mass MJ , which is the
minimum mass required for a given density and temperature, to become unstable:
MJ =
(
5
2
kBT
µG
)3/2 (4
3
πρ
)−1/2
. (1.2)
In the original deﬁnition to derive Eq. 1.1 and Eq. 1.2, Jeans took into account thermal
and gravitational eﬀects alone.
A simpler and more accurate way to describe the initial conditions for a collapse is to
look at the total energy budget. The minimum requirement for a cloud to collapse is that
the gravitational energy needs to exceed the sum of the thermal, rotational, turbulent, and
magnetic energies:
|Egrav| > Eth + Erot + Eturb + Emag. (1.3)
Most of the molecular gas is concentrated in giant molecular clouds (GMCs). These
birthplaces for new stars are mainly built from molecular hydrogen H2 and atomic helium
He I. The ﬁrst more complex molecules NH3 and H2CO were discovered by Cheung et al.
(1968) and Snyder et al. (1969), respectively. Almost 200molecules have been discovered in
the inter-stellar medium (ISM) since (e.g., Belloche et al. 2014), such as HCN, CH4, HCL+,
and much more complex ones e.g., CH3OC(O)CH3. For a full list see also https://www.
astro.uni-koeln.de/cdms/molecules. These molecules form the dust, which is important
for heating and cooling processes.
One of the most important molecules in GMCs is CO (mainly 12C16O and its isotopes
13C16O, 12C18O, etc). The importance of CO is that it is mostly used as tracer for H2 and
He I because observing these species directly via spectral lines is very diﬃcult due to the
insuﬃcient conditions (mainly temperature) in a GMC to excite H2 and He I. Also H2 does
not have a dipole moment, only a quadrupole moment with a transition line in the near-
infrared at 28µm in a wavelength regime where also dust radiates strongly.
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With temperatures of 10–50K, they are amongst the coldest places in the universe. Early
molecular-line surveys using the molecule CO revealed an estimated molecular mass of the
Galaxy of 2·109M⊙, of which most is concentrated in GMCs (e.g., Clemens et al. 1988; Lada
2005, and references therein). With masses between 104–106M⊙ and sizes ranging from 20–
100pc, GMCs are the largest structures in the MW and rival globular clusters as the most
massive objects in the Galaxy. These conditions correspond to a Jeans mass ofMJ ≈ 20M⊙,
meaning that GMCs contain thousands of Jeans masses, are clearly gravitationally bound,
and probably highly unstable, yet the magnetic ﬁeld strength of the order of 10µG leads to
a magnetically critical mass (magnetically Jeans mass) ofMmag ≈ 5 · 105M⊙ (McKee 1999),
which is the mass where magnetic forces are not able to prevent gravitational collapse.
The above treatment would suggest that a homogeneous GMC exceeding the Jeans limit
would collapse to form a single star, which is obviously not the case. So the collapse of the
GMC is neededwith an associated fragmentation of the cloud into smaller and smaller bound
clumps. Small-scale density ﬂuctuations in the GMC are strongly ampliﬁed with time. This
leads to one very important characteristic of these GMCs: they are highly structured, mean-
ing they are extremely inhomogeneous with ﬁlaments, arcs, lobes, and embedded dense
clumps. Although the mean density of GMCs is ∼ 104 cm−3, the density can reach values up
to 106 cm−3 and even 1010 cm−3 in their densest cores (e.g., Lada et al. 1991; Bodenheimer
2011). Star formation and, especially, low-mass star formation is clearly favored by tem-
peratures of around 10K. This leads to the conclusion that these dense cores have to have
mechanisms to maintain this temperature even under gravitational collapse. The heating
and cooling are complicated mechanisms that are discussed at length in the literature (e.g.,
Goldsmith and Langer 1978; Spitzer 1978; de Jong et al. 1980; Boland and de Jong 1984;
Goldsmith 2001; Stahler and Palla 2005; Bodenheimer 2011). At this point we will only
summarize the dominant processes.
The heating processes:
• Photodissociation of H2 by interstellar photons
• The photoionization of C-atoms by interstellar radiation
• Ionization of H I and H2 by low-energetic cosmic rays
• Production of photoelectrons by interstellar UV photons interacting with dust grains
The cooling processes:
• Excitation of atoms, molecules, ions, and electrons, caused by collisions and followed
by decay and the escape of a photon
• grain cooling
In addition to heating and cooling, there are several other important mechanisms that
play a role during the cloud collapse and proto-star formation, such as the transfer of angu-
lar momentum1, magnetic breaking, the degree of ionization, magnetic diﬀusion, and tur-
bulence. To describe all these processes in detail would exceed this introduction, therefore,
I refer to a detailed overview by Bodenheimer (2011, and references therein).
1Angular momentum problem: According to star formation models, stars should rotate faster than they ac-
tually do, meaning somehow they need to lose angular momentum in the early phases of star formation.
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1.1.2 The modes of cloud collapse and the onset of star formation
The on-set of star formation in dense cloud cores releases energy that prevents the dense stel-
lar cores from further fragmenting. Star formation shows diﬀerent modes, taking place on
diﬀerent time scales, dependent on the physical processes. Generally one can distinguish be-
tween three main scenarios: magnetically-controlled star formation, turbulence-controlled
star formation, and induced star formation.
Magnetically-controlled star formation takes place in low-mass cores that are mag-
netically sub-critical, meaning their mass is below the magnetic Jeans mass, and mag-
netic eﬀects support the molecular cloud. Here the densest regions can evolve to the
point of collapse through a process called ambipolar diﬀusion. Ambipolar diﬀusion
causes neutral particles to drift inwards along magnetic ﬁeld lines, since they are not
stabilized against gravity by the magnetic ﬁeld (e.g., Spitzer 1978). Therefore, am-
bipolar diﬀusion can increase the core’s mass to the point where the gravitational forces
are larger than the magnetic forces and the core begins to collapse even though the
initial cloud mass is smaller than the magnetic Jeans mass. The time scale of this pro-
cess is a few million to 107 yr (Nakano 1984; Lizano and Shu 1989; Tomisaka et al.
1990; Fiedler and Mouschovias 1993; Basu and Mouschovias 1994).
Turbulence-controlled star formation is nowadays thought to be the major eﬀect
driving star formation. In the molecular cloud, supersonic turbulence generates a com-
plex shock pattern that can become unstable to collapse on local scales. It explains star
formation on a time scale of 1Myr, which is in agreement with many observations, yet,
the observed star formation rate (< 10%, e.g., Evans et al. 2009) is usually lower
than the one in simulations (e.g., Dale and Bonnell 2008; Price and Bate 2009; Clarke
2010, and references therein).
Induced star formation takes place in cores that are intrinsically stable against col-
lapse. This means that star formation is not induced simply by gravitational collapse
or turbulence, as described above, but triggered by an external event. For example, an
external shock can compress molecular clouds less massive than their Jeans mass, and
force them into collapse. These shocks can be generated by external events, such as
mergers between galaxies (e.g., Whitmore et al. 2010; Hopkins et al. 2013) and col-
lisions between molecular clouds (cloud-cloud collision, e.g., Furukawa et al. 2009).
Smaller scale feedback can also trigger star formation, e.g., supernova explosions (e.g.,
Preibisch et al. 2002), expanding H II regions around massive stars (e.g., Gum 31 in
the Carina Nebula Complex, see right panel of Fig. 1.1.1, Elmegreen and Lada 1977),
and highly-energetic ﬂuxes from massive O-stars and Wolf-Rayet stars, compressing
the surrounding material to pillar-like structures, at the tips of which gravitational col-
lapse can be induced (e.g., the “Pillars of Creation” in M16 (Eagle Nebula), see left
panel of Fig. 1.1.1).
Collapsing and rotating clouds are unstable to fragmentation. In the case of a low-mass
core or a protostellar disk, fragmentation leads to the formation of binary and multiple sys-
tems, since the individual fragments are themselves unstable to collapse. The fragmentation
of a higher mass cores can lead to the formation of a small cluster. The formation of multiple
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Figure 1.1.1: Left: The “Pillars of Creation” in M16 (Eagle Nebula). Image Credit: NASA, ESA, and The Hubble
Heritage Team (STScI/AURA). Right: Gum 31 (Gum 1955) in the Carina Nebula Complex observed with the 4m
Visible and Infrared Survey Telescope for Astronomy (VISTA, Emerson et al. 2006) in the J , H , and Ks ﬁlter,
shown in blue, green, and red, respectively, as part of the VISTA Carina Nebula Survey (ESO ID: 088.C-0117(A);
PI: T. Preibisch, Preibisch et al. 2014).
system due to fragmentation has been shown in several simulations (e.g., Bate et al. 2002).
Numerical simulation (Kroupa 1995; Bate et al. 2002; Delgado-Donate et al. 2004) indicate
that the early formation of hierarchical multiple systems in clusters is caused by gradually
braking up such multiple systems with time due to gravitational interactions and by captures
of stars.
1.1.3 The pre-main sequence evolution
After a dense core in the GMC starts to collapse at the onset of star formation, it undergoes
multiple evolutionary steps until it reaches the state of a zero-age-main-sequence (ZAMS)
star2. During these steps the cloud core undergoes a huge increase in density and tempera-
ture. A summary is also given in Preibisch (2012). These steps are shown in Fig. 1.1.2 and
can be summarized as follows:
2A pre-main-sequence star reaches the ZAMS when it starts core hydrogen burning and reaches hydrostatic
equilibrium.
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1 Pre-stellar core: This stage follows the processes described above, immediately after
the cloud core begins to collapse. Due to its own radiation the cloud core becomes
optically thick, which can be used to deﬁne the timescale for stars to be born (e.g.,
Wuchterl and Tscharnuter 2003).
2 Collapse Phase: On timescales of a few thousand years, the gravitational collapse of
the core leads to the formation of a central protostar. The dense envelope still absorbs
any light emitted from the protostar, thus no stellar parameters can be determined
(class 0 in Fig. 1.1.2).
3 Protostar Phase: In this phase the remaining circumstantial envelope starts to ﬂat-
ten out in a disk-like shape in order to conserve angular momentum. Within ∼ 105 yr
it evolves into a circumstellar disk, from which the protostar accretes mass. At this
point the protostar becomes visible and can be detected at infrared wavelengths. Due
to the absorption of most of the photons emitted by the central protostar, by the cir-
cumstellar disk and remaining envelope, and the reemission of this radiation by the
same, the spectral energy distribution (SED) peaks in the far infrared and dominates
the spectrum (similar to class I in Fig. 1.1.2).
4 Classical T Tauri star: The protostar has already reached ∼ 90% of its ﬁnal mass,
yet it is still surrounded by an optically thick circumstellar disk, from which it actively
accretes mass (similar to class II in Fig. 1.1.2). These accretion processes cause strong
emission lines (especially Hα), which characterize the spectra of these objects. In the
SED the star is now clearly visible and the luminosity and eﬀective temperature can be
determined, yet the active accretion causes strong infrared excess in the SED. Most of
the circumstellar disk will be dispersed within a few Myr by either being accreted onto
the star, accelerated outwards via jets, turned into protoplanets, or simply radiated
away by stellar UV and X-ray radiation (e.g., Ercolano et al. 2009).
5 Weak-line T Tauri star: After further evolution (∼ 10Myr at most, e.g., Briceño et al.
2007) most of the surrounding gas and dust have been dispersed and the observed
spectrum only shows weak infrared excess, caused by a thin remnant circumstellar
disk. There is almost no accretion onto the central star (similar to class III in Fig. 1.1.2).
6 Pre-main-sequence star: After 5–10Myr the protoplanetary disk is completely dis-
persed and only the pure photospheric stellar spectrum is observable. These young
disk-less stars can be identiﬁed via strong coronal X-ray activity (e.g., Casanova et al.
1995; Preibisch et al. 1996), chromospheric activity (e.g., Herbig 1954, 1998), the
presence of lithium in the photosphere (e.g., Walter et al. 1994), a low surface gravity
(e.g., Slesnick et al. 2008), or by strong variability (e.g., Briceño et al. 2005).
The typical strong variability of these young stars was ﬁrst observed by Hind (1864) and
this stellar class was later named “T Tauri” by Joy (1945)who discovered objects with similar
characteristics (photometric variability, associated dark clouds, strong emission lines). These
young low-mass stars have typical masses of M≤ 2M⊙. Their higher mass counterparts,
Herbig Ae/Be stars, are deﬁned by and named after George Howard Herbig, an American
astronomer (Herbig 1960). They have a mass range of 1M⊙ ≤ M ≤ 8M⊙. The PMS stellar
evolution of stars with masses M≥ 8M⊙ is so rapid that they cannot be observed in their PMS
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Figure 1.1.2: The diﬀerent evolutionary stages of a PMS star. Left: SEDs of the four main stages of PMS
evolution accompanied by sketches presenting the physical properties and spatial extents. Image Credit: A.
Isella. On the right observations of (roughly) the diﬀerent stages are shown. Top, right: Gemini NIRI image of
L1527 taken inL′-band (3.8µm) on the left and the Spitzer Space Telescope image taken at a similar wavelength
of 3.6µm (Tobin et al. 2010). Mid, right: A HST view of four stars that are surrounded by gas and dust being
possibly protoplanetary disks that might evolve to agglomerate planets. Credit: C.R. O’Dell/Rice University;
NASA. Bottom, right: ALMA image of the disk around the young star TW Hydrae, revealing the classic rings and
gaps that are understood to signify that planets are in formation in this system. Credit: S. Andrews (Harvard-
Smithsonian CfA); B. Saxton (NRAO/AUI/NSF); ALMA (ESO/NAOJ/NRAO).
phase, since as they become visible in the IR/optical wavelength regime, they are already in
their main-sequence (MS) stage.
1.1.4 High-mass star formation
Although the high-mass stars are important for the galactic chemical evolution, since they en-
rich the interstellar medium (ISM)with heavy elements (supernovae type II) and their strong
ultra-violet (UV) radiation erodes molecular clouds and creates H II regions (see Fig. 1.1.1),
their formation has not yet been completely understood. One major diﬀerence to the low-
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mass star formation is the evolutionary time scale. For example, due to their mass it can
happen that the stellar core ﬁnishes with contraction, meaning it reaches the MS, while the
envelope is still accreting mass. For low-mass stars the accretion time scale is always smaller
than the contraction time scale.
One important question is whether there is an upper mass limit for massive stars. Two
examples of the most massive stars observed and conﬁrmed via spectroscopic orbital ﬁtting
are the double-lined binary Wolf-Rayet binary star WR20a with component masses of 83.0±
5.0M⊙ and 82.0± 5.0M⊙ (Bonanos et al. 2004; Rauw et al. 2004, 2005) and NGC 3603-A1
with 116± 31M⊙ and 89.0± 16M⊙ (Schnurr et al. 2008). Zinnecker and Yorke (2007, and
references therein) have shown that there is an apparent upper mass limit around 150M⊙.
This is based on a discussion by Weidner and Kroupa (2004) and Figer (2005), who argued
that the total mass of the R136 cluster in the Large Magellanic Cloud (LMC) is so massive
that one would expect stars with masses of 500M⊙ and even 750M⊙, if the distribution
follows a Salpeter (1955) initial mass function (IMF). This is not observed, meaning that
either the IMF has a sharp cut-oﬀ at masses of about 150M⊙ or there is a physical limit.
Physical limits of high-mass star formation may originate from the enormous radiation
pressure. This means that stellar radiation increases with increasing mass to the point where
the radiation pressure force exceeds gravity, the so-called Eddington limit (Eddington 1916).
This is the limiting luminosity of a star at which point its outer layers begin to accelerate
outwards and mass cannot be further accreted to increase the stellar mass (Zinnecker and
Yorke 2007; Bodenheimer 2011; Kudritzki 2002, and references therein). If this limit is
passed, the envelope will begin to lose mass through stellar winds. The mass ﬂow onto the
star can be continued if the accretion rate is high enough (high density of the parent cloud)
in combination with a disk formation and bipolar outﬂows, which will channel the radiation
in polar directions allowing further mass accretion through the disk. Also this mechanisms
has its limitations causing an upper limit to the mass of the star, although these limits are
not clear yet.
One way to reach higher masses would be high-mass star formation by hierarchical merg-
ing of lower mass stars. Bonnell and Bate (2002) considered this in their simulations and
indeed, during their simulations 19 mergers occurred. This process is believed to mainly
occur in the densest regions such as massive cluster cores, where the density is high enough
and collisions become unavoidable. This is especially important for massive stars due to their
short lifetimes of ∼ 2–5Myr (see Tab. 1.1, Sparke and Gallagher 2007).
Up to now there has already been a lot of eﬀort and progress in understanding high-mass
star formation, but a comprehensive picture of all relevant processes is still lacking.
1.1.5 Observations of young stellar objects and determination of their physi-
cal properties
During most of their early life, protostars or young stellar objects (YSOs) are only visible
in the infrared (detectable via their IR-excess emission, e.g., Zeidler et al. 2016c) or even
at longer wavelengths. For a long time, this made it diﬃcult to properly detect them and
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to study their properties. Only the development of large infrared and radio telescopes (see
Rieke 2009, for a deteailed historical overview) over the last decades, such as the ESO 4m
Visible and Infrared Survey Telescope for Astronomy (VISTA, Emerson et al. 2006), HAWK-
I at the ESO 8m-VLT (Pirard et al. 2004; Kissler-Patig et al. 2008), Herschel far-infrared
observatory (Pilbratt et al. 2010), the Spitzer Space Telescope, the Hubble Space Telescope,
or the Atacama Large Millimeter/Sub-millimeter Array (ALMA), made it possible to study
these YSOs in greater detail. The development of space telescopes, such as the Spitzer Space
Telescope, theHerschel far-infrared observatory, and in the near future the JamesWebb Space
Telescope (JWST) has made it possible to observe in the mid- and far-infrared wavelengths
at which the Earth’s atmosphere is non-transparent.
Although we now have the tools to observe YSOs in large quantities with a reasonable
integration time, scientiﬁcally it is still a challenge to interpret these data. As described
above, the majority of these objects are still embedded in their cocoons and therefore not
directly observable or obscured by circumstellar dust (see mid, right panel of Fig. 1.1.2).
To determine the stellar parameters it is crucial to know the luminosity of the star, which
is, for PMS stars, highly variable with wavelength and on short time scales. The highly vari-
able mass accretion rate from the surrounding envelope onto the star on an hourly or daily
basis (e.g., Smith et al. 1999), caused by turbulences in the accretion disk, can produce
considerable variation in the total luminosity. This accretion luminosity can constitute a
substantial fraction of the total bolometric luminosity, which makes the star appear more
luminous and, as a result, it appears to be more massive. Depending on whether one ob-
serves the stellar ﬂux in the optical/near-IR, where the most of the ﬂux originates in the
stellar photosphere, or one observes the radiation coming from the disk in the mid- and far-
infrared, one obtains totally diﬀerent bolometric luminosities. Additionally the observed ﬂux
also depends on the viewing angle under which the disk is observed (face-on vs. edge-on,
Muzerolle et al. 2009). T Tauri stars also contain a substantial fraction of dark star spots,
which co-rotate with the stellar photosphere. The rotation of the stellar photosphere can
therefore indirectly mimic a periodic dimming of the stellar optical and IR ﬂux, mimicking
additional variations of the stellar ﬂux.
Most stellar parameters are determined by comparing the measured ﬂuxes in the dif-
ferent wavelength regimes to evolutionary models, either ﬁtting SEDs (for multi-ﬁlter ob-
servations over a wide wavelength range) or via ﬁtting evolutionary tracks and isochrones
to the Hertzsprung-Russel Diagram (HRD) or a color-magnitude diagram (CMD)3. While
isochrones describe the luminosity and color of stars for a single age, the evolutionary tracks
follow the evolution of a star with a speciﬁc initial mass. Both are the result of stellar evo-
lution models, e.g., PARSEC 1.2S (Bressan et al. 2012), Siess et al. (2000), or Baraﬀe et al.
(1998). In order to model the stellar evolution from core collapse until the star joins the
MS, the parameter space for most physical parameters, such as stellar density, temperature,
and radius, need to be modeled over many orders of magnitudes. Even with the fastest and
3The Hertzsprung-Russel Diagram is a graph showing the absolute stellar luminosity (in logarithmic scale)
against the eﬀective temperature (or spectral type), while the color-magnitude diagram shows the magnitude
in one ﬁlter against the color (diﬀerence between the magnitudes of two ﬁlters).
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most modern computers it is still impossible to model all parameters accurately, leading to
a simpliﬁcation of the models. As a consequence, the younger a star is the more uncertain
the model becomes (see dicussion in Baraﬀe et al. 2002).
Despite the huge progress during the last few decades in both modeling the stellar at-
mospheres and evolution, and on observing the youngest stars, the proper determination of
stellar parameters for YSOs is still complicated and one needs to be very careful about the
intrinsic uncertainties.
1.2 The formation and evolution of (massive) star clusters
Most stars form in clustered environments (Lada and Lada 2003). As Lada and Lada (2003)
pointed out, most systems dissolve shortly after forming. They are building up the ﬁeld pop-
ulation. These lower density systems are known as associations. Denser systems, known as
open clusters (ρ ≤ 103M⊙ pc−3), survive longer but they are loosely bound by gravitational
interactions and are easily destroyed by close encounters such as other cluster or gas and
dust clouds. The most massive and dense clusters, originated from YMCs (ρ ≥ 103M⊙ pc−3),
will remain gravitationally bound and are long-lived. Some of them potentially survive a sig-
niﬁcant fraction of a Hubble time and form globular clusters (Brodie and Strader 2006). As
a result, YMCs are often referred to as young globular clusters or progenitors to globular
clusters. Although the size distribution of YMCs show similarities to globular clusters (Maíz-
Apellániz 2002) the physical properties of most YMCs are not so easily accessible due to the
large distances. This makes the observations of the limited number of Galactic YMCs and the
ones in the Magellanic Clouds so important. Elmegreen and Efremov (1997) and Kruijssen
(2014) also suggested that the most massive of these YMCs may be the analogues to the old
globular clusters. At the moment, about half of the Milky Way’s star formation takes place
in its 24 most massive GMC (Lee et al. 2012), yet it is unclear if the local star formation is
typical.
1.2.1 Describing massive star clusters
Basic parameters
Most massive star clusters tend to have a spherical or ellipsoidal shape. To better deﬁne the
size and stellar densities of clusters it is necessary to determine their spatial proﬁle. The
brightness proﬁles of globular clusters follow quite well the King (1962, 1966) model:
Σ(r) = Σ0
(
1 +
r2
r2c
)−1
, (1.4)
with the Σ0 being the surface brightness in the center and rc is the core radius, a scale
parameter deﬁning the cluster core. This proﬁle does not hold for young clusters (e.g.,
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Mackey and Gilmore 2003). They are much better represented by the proﬁles of Elson et al.
(1987):
Σ(r) = Σ0
(
1 +
r2
a2
)γ/2
, (1.5)
where a is a scale parameter and γ is a free ﬁtting parameter. To connect the Elson
et al. (1987) proﬁle to the King (1966) core radius, the relation rc = a
(
22/γ − 1)1/2 is often
adopted. Two other important parameters are the dynamical timescale (or crossing time)
tcross and the relaxation timescale trelax. The crossing time tcross is deﬁned as the typical time
a star needs to cross the system:
tcross = 2 ·
(
GM
r3
)−1/2
, (1.6)
where G is the gravitational constant and r and M are the total radius and mass of
the cluster, respectively. The relaxation timescale trelax is the time needed until the system
reaches thermal equilibrium due to energy transfer by two body encounters. The relaxation
time trelax depends on the crossing time:
trelax =
N
8 lnN
· tcross, (1.7)
where N is the number of stars in the cluster (e.g., Binney and Tremaine 1987). These
basic equations already demonstrate how diﬃcult it is to properly deﬁne the basic cluster
parameters, which are crucial for the prediction (see Sec. 1.2.3) of the future survival of a
young star cluster.
Mass Segregation
Analyzing the resolved stellar population and its underlying mass function (MF) shows that
many of these massive star clusters are mass segregated, such as in the Orion Nebula Clus-
ter (ONC, Hillenbrand and Hartmann 1998), the Arches cluster (Stolte et al. 2002), or
NGC 3603 (Pang et al. 2013). Mass segregation means that many more high-mass stars
are located in the center than in the outer regions compared to the low-mass stellar pop-
ulation. It is still a matter of debate whether mass segregation in such young clusters is
primordial, meaning that the more massive stars formed originally in the central regions of
the cluster, or whether it is dynamical, implying that they formed equally throughout the
region and moved inwards due to interactions with the numerous low-mass stars.
For example Bonnell and Davies (1998) argued with the young age of the Trapezium
cluster in the ONC that the massive stars did not yet have the time to move to the cluster
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center but were born at their current location. The primordial mass segregation scenario is
supported by the competitive accretion theory of Bonnell et al. (2001) and Bonnell and Bate
(2006), which suggests that protostars can accrete more mass in the dense central regions
of a young star cluster than in the outer regions.
On the other hand, McMillan et al. (2007) argue that young clusters showing mass seg-
regation may be a result of mergers between small clumps that are already dynamically mass
segregated.
Krumholz et al. (2009) and Moeckel and Bonnell (2009) argue that mass segregation
can even occur on very short time scales so that the massive stars can be formed anywhere
in the cluster.
Haghi et al. (2015) show that the scenarios of primordial mass segregation and mass seg-
regation through evolution inﬂuences the shape of the present-day mass function (PDMF)
slope in the low-mass regime (m ≤ 0.5M⊙) diﬀerently. In their simulations Haghi et al.
(2015) see a signiﬁcant ﬂattening of the mass function in the low-mass regime if primordial
mass segregation is present. Yet this is still hard to conﬁrm observationally, since the de-
tection limits mostly cut oﬀ at higher masses and the mass determination of these low-mass
PMS stars is still too uncertain (see Sect. 1.1.5).
Another theory by McMillan et al. (2007) and Moeckel and Bonnell (2009) is that the
process of merging subclusters keeps the mass segregation imprint of these individual sub-
clusters while Allison et al. (2010) argued that mass segregation can be introduced dynam-
ically through violent relaxation much more rapidly than through two-body relaxation.
As one can see this is a very complicated topic, which will need a lot more data analyses.
With the upcoming James Webb Space Telescope, for the ﬁrst time, we will have the oppor-
tunity to sample the stars down to the lowest-masses in statistically signiﬁcant numbers, to
further investigate these scenarios.
1.2.2 The formation of young massive star clusters
So far we have discussed the general properties of YMCs. Another important aspect is their
formation. In order to understand the formation processes of YMCs one needs to understand
their progenitor clouds. So far only a few pre-star-forming clouds have been identiﬁed. These
clouds need masses much higher than the total stellar mass of the ﬁnal YMC (M ≥ 104M⊙)
and taking into account the star formation eﬃciency ǫ, the initial gas mass should beM initgas =
M⋆/ǫ.
In general there are two major theories on how cluster formation takes place:
Monolithic cluster formation: The stars form in a gravitationally bound centrally
condensed population in one extremely compact parent giant molecular cloud. After
the stars have begun to form, feedback processes expel the remaining gas and the
reduced gravitational potential due to mass loss causes the cluster to expand to a ﬁnal
volume and its ﬁnal, reduced density (e.g., Lada et al. 1984; Bastian and Goodwin
2006; Banerjee and Kroupa 2015).
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Hierarchical cluster formation: In this scenario the stars form following the structure
of the parental molecular cloud, which is known to be hierarchical and substructured
(e.g., Larson 1981; Kruijssen 2012). An increased star formation eﬃciency in the
denser regions causes local removal of the gas and leading to a domination of the
stellar dynamics and form subclusters (e.g., Longmore et al. 2014; Dale et al. 2015).
This is followed by a hierarchical merging of the subclusters, resulting in a centrally
concentrated and bound cluster (e.g., Parker et al. 2014).
The discussion on monolithic versus hierarchical cluster formation is more relevant to
the assembly of the cluster after the onset of star formation. Although the distribution of
the gas and the stars are linked, this does not fully include the initial conditions of the gas
(cloud) density at the very beginning of the formation of YMCs. This can be described in
general by three diﬀerent proposed initial conditions for massive star cluster formation (e.g.,
Longmore et al. 2014; Walker et al. 2016):
Conveyor-belt: The initial density of the gas (and stars) is lower than the one of the
ﬁnal un-embedded YMC. The evolution is mainly deﬁned by the collapse of the molec-
ular cloud and on-going star formation.
In situ: The initial gas distribution is similar to the ﬁnal star distribution. The YMC
forms with little to no expansion or contraction.
Popping: The initial gas density is higher than the stellar density of the un-embedded
cluster. After the stars have formed the remaining gas gets expelled and, due to its
reduced mass, the cluster expands to its ﬁnal density distribution.
A recent attempt to ﬁnd such progenitor clouds was made by Johnson et al. (2015).
Using ALMA CO and 870µm observations in the Antennae galaxy system, Johnson et al.
(2015) have found one such cloud with properties of having a radius ≤ 24pc and a mass
> 5 · 106M⊙. This cloud is dense enough to form stars and star clusters and the lack of
thermal emission suggests that star formation has not yet altered the initial conditions. So
far this is the only cloud capable of forming massive star clusters that has been found in the
Antennae galaxy.
Finding these clouds in other galaxies is an important step forward in understanding the
star cluster formation in diﬀerent environments, but all these observations have a crucial
problem, the extragalactic progenitor clouds cannot be spatially resolved to a level where
YMC formation can be observed (at least not in the near future). Therefore, Galactic surveys
(including SMC and LMC) are important to ﬁnd these clouds. The major problem so far
has been to ﬁnd these progenitor clouds, where star formation has not yet begun. Only
over the last years was it technically possible to carry out large Galactic plane surveys in
the right wavelength range, in oder to ﬁnd these clouds, such as the NANTEN CO Galactic
Plane Survey (Mizuno and Fukui 2004) or the Bolocam Galactic Plane Survey (Aguirre et al.
2011). A study of 18 clouds massive enough to form > 104M⊙ star clusters within the ﬁrst
quadrant of the Galaxy outside the central kiloparsec by Ginsburg et al. (2012) using data
from the Bolocam Galactic Plane Survey showed that all candidate clouds already show star
formation. Nevertheless, Ginsburg et al. (2012) were able to use it to place an upper limit
on the lifetime of clouds forming high-mass stars.
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Another possible scenario for the formation of a massive star cluster is the cloud-cloud
collision of giant molecular clouds. This can lead to a long-lasting, extended formation of a
low-mass stellar population. Cloud-cloud collision is considered as one of the modes for high-
mass star formation. Theoretical studies and hydrodynamical simulations for the scenario
of cloud-cloud collision were made by Habe and Ohta (1992); Anathpindika (2010) and
Takahira et al. (2014). This scenario has been suggested by Nigra et al. (2008) and Cignoni
et al. (2009) for the star cluster NGC 602 in the SMC and is also debated for other star
clusters such as NGC 3603 (Fukui et al. 2014) and RCW 38 (Fukui et al. 2016) in the MW.
One important question in massive star cluster formation is whether the environment
of the progenitor cloud plays a role, especially if one wants to use the studies and obser-
vations in the MW to generalize the results for other galaxies. Extensive studies have been
made to characterize the gas properties in the MW, and are found to be substantially diﬀer-
ent depending on the location (for an overview see the reviews and studies by Morris and
Serabyn 1996; Ferrière et al. 2007; Molinari et al. 2014; Longmore et al. 2014, and refer-
ences therein). In summary, the conditions in the Galactic center are very diﬀerent from the
ones in the disk. The gas in the center has much higher densities (Longmore et al. 2013), a
larger velocity dispersion (Shetty et al. 2012), and a higher kinetic energy (Ao et al. 2013).
Additionally, the metallicity varies within a factor of two of the Solar value (Najarro et al.
2009). Summarizing, one can say that the location within the MW matters. In the Galactic
center the formation of YMCs is generally slow, meaning the gas is able to reach very high
densities without forming stars. External events, such as cloud-cloud collisions, shocks, or
tidal forces allow some of the gas to collapse under its own gravity and forming a YMC in
the “in-situ” mode. On the other hand, so far, analyses have shown that the Galactic disk
lacks starless 105M⊙ clouds (e.g., Ginsburg et al. 2012, and studies therein), leading to the
conclusion that the preferred mode is the “Conveyor-belt” like mode, which may take place
in the interaction zones of could-cloud collisions (e.g., Furukawa et al. 2009; Ohama et al.
2010; Fukui et al. 2014).
Independently of the diﬀerences of the modes and location of cluster formation the re-
sults are very similar, leading to a YMC. Kruijssen and Longmore (2013) showed that the
properties in terms of their baryonic composition, kinematics, and densities, giant molecular
clouds in the Solar neighborhood are similar to those in nearby galaxies and on the current
observational uncertainty level the clouds in the Galactic Center are indistinguishable from
those in high red-shift galaxies (e.g., Bastian et al. 2010). Following Kruijssen (2015), star
formation in these high red-shift galaxies are the “natural” origin of globular clusters.
Summarizing the results shown above, to understand star cluster formation throughout
the Universe and cosmological time scales (especially globular clusters), it is crucial to un-
derstand the formation of YMCs in the MW, since these results can be directly applied to the
unresolved extragalactic observations.
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1.2.3 The future of (young) massive star clusters
One of the most important key questions for the evolution of massive star clusters is, whether
the YMC will survive, meaning staying gravitationally bound, or will it dissolve into the ﬁeld
population. The evolution of massive star clusters can be divided into three major steps:
The first few Myr: During this phase, stars are still forming and the cluster contains
a signiﬁcant fraction of gas.
<0.1–1Gyr: This phase begins at the ﬁrst supernovae explosion (∼ 3Myr after for-
mation, Eggleton 2006). The cluster is mostly gas free but stellar mass loss plays an
important role.
>0.1–1Gyr: Stellar dynamical processes dominate the evolution of the cluster.
During the ﬁrst phase (the ﬁrst fewMyr) the cluster evolution is dominated by a complex
network of interactions between the conversion of gas into stars (within 105Myr, see Sect. 1.1
and e.g., Clarke 2010; Elmegreen 2000) and the feedback eﬀect of the stars on the gas
cloud (e.g., Dale et al. 2005, 2012). Unfortunately this phase of cluster evolution is not very
well understood. To understand and to simulate long-term cluster survival these “initial”
conditions set by the ﬁrst phase are crucial but leave large uncertainties. Therefore, spatially
resolved observations of massive star clusters during the early years of evolution, such as
Westerlund 2 (this work) or NGC 3603 (e.g., Pang et al. 2011), are very important to better
constrain the initial conditions for long-term cluster evolution simulations. These initial
conditions, for which assumptions need to be made, are:
The stellar initial mass function: The distribution of stars in terms of their mass (e.g.,
Salpeter 1955; Scalo 1986; Kroupa 2001; Chabrier 2003b), as well as the upper mass
cut-oﬀ, i.e., the most massive stars. The high-mass population is important in the early
years (feedback, etc.), while the low-mass stellar population contains most of the mass
and so will be, later-on, the main driver of the cluster dynamics.
Multiplicity of stars: It has been shown that a non-negligible fraction of stars are
components of binaries or higher-order multiples. Outside of the immediate Solar
neighborhood these binaries and multiples are hard to detect. Therefore, the assump-
tion of a certain binary fraction with a speciﬁc mass distribution inﬂuences the mass
function (MF) and as a result the total stellar mass of the cluster.
Mass segregation: A concentrated high-mass stellar population in the center of a
cluster can be much more destructive than an uniformly distributed population. The
early mass loss due to high mass stellar evolution will lead to a stronger expansion
in the mass-segregated case, increasing the chance of dissolving the cluster, than in
unsegregated clusters (Vesperini et al. 2009).
Velocity and spatial distribution of the stars: Although for simplicity it is often as-
sumed that the stellar distribution in a cluster is spherical (e.g., Plummer 1911; King
1966), observations show this is not the necessarily the case (see this study, Sect. 8.3).
Virial ratio: The ratio between the kinetic and potential energy after the gas has been
expelled leaves the star cluster out of equilibrium, and therefore maybe unbound (e.g.,
Hills 1980).
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Tidal field: Young star clusters are located within their host galaxy, meaning they feel
its gravitational potential, which can lead to tidal stripping.
The ﬁrst important step toward a long-term survival for a YMC is to over-come the “infant
mortality” (Lada and Lada 2003). This describes the sudden decrease of the total number
of YMCs after a few Myr. This is explained by the rapid (< 1Myr, Seale et al. 2012) removal
of the gas (due to the winds of the OB-star population and supernovae explosions) after
the main star formation period. The gas expulsion time scale is meant to be short (a few
dynamical time scales, see eq. 1.6) leaving the cluster in state far out of thermal equilibrium.
This “sudden” decrease of mass leads to a shallower gravitational potential and results in the
expansion of the cluster. This transition makes the star cluster vulnerable to dissolution
which is, most likely, caused by a combination of tidal ﬁelds, the dynamical relaxation, and
the interaction between the cluster and its surrounding GMCs (Gieles et al. 2006; Kruijssen
et al. 2011).
Surviving phase 1, a YMC has made its ﬁrst big step toward long-term survival. During
phase 2 the cluster evolution is dominated by the high-mass stellar evolution and stellar mass
loss. Most of the high-mass stars will leave the MS within a few Myr, and explode as super-
novae and, depending on their mass, collapse into a black hole. The supernova explosions
lead to a redistribution of the cluster’s mass and a signiﬁcant mass loss of the cluster (10%–
30% during the ﬁrst 10–100Myr for a Kroupa 2001, IMF between 0.1–100M⊙), dominated
by stellar mass loss. Some high velocity stars, exceeding the cluster’s escape velocity, will
escape the cluster’s potential (e.g., Spitzer 1987; Heggie and Hut 2003). These are either
stars of the high-velocity tail of the Maxwellian velocity distribution or high-velocity runaway
stars accelerated by interactions with massive stars or by violent events such as supernova
explosions. This will again cause an expansion of the cluster to adapt to the changing grav-
itational potential. Although this is not as violent as the rapid gas expulsion in phase 1, it
can still lead to the cluster’s dispersal.
Phase 3 starts at the point when the stellar mass loss becomes minor as compared to
the cluster evolution and the cluster stops to respond. Due to internal motions the cluster
may keep expanding until it completely dissolves. In mass-segregated clusters however, this
expansion will not be not be homologous. Due to a faster stellar evolution of the massive
(segregated) core population, the cluster tends to lose relatively more mass in the center
than in the lower mass halo stars. The result is a more dramatic expansion of the cluster
core, with less severe eﬀects farther out. If the cluster core is massive enough to overcome
expansion and contracts again until it reaches thermal equilibrium. This would mean that
the cluster is stable and will survive on a longer time frame.
Additionally during all the evolutionary stages external perturbations can also destroy
the cluster, such as encounters with GMCs (Spitzer 1958). Due to the much higher mass of
a GMC it is more likely that the cluster gets destroyed (Theuns 1991). Besides GMCs the
cluster can encounter external tidal perturbations caused by passages through the galactic
disk (e.g., Ostriker et al. 1972; Gnedin and Ostriker 1997), the bulge (e.g., Gnedin et al.
1999), or the spiral arms (e.g., Gieles et al. 2007).
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1.2.4 The connection of YMCs to globular clusters
Observations in nearby galaxies have uncovered a large population of YMCs, mostly located
in the disks of the galaxies, compared to globular clusters, which are located in the halos
of galaxies. Globular clusters are found in all kind of galaxies including our own (Peng
et al. 2008). The MW contains more than 150 old globular clusters with ages up to 13Gyr
and masses up to 106M⊙ (e.g., Brodie and Strader 2006; Forbes and Bridges 2010). Yet
the formation and origin of globular clusters is one of the major, still unsolved problems.
Kruijssen (2015) argues that globular clusters are the “natural” outcome of high-redshift star
formation yet an observational conﬁrmation is still missing at these high redshifts (z > 2).
One of the main questions remaining is, where do multiple populations in globular clusters
come from.
In order to fully explain globular clusters and their formation, it is essential that we
understand, in detail, the massive cluster formation and their evolution. This will give us
the possibility to properly model the further evolution and to link it to the early evolution of
the Universe. As long as we cannot spatially resolve YMCs in the more distant Universe, the
only way to gain further insight into the physical processes of cluster formation and evolution
is to observe the closest of these clusters (in the MW, LMC, and SMC) and to study them in
detail.
1.2.5 What do we know about the most massive galactic YMCs?
The deﬁnition for YMCs, given in the review by Portegies Zwart et al. (2010) is also used later
by Longmore et al. (2014) and gives a fair representation of the diﬀerent kinds of clusters.
They state that a cluster is young if t ≤ 100Myr, massive if M > 104M⊙ and it should be
likely to survive for ∼ 10Gyr so it has the chance to become a globular cluster implying
a density of ρ ≥ 103M⊙ pc−3. This also indicates that their stellar density is so high that
stellar collisions and interactions start to play an important role.
Applying these criteria to the known MW clusters and to the Magellanic Clouds, only
a few fulﬁll these properties, of which the most prominent ones are listed in Tab. 1.2.1
including R136 in the Large Magellanic Cloud (LMC) and NGC 346 in the Small Magellanic
Cloud (SMC). Although the Orion Nebula Cluster (ONC) is not massive enough to count as a
massive star cluster, we decided to list it nevertheless, since it is, due to its close proximity, the
best studied young star cluster. As examples for YMCs we show in Fig. 1.2.1 NGC 3603 and
R136. Although these are not the most massive young star clusters known (which may have
masses of several 105M⊙ for super star clusters in M82 or NGC 1569, e.g., Westmoquette
et al. 2014), their importance is clear due to the possibility of spatially resolving their stellar
population spatially resolved (see Fig. 1.2.1).
To better compare the results of this work on Wd2 to other YMCs we will brieﬂy discuss
the known properties of each of the most prominent, resolved YMCs. A summary of these
properties is given in Tab. 1.2.1. An introduction of Wd2 is given in Chapter 2. We limit
ourselves to those YMCs that host a pronounced population of OB stars and are younger
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Figure 1.2.1: The YMCs NGC 3603 (left, Credit: NASA, ESA and the Hubble Heritage (STScI/AURA)-ESA/Hubble
Collaboration) and R136 (right, Credit: ESA/Hubble & NASA, P. Crowther (University of Sheffield)) both observed
with the Hubble Space Telescope.
than 5Myr. The slope of the present-day mass function (PDMF) varies between diﬀerent
clusters and can be shallower, similar, or steeper than the ordinary Salpeter (1955) or Kroupa
(2001) initial mass function (IMF). If known, all clusters show a signiﬁcant degree of mass
segregation.
NGC 346
The YMC NGC 346 is located in the SMC at a distance of d = 39 kpc and has an age of
∼ 3Myr (Bouret et al. 2003) with a total stellar mass of 8 · 104M⊙ (Sabbi et al. 2007). It is
the central ionizing star cluster of the largest and brightest H II region N66 in the SMC and
contains the majority of the known O-stars (33 known in NGC 346) in the SMC of which 11
are of spectral type O6.5V or earlier (Walborn and Blades 1986; Massey et al. 1989).
Diﬀerent studies of the region have shown a complex star formation history (Sabbi et al.
2007). There is evidence for an old episode of star formation assigned to the oldest popula-
tion (∼ 10Gyr) observed in the SMC. The last moderate enhancementwas probably 150 Myr
ago. The population of NGC 346 (1–3Myr) is distributed in at least 15most likely coeval sub-
clusters. Cignoni et al. (2011) showed that the latest star formation episode started 6–8Myr
ago and peaked about 3Myr ago at 2 · 10−5M⊙ yr−1 pc−2.
Nota et al. (2006) pointed out the existence of an extended low-mass (0.6–3M⊙) PMS
population associated with NGC 346, indicating on-going star formation, which is supported
by the discovery of a population of YSOs still embedded in the gas clouds by Bolatto et al.
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Table 1.2.1. Overview over the most prominent young massive star clusters
name R.A. decl. mass age dist. PDMF slope mass segregation
(J2000) [104M⊙] [Myr] [kpc] Γ
NGC 346 00h59m05s.2 −72◦10′28′′ ∼ 8 ∼ 3 60.6 −1.43± 0.18 yes, likely primordial
ONC 05h35m17s.3 −05◦23′28′′ 0.46 1–2 0.4 ≈ −1.3 yes, likely primordial
R136 05h38m52s.4 −69◦06′03′′ 2.2–5 ∼ 1.5 48.5 −1.2± 0.2 unknown
Westerlund 2 10h23m58s.1 −57◦45′49′′ ∼ 3.6 1–2 4.16 −1.53± 0.05 yes, likely primordial
Trumpler 14 10h43m56s.0 −59◦00′33′′ ∼ 1 ≤ 2 ∼ 2.3 −1.3± 0.1 maybe, dynamical
NGC 3603 11h15m23s.0 −61◦15′00′′ ∼ 1 1–2 4.9 −0.88± 0.15 yes, dynamical
Westerlund 1 16h47m04s.0 −45◦51′04′′ 4.9 4± 0.5 4.0 −1.44+0.20
−0.08 yes, dynamical
Arches 17h45m50s.5 −28◦49′28′′ ∼ 1 ∼ 2 ∼ 8 −0.8± 0.2 yes, unknown
Quintuplet 17h46m15s.0 −28◦49′41′′ ∼ 2 3± 0.5 ∼ 8 −0.68+0.13
−0.09 unknown
Note. — In this table we present the summary of the basic properties from the most prominent YMC in
the MW and Magellanic Clouds. All parameters are described in this Section including their references. The
properties for Wd2 are based on this work. Column 1 gives the clusters name, while Column 2 and 3 provides
the coordinates of the cluster centers. Column 4 and 5 shows the most recent estimation of the clusters mass
and age, respectively. Column 6 shows the heliocentric distance. Column 7 provides information whether the
cluster is mass sgeregated and the its origin.
(2007) using observations from the Spitzer Space Telescope. De Marchi et al. (2011a) dis-
covered 680 bona ﬁde PMS candidates between 0.4M⊙ and 4M⊙ showing active mass ac-
cretion via their Hα excess emission. The median mass accretion rate was estimated to be
M˙acc = 3.9 · 10−8M⊙ yr−1.
An analysis of the PDMF by Sabbi et al. (2008) down to the Solar mass regime revealed
a slope of Γ = −1.43± 0.18, consistent with a Salpeter (1955) IMF. An analysis of the radial
dependence of the PDMF slope in combination with the cluster’s age showed that NGC 346
is (most likely) primordially mass segregated.
Orion Nebula Cluster
Clearly one of the most outstanding and probably the most frequently observed nearby (d <
1 kpc) star forming region is the ONC with its four central prominent OB stars, forming the
Trapezium cluster (Trumpler 1931). It seems that a convergence for the distance to the
ONC has been found around d = 400 pc, using diﬀerent distance measurement techniques,
yet most measurements have uncertainties of 15–20% (see extensive discussion in Muench
et al. 2008). The age of the ONC is estimated to 1–2Myr.
Due to its close proximity, the ONC revealed the earliest and one of the most astonishing
images of circumstellar disks and envelopes of protoplanetary disks (proplyds, see right,
mid panel of Fig. 1.1.2) observed with the Hubble Space Telescope (e.g., O’Dell et al. 2008).
Hillenbrand and Hartmann (1998) ﬁnd a total stellar mass for the ONC ofM = 4600M⊙.
Diﬀerent analyses of the proper motions and radial velocities of ONC members showed
that the velocity dispersion in the ONC is about σv = 2.3 km s−1 (e.g., Jones and Walker
1988; Sicilia-Aguilar et al. 2005; Tobin et al. 2009; Da Rio et al. 2014, and references
therein). This velocity dispersion, in combination with the stellar mass ofM = 4.6 · 103M⊙
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places the ONC in a supervirial state (Da Rio et al. 2014), leading to its probable dissolution
in the future (infant mortality).
The PDMF is well studied (e.g., Hillenbrand and Carpenter 2000; Slesnick et al. 2004;
Da Rio et al. 2010) with general agreement on a Salpeter (1955) like slope of Γ = −1.35
ﬂattening to a plateau around 0.2–0.3M⊙. Due to its close proximity, the ONC is the perfect
testbed to study the PDMF down to the brown dwarf limit (e.g., Da Rio et al. 2012), yet there
is no consent on its shape in this low-mass regime. The ONC shows hints of mass segregation
(Hillenbrand and Carpenter 2000) for the highest mass stars (in total 20 OB stars have been
revealed), which is suggested to be primordial regarding the young age of the cluster. A
detailed description of the ONC stellar population can be found in Muench et al. (2008) and
O’Dell et al. (2008).
R136
The R136 cluster is a bound super star cluster in the center of the star forming region
NGC 2070 in the Taratula Nebula (30 Doradus) at a distance of 48.5 kpc. It contains at
least 2.2 ·104M⊙ within a radius of 4.7 pc (Hunter et al. 1995), while Andersen et al. (2009)
estimate its mass to be 5 · 104M⊙. Cignoni et al. (2015) showed that the mass estimate de-
pends on the degree of contamination from the halo of NGC 2070 for which they estimate a
total stellar mass of 9 ·104M⊙ using data from the Hubble Tarantula Treasury Project (HTTP,
Sabbi et al. 2013).
Walborn and Blades (1997) suggest that the R136 cluster population has an age of 2–
3Myr and possibly triggered a∼ 1Myr population in the immediate surrounding. This result
is consistent with the ﬁndings of Sabbi et al. (2012), which show that stars in R136 are at
most 2Myr old. Crowther et al. (2016) estimate the cluster age to be 1.5+0.3−0.7Myr using UV
spectroscopy of the brightest stars, in agreement with the above results.
R136 hosts the most luminous and massive stars known with masses of 100-150M⊙ and
spectral types of O2–3V (Crowther et al. 2016). The whole 30 Doradus region shows an
extremely high rate of star formation with about 25% of the massive recent (< 10Myr)
star formation in the LMC (Kennicutt 1991). The estimated star formation rate in R136
is 2.8 · 10−4M⊙ yr−1 pc−2, more than a magnitude higher than in NGC 346 in the SMC
(Cignoni et al. 2015). Andersen et al. (2009) derived a PDMF with a slope of Γ = −1.2±0.2
similar to the Salpeter (1955) slope, but so far it was not investigated whether R136 is mass
segregated.
Trumpler 14
The young massive star cluster Trumpler 14 (Tr 14) is about 1–3Myr old (Hur et al. 2012)
and is part of the Carina Nebula (NGC 3372; for an overview we refer to Smith and Brooks
2008). As a member of the Carina Neblua, Tr 14 is located at a distance of about 2.3 pc in
the Carina-Sagittarius spiral arm of the MW (Allen and Hillier 1993; Walborn 1995; Smith
2002). Tr 14 has an abnormal extinction law of RV = 4.4 ± 0.2 (Hur et al. 2012).
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Tr 14 hosts at least 15 OB-stars (Smith 2006). The most massive one has a spectral type
of O2 IF⋆. Together with Trumpler 16, of which the star η Car is the most luminous member,
and a few other smaller clusters, Tr 14 is part of the central main energy source powering
the Carina Nebula.
Using UBV IC photometry, Hur et al. (2012) derived a mass function down to 1.5M⊙
with a slope of Γ = −1.3±0.1 similar to the Salpeter (1955) IMF. Adopting a Kroupa (2001)
IMF, Ascenso et al. (2007b) estimated a total mass of 0.9–1.1 · 104M⊙ for Tr 14 while Sana
et al. (2010) obtained an integrated total mass of ∼ 4.3+3.3−1.5 · 103M⊙ also using a Kroupa
(2001) IMF but using diﬀerent observations. Both groups argue that the largest uncertainty
originates from the imperfect foreground population subtraction.
Sana et al. (2010) investigated a possible mass segregation scenario for Tr 14. They see
hints that the brightest stars seem to be more concentrated toward the cluster center, which
they interpret as hint for mass segregation but so far it has not been conﬁrmed by other
studies. By comparing the dynamical friction time scale with the cluster’s age, they argued
that if mass segregation is present it does not need to be primordial and can be explained
by dynamical evolution.
Using the same technique as for NGC 346, Beccari et al. (2015) discovered 356 bona ﬁde
PMS Hα excess emitters in Tr 14. The Hα emission originates from active mass accretion
from the surrounding proto-stellar disks of the PMS stars.
NGC 3603
The central cluster HD 97950 of the giant H II region NGC 3603 is one of the most massive
star clusters in the MW and has been subject to many studies. At a distance of 6.9 kpc
(derived via isochrone ﬁtting to CMDs, Sung and Bessell 2004), the cluster contains three
Wolf-Rayet and around 50 O-type stars with spectral types up to O3V (Drissen et al. 1995).
The photometric mass is estimated to be ∼ 104M⊙ (using the AO system NACO at the
VLT for the JHLSL′ ﬁlterset, Harayama et al. 2008), while Pang et al. (2013) determined
a dynamical mass of (1.9± 0.6) · 104M⊙. This dynamical mass was estimated via the 1D
velocity dispersion computed from proper motions of member stars using two epochs of
HST/WFPC2 data.
Fitting isochrones to CMDs show an age of 1–2Myr for HD 97950 with a non-signiﬁcant
age spread (Stolte et al. 2004; Pang et al. 2013).
Over the past decades, the PDMF of HD 97950 has been widely discussed in literature.
The slope of the PDMF ranges from Γ = −0.73 (1–30M⊙ Eisenhauer et al. 1998), Γ =
−0.95±0.1 (2.5–100M⊙ Sung and Bessell 2004), Γ = −0.91±0.15 (0.4–20M⊙ Stolte et al.
2006), Γ = −0.74+0.62−0.47 (0.4–20M⊙ Harayama et al. 2008), to Γ = −0.88 ± 0.15 (> 4M⊙
Pang et al. 2013). All these studies agree quite well and show a much shallower slope than
a Salpeter (1955) IMF. In the latest study of NGC 3603, Pang et al. (2013) demonstrated in
detail the high degree of mass segregation in the HD 97950 cluster. Estimating the dynamical
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mass segregation timescale, Pang et al. (2013) concluded that HD 97950 is dynamically mass
segregated.
Westerlund 1
At a distance of (4.0±0.2) kpc Westerlund 1 (Wd1) is with 4.91+1.79−0.49 ·104M⊙ (using NTT/SofI
J and KS broadband photometry, Gennaro et al. 2011) the most massive YMC in the MW.
Using the radial velocity dispersion of 10 stars (determined via VLT/ISAAC near-infrared
spectra) Mengel and Tacconi-Garman (2009) estimated a dynamical mass of 1.5+0.9−0.7 ·105M⊙
and concluded that Westerlund 1 will not dissolve in the future.
Diﬀerent studies converge at an Wd1 cluster age of about 5Myr. While Gennaro et al.
(2011) estimate an age between 3Myr and 5Myr using near IR photometry, Crowther et al.
(2006) suggested an age of 4.5–5Myr by comparing the number of Wolf-Rayet stars to the
number of cool hypergiants. Negueruela et al. (2010) favors an age of ≥ 5Myr studying the
massive, spectroscopically classiﬁed stars.
Using the FORS2 instrument at the VLT, Negueruela et al. (2010) obtained intermediate-
resolution spectroscopy over the range 5800–9000Å and identiﬁed 57 stars as OB cluster
members with spectral types of O9–B0. According to an estimate of Muno et al. (2006)Wd1
has already undergone about 65 supernova events. Crowther et al. (2006) showed that Wd1
hosts at least 24 Wolf-Rayet stars.
Gennaro et al. (2011) ﬁtted a typical Salpeter (1955) or Kroupa (2001) shaped high-mass
IMF to the PDMF for all stars above 3.5M⊙ ﬁnding a slightly steeper slope of Γ = −1.44+0.20−0.08.
The spatial variation of the PDMF slope and the density distribution of the massive stars
suggest that Wd1 is mass segregated. Comparing the dynamical time scale of Wd1 with its
age leads to the conclusion that primordial mass segregation is not necessary to explain the
present-day distribution of the massive stars. Its elongated shape suggests that Wd1 is likely
the product of subcluster merging.
The Arches cluster
The Arches Cluster is located near (projected distance ∼ 25 pc) the Galactic Center about
∼ 8 kpc away from the Sun (McNamara et al. 2000). The Galactic Center counts as one of the
most extreme star forming environments in the MW, dominated by the high stellar and gas
density, tidal torques, turbulent motion, and a steep gravitational potential. Despite these
destructive forces the high gas densities lead to the Galactic center being the most eﬃcient
star forming environment in the MW.
With an estimated mass of 104M⊙ and a central density of 3 · 105M⊙ pc−3, the Arches
Cluster is the densest YMC known in the MW (Figer et al. 1999b; Stolte et al. 2002; Habibi
et al. 2013). Harfst et al. (2010) estimated the dynamical mass to be 4·104M⊙ using N-body
simulations. Studying the properties of Wolf-Rayet stars Blum et al. (2001) estimated an age
between 2Myr and 4.5Myr.
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The Arches cluster is believed to host at least 125O-type stars (Lang et al. 2001). Because
of this violent environment it came as a surprise when Stolte et al. (2010) found 21 IR
excess emission sources (using deep Keck/NIRC2HK ′L′ photometry), of which 3 show the
signature of a circumstellar disk.
For the slope of the PDMF of the Arches cluster Figer et al. (1999b) determined a slope
of Γ = −0.7 for stars more massive than 10M⊙. Using HST/NICMOS (F160W and F205W
ﬁlters) and AO Gemini (H and K ′ ﬁlters) data, Stolte et al. (2002) derived slopes of Γ =
−0.82±0.14 and Γ = −0.7±0.16, respectively. Both were derived for a mass range between
10M⊙ and 65M⊙. All derived PDMFs show slopes less steep than the Salpeter (1955) slope.
The radial analysis of the PDMF shows an almost ﬂat slope in the cluster center while a slope
of Γ = −1.7 ± 0.7 applies for the outer regions, showing that the Arches cluster is heavily
mass segregated (Stolte et al. 2002, 2005). Close to the Galactic Center simulations suggest
that the initial conditions are canceled out within 1Myr so dynamical and primordial mass
segregation cannot be distinguished at the age of the Arches cluster of ∼ 2Myr.
The Quintuplet cluster
Besides the Arches Cluster, the Quintuplet cluster is the second YMC located in the Galactic
center. It is named after ﬁve prominent bright stars (Nagata et al. 1990) and is located in
a projected distance of 30pc from Sagittarius A⋆, the supermassive black hole located at
the center of the MW. Based on K-band spectra Liermann et al. (2012) and Liermann et al.
(2014) estimated an age of 3.0±0.5Myr by constructing a Hertzsprung-Russel diagram. The
cluster’s stellar mass comprises ∼ 2 · 104M⊙ (Shin and Kim 2016).
So far 21 Wolf-Rayet stars (Liermann et al. 2009, 2010) and 93 OB stars (Figer et al.
1999a) have been identiﬁed. After ﬁnding disk-bearing objects in the Arches cluster (Stolte
et al. 2010) in close proximity to such a large population of massive OB stars, Stolte et al.
(2015) used the VLT/NACO (KSL′) and HST/WFC3 (F125W and F160W ) observations to
also ﬁnd such objects in the Quintuplet cluster. 26 L-band excess objects were found.
Using high-resolution H and KS-band observations obtained with the ESO/VLT NACO
instrument Hußmann et al. (2012) determined a slope of Γ = −0.68+0.13−0.09 for the PDMF,
shallower than the Salpeter (1955) slope. Up to now the question about mass segregation
remains unanswered.

Deine Wahrnehmung bestimmt deine Realität.
— Qui-Gon Jinn
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The young massive star cluster Westerlund 2
Parts of this chapter are included in Sect. 1 of Zeidler et al. 2015, AJ, 150, 78, Zeidler et al.
2016, AJ, 152, 4 and Zeidler et al. 2016, AJ, submitted.
The young massive star cluster Westerlund 2 (hereafter Wd2) was discovered in 1961
(Westerlund 1961) by, and later named after, Bengt Westerlund a Swedish astronomer. He
identiﬁed it as a “fairly strong H II region”. It had been already reported by Hill et al. (1958)
as being a radio source not connected to any optical source known at that time. Westerlund
(1961) concluded that the source he detected is “an H II region excited by an association of
young stars with a dense cluster in one part and a WN61 star in another”. According to his
analysis Wd2 is about 6 kpc away with a varying extinction between AV = 1 and 6mag.
Since its discovery 55 years agoWd2 has been discussed in multiple studies, yet many pa-
rameters, such as distance, age, and mass remained unclear. With an estimated stellar mass
ofM ≥ 104M⊙ (Ascenso et al. 2007a) and an estimated molecular cloud mass of (1.7±0.8 –
7.5)·105M⊙ (Furukawa et al. 2009; Dame 2007, both based on millimeter CO spectroscopy),
the young massive star cluster Wd2 is one of the most massive young star clusters known
in the Milky Way (MW). It is embedded in the H II region RCW 49 (Rodgers et al. 1960)
and located in the Carina-Sagittarius spiral arm (α, δ) = (10h23m58s.1,−57◦45′49′′)(J2000),
(l, b) = (284.3◦,−0.34◦). Moﬀat et al. (1991a) suggest that Wd2 contains more than 80 O-
type stars.
1A WN6 star is a Wolf-Rayet star with an eﬀective temperature of about Te = 56000 K, and the following
spectral features: 1.25 <He II/He I< 4 and 0.2 <NV/N III< 0.5 (Smith et al. 1996).
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2.1 The RCW 49 H II region - the birthplace of Wd2
The giant H II region RCW 49 (Rodgers et al. 1960), also referred to as NGC 3247, is shown
in Fig. 2.1.1 as a color composite image from observations obtained with the Infrared Ar-
ray Camera (IRAC, Fazio et al. 2004) on board the Spitzer Space Telescope (Werner et al.
2004) for the Galactic Legacy Infrared Mid-Plane Survey Extraordinaire (GLIMPSE). The
observations were carried out in the IRAC bands 1 to 4 with central wavelengths of 3.6µm,
4.5µm, 5.8µm, and 8.0µm, respectively. Further details on this program are provided in
Benjamin et al. (2003). We marked some features such as the two Wolf-Rayet stars WR20a
(e.g., Bonanos et al. 2004) and WR20b (e.g. van der Hucht 2001) and bow shocks created
by the winds of individual O-stars colliding with large-scale interstellar gas ﬂows (Povich
et al. 2008).
RCW49 and theWd2 cluster were studied inmore detail by Furukawa et al. (2009, 2014)
and Ohama et al. (2010) using the NANTEN 2 4m submillimeter/millimeter telescope (from
the NANTEN CO Galactic Plane Survey (Mizuno and Fukui 2004)) in combination with
Spitzer data (see Fig 2.1.1). They detected three diﬀerent CO clouds with three diﬀerent
velocities (16, 4, and −4 kms−1, relative to the local standard of rest (LSR), see Fig. 1 in
Ohama et al. (2010) and Fig. 1 in Furukawa et al. (2009)). Furukawa et al. (2009, 2014)
and Ohama et al. (2010) suggested that the creation of the RCW 49 region, with the Wd2
cluster as its central ionizing cluster, was induced by a cloud-cloud collision of two of these
observed molecular clouds.
Fujita et al. (2009) observed the RCW 49 region using the Suzaku X-ray satellite. They
detected a diﬀuse X-ray emission extending 8 arcmin from the cluster center. They concluded
that this X-ray emission was caused by a star exploded as a hypernova. Since then, no such
event was indicated by any other observation or study.
The presence of a faint, uniformly distributed low-mass population (< 0.15M⊙), visible
throughout the RCW 49 area, is a hint that the actual star forming region is more extended
than the Wd2 cluster. This phenomenon was already observed by Whitney et al. (2004),
identifying ∼ 300 young stellar object candidates in the giant H II region of RCW 49 using
Spitzer IRAC MIR data of the GLIMPSE survey (Benjamin et al. 2003). Churchwell et al.
(2004) described the RCW 49 gas and dust distribution as “a complex network of thin ﬁla-
ments, pillars, sharp boundaries, and knots”. This irregular distribution and the associated
gas, probably created by the feedback of the massive stellar population, is a perfect birth-
place for a new population of stars. Whitney et al. (2004) identiﬁed ﬁve more star-forming
sites throughout the RCW 49 cloud. This is also known from other young star clusters e.g.,
NGC 3603, the ONC (e.g., Hillenbrand 1997), or the 30 Doradus region (e.g., Walborn et al.
1999; Brandner et al. 2001).
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Bowshock
WR20b
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Figure 2.1.1: Color composite image of the Spitzer data of RCW 49, including the IRAC 1 (3.6µm), IRAC 2
(4.5µm), and IRAC 4 (8.0µm) bands as red, green, and blue, respectively. North is up, East to the left. We
show few features such as the two Wolf-Rayet stars WR20a and WR20b. Additionally, we give the outlines of the
survey area of our HST observations (see Fig. 2.2.1)
2.2 Wd2 - A local laboratory for massive cluster evolution
Very few young (< 5Myr) and massive (> 104M⊙) star clusters are known in the MW, but
they are frequently observed in theMagellanic Clouds as well as in the more distant Universe,
especially in disk and starburst galaxies (e.g., Gascoigne and Kron 1952; Hodge 1961; Clark
et al. 2005). Therefore, Wd2 is a perfect target to study the star formation process and
feedback of the gas in the presence of massive stars as well as the possible triggering of star
formation in the surrounding molecular cloud (suggested to occur in RCW 49 by Whitney
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et al. 2004; Churchwell et al. 2004, using Spitzer mid-IR images). Additionally, there is no
hint for a supernova explosion in Wd2, meaning no such destructive event has altered the
cluster environment yet. This makes Wd2 a optimum target to study the PDMF of a young
massive cluster very close to its initial conditions. It is possible to study the PDMF of the full
upper MS intact, without any massive star already evolved away. However, the only study of
the PDMF ofWd2 so far was carried out by Ascenso et al. (2007a) using ground-based JHKs
photometry. Ascenso et al. (2007a) derived a slope of the mass function of Γ = −1.20± 0.16
assuming a distance of 2.8 kpc.
Due to Wd2’s young age it is also perfect to study accretion processes of the PMS stars
in the presence of a large number (∼ 80, see Moﬀat et al. 1991a) of O and B stars. In close
proximity to OB stars, the disks may be expected to be destroyed faster by the external UV
radiation originating from these massive stars. This would lead to a lower excess of Hα
emission in the direct neighborhood of the OB stars (Anderson et al. 2013; Clarke 2007).
This gradient can be observed, when studying the PMS population of such a cluster.
In Fig. 2.2.1 we present the color-composite image of our optical and near-infrared (NIR)
survey of Wd2, executed with the Hubble Space Telescope (HST). This image was chosen to
be the oﬃcial Hubble 25th anniversary image2.
2.2.1 The distance to Wd2
The Wd2 cluster has been widely discussed in the literature over the last decade, yet its
physical properties are poorly known. There is a considerable disagreement about the dis-
tance of Wd2: A value of 2.8 kpc was determined by Ascenso et al. (2007a) using isochrone
ﬁtting to ground-based JHKs photometry and ZAMS ﬁtting by Carraro et al. (2013) us-
ing UBV photometry. Vargas Álvarez et al. (2013) inferred a distance of 4.16 kpc using
ZAMS ﬁtting to 29 O-stars with HST/WFPC2 photometry and comparing the spectral types
of these O-stars to models. 5.7 kpc was suggested by Piatti et al. (1998) based on a subset of
O stars (Moﬀat et al. 1991b), while 6.4 kpc was determined by Carraro and Munari (2004)
via isochrones ﬁtting to UBV RI photometry. A distance of 7.9+1.2−1.0 kpc was estimated by
(Moﬀat et al. 1991b) using UBV photometry and low resolution spectroscopy in order to
classify six O-stars within Wd2. The largest distance of 8 kpc was suggested by Rauw et al.
(2007) and Rauw et al. (2011) by a spectro-photometric ﬁtting of 12 O-stars.
The studies of the CO emission spectrum in combination with the 21 cm absorption spec-
trum by Dame (2007) suggest that Wd2 must be located in between two molecular clouds,
located at 6.5 kpc and 5.2 kpc. One major diﬃculty of this method is that Wd2 is located
close to the tangent point of the Carina Arm as seen from us (i.e. Grabelsky et al. 1987),
meaning that for gas clouds with a distance to the Sun smaller and larger than Wd2, the
distance determination is degenerate.
2http://hubblesite.org/newscenter/archive/releases/2015/12/image/a/
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Figure 2.2.1: Color composite image of the HST ACS and WFC3/IR data of Wd2, including the F125W (red),
F814W (green), and F555W (blue) ﬁlters. North is up, East to the left. The FOV is ∼4 arcmin×4 arcmin. This
image was chosen to be the oﬃcial Hubble 25th anniversary image. Credit: NASA, ESA, the Hubble Heritage
Team (STScI/AURA), A. Nota (ESA/STScI), and the Westerlund 2 Science Team.
2.2.2 The reddening toward Wd2
Wd2 is located at a Galactic latitude of b = 0.34◦ directly inside the Galactic plane, leading
to a high extinction caused by the surrounding molecular gas and dust cloud of RCW 49,
as well as the interstellar medium of the MW disk. In the past, several groups have tried to
estimate the total-to-selective extinction toward Wd2.
Using the J − Ks colors of the observed stars and the theoretical color inferred from
ﬁtting isochrones to the observed population, Ascenso et al. (2007a) estimated a total visual
extinction of AV = 5.8 ± 0.5mag as best ﬁt, which does not exceed 10mag throughout the
cluster.
Using spectroscopic and photometric observations to ﬁt SEDs for each of the stars with
known spectral types and the theoretical absolute magnitudes and intrinsic colors known
from model isochrones, Vargas Álvarez et al. (2013) estimated an average total-to-selective
extinction of RV = 3.77± 0.09 and a visual extinction of AV = 6.51 ± 0.38mag.
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Carraro et al. (2013) used UBV RI photometry to ﬁt O-type stars to the ZAMS, knowing
their intrinsic colors. With this analysis they computedRV = 3.88±0.18, in good agreement
with the value found by Vargas Álvarez et al. (2013).
From the ﬁtting of SEDs of O- and B-type stars observed with the VLT Survey Telescope
and complemented with 2MASS Skrutskie et al. (2006) NIR photometry Mohr-Smith et al.
(2015) derived RV = 3.96+0.14−0.12 and AV = 6.34
+0.44
−0.32mag, both in excellent agreement with
the above studies by Carraro et al. (2013) and Vargas Álvarez et al. (2013).
All RV values are substantially larger than the MW average of RV = 3.1 (Mathis and
Wallenhorst 1981).
2.2.3 The stellar content of Wd2
The high-mass population
Wd2 contains a large number of massive, O and B-type stars. While the total content of
O-type stars in Wd2 was estimated to be ∼ 80 (Moﬀat et al. 1991a), diﬀerent spectroscopic
studies (Vargas Álvarez et al. 2013; Rauw et al. 2007, 2011) tried to reveal the existing
massive stellar population. Up to this day the total count is 37, much lower than what
(Moﬀat et al. 1991a) estimated. The spectral types range from B1V to O3V (for comparison
see Tab. 2.2.1).
A series of spectra of WR20a were taken and analyzed by Rauw et al. (2004). They found
that WR20a is a double-lined binary with a preferred orbital period of 3.675±0.030 days, with
componentminimummasses of 68.8±3.8M⊙ and 70.7±4.0M⊙. They suggest a spectral type
of WN6ha for both components. Bonanos et al. (2004) discovered it was also an eclipsing
binary and reﬁned those values to even highermasses of 83.0±5.0M⊙ and 82.0±5.0M⊙ since
they also measured the inclination. Aharonian et al. (2007) suggestedWR20a as a source for
the observed γ-rays, using the High Energy Stereoscopic System (H.E.S.S) telescope. Rauw
et al. (2005) and Carraro et al. (2013) discussed the location of WR20a outside the cluster
center (projected distance: d ≈ 30′′). Both groups argue that WR20a is most likely a member
of Wd2 but it is odd that the two most massive member stars of Wd2 are located outside
the cluster center. One possibility would be that turbulences in the molecular cloud led to
multiple sites of star formation and WR20a actually formed at its current location but so
far there is no evidence of an overdensity of a low-mass PMS population in this region (see
Sect. 8.3). Another possibility would be that WR20a actually formed in the cluster center
and got ejected. Rauw et al. (2005) argue that the rather low velocity of ∼ 0.5 km s−1 (for
an age of 1.5Myr) would not make the binary leave the cluster. The initial ejection velocity
could have been larger, depending on the cluster’s potential.
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Table 2.2.1. Comparison to spectroscopic data
ID RA (J2000) Dec. (J2000) Spec. Type mutipl. identiﬁer reference comment
1 10:23:55.176 -57:45:26.89 O4 V — MSP 165 VA13
2 10:23:56.160 -57:45:29.99 O4 V–III((f)) — MSP 182 R07
3 10:23:57.715 -57:45:34.27 O-B V — MSP 201 VA13
4 10:23:57.152 -57:45:49.00 WN6ha+WN6ha b — R04 WR20a
5 10:23:59.201 -57:45:40.53 O7.5 V b MSP 223 R11 (eclipsing)
6 10:24:01.920 -57:45:32.62 O8.5 V — MSP 196a VA13
7 10:24:00.353 -57:45:42.71 O8 V — MSP 229a VA13
8 10:24:00.475 -57:44:37.50 O-B V — MSP 28 VA13
9 10:23:00.480 -57:45:24.01 O4 V — MSP 151 VA13
10 10:24:00.499 -57:44:44.53 B1 V + PMS (K-type) b MSP 44 R11 eclipsing
11 10:24:00.528 -57:44:26.59 O-B V — VA 556 VA13
12 10:24:00.713 -57.45:25.42 O8 V — MSP 157b VA13
13 10:24:00.816 -57.45:25.87 O6.5 V — MSP 157a R07
14 10:24:00.979 -57.45:05.50 B1 V + B1 V b MSP 96 R11 eclipsing
15 10:24:01.070 -57.45:45.73 O9.5 V — MSP 233 VA13
16 10:24:01.200 -57:45:31.07 O3 V b MSP 188 VA13 (O4 + O5.5)
17 10:24:01.392 -57:45:29.66 O4 V (b) MSP 175 VA13
18 10:24:01.454 -57.45:31.33 O3 V (b) VA 714 VA13
19 10:24:01.524 -57.45:57.06 O6 V — MSP 263 R07
20 10:24:01.610 -57.45:27.89 O5.5 V — MSP 168 VA13
21 10:24:01.889 -57.45:40.05 O9.5 V — MSP 219 VA13
22 10:24:01.889 -57.45:28.00 O8 V — MSP 167b VA13
23 10:24:02.064 -57:45:28.01 O6 III (b) MSP 167a R11
24 10:24:02.186 -57.45:31.32 O9.5 V — MSP 183d R11
25 10:24:02.256 -57.45:35.12 O4–5 V — MSP 203a R11
26 10:24:02.304 -57:45:35.53 O4.5 V — MSP 444a VA13
27 10:24:02.376 -57:45:30.64 O3 V((f)) — MSP 183a R11
28 10:24:02.400 -57:45:38.16 O-B V — VA 878 VA13
29 10:24:02.414 -57.45:47.11 O9.5 V — MSP 235 VA13
30 10:24:02.448 -57.44:36.13 O5 V–III (b) MSP 18 R11
31 10:24:02.518 -57.45:31.47 O8.5 V — MSP 183b VA13
32 10:24:02.555 -57.45:30.52 O8.5 V — MSP 183c VA13
33 10:24:02.604 -57.45:32.26 O6–7 V — VA 906 R11
34 10:24:02.664 -57.45:34.38 O3–4 V — MSP 199 R11
35 10:24:02.789 -57.45:30.05 O8 V — VA 924 R11
36 10:24:03.787 -57.44:39.87 O9.5 V — MSP 32 VA13
37 10:24:04.901 -57.45:28.43 O4–5 V — MSP 171 R11
Note. — All stars with a determined spectroscopic type from Vargas Álvarez et al. (2013) and Rauw
et al. (2007, 2011). Column 1 shows the stellar ID used to refer to a speciﬁc star. Columns 2 and 3 list
the J2000 coordinates followed by the spectral type. Column 5 gives information about the binarity of the
stars. The brackets indicate a binary candidate, whose binarity has not been conﬁrmed due to insuﬃcient
data. Column 6 provides the MSP (Moﬀat et al. 1991a) identiﬁer or the VA (Vargas Álvarez et al. 2013)
identiﬁer. Column 7 list the reference for the latest spectral classiﬁcation: R07 for Rauw et al. (2007), R11
for Rauw et al. (2011), and VA13 for Vargas Álvarez et al. (2013). Column 8 gives additional information.
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Three other Wolf-Rayet stars (WR20aa, WR20b, WR20c), located in the surroundings
of Wd2, are also believed to be runaway members of Wd2. Due to the similar reddening of
WR20b and WR20a and the location close to the cluster (see Fig. 2.1.1), it is very likely that
WR20b is a cluster member (Carraro et al. 2013). Roman-Lopes et al. (2011) suggest that
also the twoWolf-Rayet stars WR20aa (projected distance: d ≈ 15.7′) andWR20c (projected
distance: d ≈ 25′) got ejected from the cluster core through interactions with each other,
based on the perfect projected alignment between the two stars and the Wd2 cluster core.
Additionally to the WR20a star, two more O-stars are known eclipsing binaries. Rauw
et al. (2011) determined orbital solutions using VLT/FLAMES spectra. For the binary system
MSP 96 (see Moﬀat et al. 1991a) they determined an orbital period of 1.0728±0.0006 days.
They suggest minimum masses of Mp sin3 i = 11.1 ± 3.0M⊙ and Ms sin3 i = 13.8 ± 6.6M⊙
for the primary and secondary component, respectively. Their BV photometry supports
absolute masses ofMp = 12.0± 3.3M⊙ andMs = 15.0± 7.2M⊙ and a spectral type of B1V
is suggested for both components. For the binary system MSP 44 (see Moﬀat et al. 1991a)
Rauw et al. (2011) determined an orbital period of 5.176±0.029 days. From a very low mass
ratio, they inferred a B1 primary with a mass of 10–12M⊙ and a PMS companion with a
mass of 1.4–1.6M⊙, most likely being an F-type star.
The PMS population
Most of the work that has been done so far on Wd2 was addressing the high-mass stellar
population. Due to the high extinction, the observation of the low-mass population is rather
challenging. (Whitney et al. 2004) used Spitzer space telescope data to identify ∼ 300 YSO
candidates in the whole RCW 49 region via SED ﬁtting. Due to the limited spatial distribution
and the dense stellar population it was impossible to study the PMS population in detail.
Using ground-based JHKs near IR data Ascenso et al. (2007a) extracted PMS stars
down to 1M⊙. Inferring a distance of 2.8 kpc using isochrone ﬁtting and a Kroupa (2001)
like PDMF, they estimated a total mass of ∼ 104M⊙ for Wd2. Additionally, they suggest a
signiﬁcant mass segregation of the massive stars. The ground-based data is seeing limited at
a spatial resolution of 0.6′′, which inﬂuences their completeness in the dense cluster center.
2.2.4 The age of Wd2
A consensus has not been reached on the age of Wd2 either, although there seems to be
general agreement that the cluster as a whole is younger than 3Myr and that the core may
be even younger than 2Myr (Ascenso et al. 2007a; Carraro et al. 2013). Both Ascenso et al.
(2007a) and Carraro et al. (2013) inferred the age by comparing the locus of the brightest
stars with the locus of isochrones. Additionally, Carraro et al. (2013) used Chandra X-ray
data. An upper age limit of ∼ 3Myr is also in agreement with the typical lifetime of most of
the O3–O5 stars of ∼ 2–5Myr (e.g., Sparke and Gallagher 2007), since until now there is
no hint for a supernova explosion in Wd2.
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This young age combined with the cluster’s half-light radius3 of about 2.4 pc and its total
mass make it likely that Wd2 is younger than half of its typical crossing time4 (∼ 5.5Myr,
Gieles and Portegies Zwart 2011). Therefore, the physical conditions of Wd2 are very close
to its initial conditions.
3The half-light radius deﬁned by the circular area in which half of the total emitted light is emitted.
4The crossing time is the time needed, for a typical cluster star, to cross the cluster once (Binney and Tremaine
1987).

Deine Augen können dich täuschen, traue ihnen nicht.
— Obi-Wan Kenobi
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HST observations and data reduction
This chapter is inculded in Sect. 2 of Zeidler et al. 2015, AJ, 150, 78.
3.1 Observations
Our observations of Wd2 were performed with the HST during Cycle 20 using the Advanced
Camera for Surveys (ACS, Ubeda et al. 2012) and the Infrared Channel of the WFC3/IR
(Dressel 2012). Six orbits were granted and the science images were taken on 2013 Septem-
ber 2–8 (ID: 13038, PI: A. Nota).
We acquired data in six diﬀerent ﬁlters: four wide band ﬁlters and two narrow band
ﬁlters. We imaged Wd2 with ACS (resolution 0.049′′/px) through the F555W and F814W
ﬁlters, corresponding to the V and I-bands, as well as the F658N ﬁlter, centered on the Hα
line. We also observed the cluster with WFC3/IR (resolution 0.135′′/px) in the F125W and
F160W ﬁlters matching the J and H-band, as well as the F128N ﬁlter corresponding to
the Paβ line. In addition, short exposures were acquired in the F555W and F814W bands
(hereafter denoted as F555W (s) and F814W (s)) to reduce saturation of the O-type stars in
the very bright cluster center and across the ﬁeld of view (FOV).
In total a FOV of ∼ 200′′ × 200′′ was needed to cover the Wd2 cluster and parts of its
surround H II region. Therefore, we used one ACS pointing to coverWd2 and a dither pattern
with four positions for the long-exposures (350 s each) in the broad band ﬁlters, subsequently
replaced by a two-position dithering for the F658N ﬁlter (for a total exposure time of 1400 s).
The short exposures were only observed at one position, each with an exposure time of
3 s. The ACS dither pattern was performed with a shift in x and y direction with an oﬀset
of ∆x = 15′′ and ∆y = 15′′ between two exposures, expressed in the internal detector
35
36 3.2. DATA REDUCTION
Table 3.1.1. Overview over the observations
Dataset Filter Camera RA(J2000) Dec(J2000) Exp. Time [s] # Exp. Date
IBYA01010 F555W ACS 10:24:08.989 -57:46:20.95 1400 4 2013-09-02
IBYA01010 F555W (s) ACS 10:24:08.989 -57:46:20.95 3 1 2013-09-02
JBYA01020 F658N ACS 10:24:03.756 -57:45:33.02 1400 2 2013-09-02
JBYA01030 F814W ACS 10:24:08.989 -57:46:20.95 1400 4 2013-09-02
JBYA01030 F814W (s) ACS 10:24:08.989 -57:46:20.95 3 4 2013-09-02
IBYA08010 F125W WFC3/IR 10:24:07.294 -57:44:05.26 947 4 2013-09-02
IBYA09010 F125W WFC3/IR 10:24:16.116 -57:45:48.56 947 4 2013-09-02
IBYA10010 F125W WFC3/IR 10:24:55.869 -57:45:07.69 947 4 2013-09-03
IBYA11010 F125W WFC3/IR 10:24:04.686 -57:46:51.05 947 4 2013-09-08
IBYA08030 F128N WFC3/IR 10:24:07.294 -57:44:05.26 748 3 2013-09-02
IBYA09030 F128N WFC3/IR 10:24:16.116 -57:45:48.56 748 3 2013-09-02
IBYA10030 F128N WFC3/IR 10:24:55.869 -57:45:07.69 748 3 2013-09-03
IBYA11030 F128N WFC3/IR 10:24:04.686 -57:46:51.05 748 3 2013-09-08
IBYA08020 F160W WFC3/IR 10:24:07.294 -57:44:05.26 947 4 2013-09-02
IBYA09020 F160W WFC3/IR 10:24:16.116 -57:45:48.56 947 4 2013-09-02
IBYA10020 F160W WFC3/IR 10:24:55.869 -57:45:07.69 947 4 2013-09-03
IBYA11020 F160W WFC3/IR 10:24:04.686 -57:46:51.05 947 4 2013-09-08
Note. — This table summarizes the observations of Wd2 taken with the ACS and WFC3/IR cameras
aboard HST. Given are the identiﬁers of the datasets, the ﬁlter, camera, as well as the central coordinates
of each dither position. The exposure time is the total exposure time of all dither positions combined. We
also give the observation date for each image.
coordinate system, leading to a total shift of 45′′ in both directions between the ﬁrst and
the last exposure (15′′ for the narrow-band observations). For the WFC3/IR observations
mosaics of 2 × 2 tiles were required since the WFC3/IR has a smaller FOV than the ACS
(FOVACS = 202×202 arcsec and FOVWFC3 = 123×136 arcsec). Each wide-band tile consists
of four dither positions with a total exposure time of 947 s (3×250 s and 1×200 s). The
narrow band tiles consist of three dither positions with a total exposure time of 748 s (250 s
each). The WFC3/IR dither pattern was a shift in x and y direction with an oﬀset of∆x = 7′′
and ∆y = 7′′ between two exposures, expressed in the internal detector coordinate system,
leading to a total shift of 21′′ in both directions between the ﬁrst and the last exposure (14′′
for the narrow-band observations). The log of the observations is reported in Tab. 3.1.1
together with the ﬁlters and exposure times used. An overview of the spatial positions of all
images as well as their alignment is given in Fig. 3.1.1.
3.2 Data reduction
The observed data were ﬁrst processed with the internal pipeline (Ubeda et al. 2012; Dres-
sel 2012) (from now on referred to as raw data), which delivers pipeline ﬂat-ﬁelded ﬁles
(flt.fits for WFC3) or charge-transfer eﬃciency (CTE) corrected images (flc.fits for
ACS).
The reduction of the raw data was performed with AstroDrizzle (Fruchter 2010), the
follow-up tool of MultiDrizzle in the HST pipeline. Since the instruments (ACS and WFC3)
and the pipeline data products are substantially diﬀerent we treat the related images sep-
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Figure 3.1.1: The ﬁeld of view for the diﬀerent exposures taken with the WFC3/IR and ACS ﬁlters. The blue
and black ﬁelds together, represent the F125W and F160W WFC3/IR exposures, while the blue ﬁelds alone
represent the F128N WFC3/IR dithered images. The yellow, green, and red ﬁelds together represent the ACS
F814W and F555W long exposures, while the yellow ﬁelds represent the F658N dither positions. The red ﬁeld
alone represents the short exposures for ACS F814W and F555W .
arately. First we will give a brief overview over AstroDrizzle and then we discuss the data
reduction of the two instruments separately.
3.2.1 The AstroDrizzle package
The reduction of the raw data consists ofmultiple steps performed by AstroDrizzle, whichwas
mainly developed to improve the handling of astrometric and geometric distortion correc-
tions. The major goal of AstroDrizzle is to reconstruct and recover the spatial information of
a set of images while preserving the signal-to-noise ratio (S/N). In AstroDrizzle, this is done
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by the method formally known as variable-pixel linear reconstruction (commonly known
as Drizzle) developed by Andy Fruchter and Richard Hook (Fruchter and Hook 1997). A
detailed description of the package can be found in the manual of DrizzlePac (http://
drizzlepac.stsci.edu). The DrizzlePac is a package of diﬀerent software modules, de-
livered as a bundle that supports the AstroDrizzle routine. The diﬀerent modules are:
• tweakreg and tweakback for the alignment of images of diﬀerent visits to one reference
coordinate system,
• pixtop to transform the x and y coordinates to the distortion corrected coordinates x′
and y′,
• skytopix and pixtosky to transform sky coordinates to pixel coordinates and vice
versa.
AstroDrizzle performs its tasks on pipeline ﬂat-ﬁelded ﬁles (_flt.fits) or charge-transfer-
eﬃciency (CTE) corrected images (_flc.fits). The general concept of AstroDrizzle is to
partly recover the high frequency information smeared out by the detector pixel response
function via combining the sub-pixel dithered images. This algorithm gives us the chance of
recovering spatial information of the under-sampled1 WFC3/IR images to reconstruct a ﬁnal
combined image with a higher spatial resolution. In the case of multiple dither-positions the
ﬁnal combined (drizzled) image is free of cosmic rays and detector defects, such as hot and
dead pixels. As an example we show a part our F814W observations (see Fig. 3.2.1). We
marked examples of cosmic rays, hot and dead pixels, as well as stars where the geomet-
ric distortion correction becomes obvious when comparing the two images. At the end all
images are aligned to the same reference frame, provided by the world coordinate system
(WCS) information in the header of one of the images.
The algorithm maps pixels of the original input images (xi and yi, with i being the dif-
ferent dither positions of the same pointing) onto the new, spatially higher resolved, pixel
grid x′ and y′. It takes into account the shifts and rotations between the images, as well
as the optical distortion of the camera, provided by calibration ﬁles. The new pixel size is
controlled by the pixfrac parameter (as percentage of the detector pixel size). This process
is visualized in Fig. 3.2.2.
The input pixels xi and yi, which are mapped onto the same output pixel x′ and y′, are
combined in a way that their ﬂuxes are distributed with weights proportional to the area of
overlap between the original pixels and the new pixel grid. The pixfrac parameter needs
to be chosen such that the convolution of the image with a too large input pixel footprint is
avoided, and yet suﬃciently large so that small enough variations in the input pixels con-
tribute to each output pixel. To quantify the weight of each pixel, so-called weighted maps
are created (as example see Fig. 3.2.3 for the F555W ﬁlter). The remaining weighted maps
are shown in the Appendix A. These maps contain information about bad pixels as well as
saturated sources, and assign a lower weight to these pixels so that their contribution to the
ﬁnal drizzled image is less. These weighted maps need by-eye inspection.
1The WFC3/IR images are under sampled means that the spatial resolution is limited by the pixel size of the
camera.
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Figure 3.2.1: Part of the F814W image before (left) and after(right) cosmic ray and detector defect cleaning
and geometric distortion correction. On the left image we marked examples for cosmic rays and hot and dead
pixels. The same regions are marked on the right image. We also marked distinct stars where the geometric
distortion correction becomes visible, either by the location of the stars (the same WCS region is shown in both
images) or by the angle between the diﬀraction spikes of a bright star.
3.2.2 The ACS data
During the whole process, the short exposures for the F555W and the F814W ﬁlters are
treated individually and are labeled as F555W (s) and F814W (s), since AstroDrizzle cannot
eﬀectively combine images of very diﬀerent exposure times.
For all ACS images we used a pxfrac=0.9 for the drizzling process meaning that each
pixel is shrunk by 10% in size before being mapped onto the output grid. This value was
chosen so that the size of the point-spread-function (PSF) of the drizzled image reaches a
minimum while mapping all pixels properly to the output grid (see Sect. 3.3). The output
pixel grid has the same pixel size as the original image (0.049 arcsec/pixel). Since there is
only one dither position available for the short exposures (see Fig. 3.1.1), the cosmic-ray and
detector defect removal could not be accomplished. Nevertheless, we drizzled those images
to correct them for geometric distortion and to align them properly to the reference frame.
The short exposures are only taken to recover the photometry of sources that are saturated
in the long exposures.
3.2.3 The WFC3/IR data
The PSF of the IR data is under-sampled. Therefore, we reduced the pixel size of the output
grid to recover as much spatial information as possible for the determination of the optimal
pixel size. If the pixel size in combination with the pixel fraction is shrunk too much, there
is not enough information left for mapping the pixels properly onto the output grid without
generating “holes” of empty pixels. Taking into account the weighted maps (see Fig. A.0.3,
Fig. A.0.4, and Fig. A.0.5) representing the contribution of each pixel to the ﬁnal image
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Figure 3.2.2: The schematic illustration of the drizzle process, representing the mapping of the observed pixel
values onto a new smaller grid, taking into account rotations, shifts, and distortion corrections. Image credit:
http://drizzlepac.stsci.edu
and the ﬁnal FWHM of the PSFs of some representative stars, we chose a ﬁnal pixel size of
0.098 arcsec/px with a pxfrac=0.8. The data would have allowed us to reduce the pixel size
slightly more, but we found it convenient to have a pixel size twice that of the ACS, so each
WFC3IR pixel is covered by four ACS pixels. In addition, we mosaicked the four diﬀerent
pointings into a single image.
In the end we had ﬁve combined images for the ACS data set, one for the narrow-band
and two (short and long exposures) for the wide-band ﬁlters. For the WFC3/IR ﬁlters we had
three mosaics in total, one for each ﬁlter. The mosaics of the ﬁnal ACS (long exposures) and
WFC3/IR images are shown in the Appendix B, in Fig. B.0.1, Fig. B.0.2, Fig. B.0.3, Fig. B.0.4,
Fig. B.0.5, and Fig. B.0.6.
3.3 Quality check of the final images
In order to check the quality of the drizzled ACS images, we tested the stability of the
weighted maps (see Sect. 3.2.1) of the ﬁnal products. In order to determine the variations
in the weighted maps, 28 boxes (20 for the F658N ﬁlter) of 100 × 100 pixels and 16 boxes
of 250 × 250 pixels were selected across the image. In each box the standard deviation of
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F555W
Figure 3.2.3: The F555W weighted map for the ﬁnal drizzled and aligned image.
the median was determined using the IRAF2 task IMEXAMINE. This ratio should be below 0.2
following the DrizzlePac manual, meaning that the deviation of the weights of the diﬀerent
pixels should be less than 20%. This test could not be performed for the IR data due to the
diﬀerent readout method. The results of this test show that the deviation is below 20% for
both the small and the large boxes, leading to the conclusion that the quality of the ﬁnal
products is ﬁne. The results are shown in Table 3.3.1.
2IRAF is contributed by the National Optical Astronomy Observatory, which is operated by the Association
for Research in Astronomy, Inc., under cooperative agreement with the National Science Foundation.
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Table 3.3.1. Summary of the weighted maps of the AstroDrizzle pipeline
Filter # Boxes Boxsize [px] median σ σmedian
F555W 28 100× 100 1318 147.7 0.1147
F555W 16 250× 250 1325 142.2 0.1099
F658N 20 100× 100 1336 208.5 0.1618
F658N 16 250× 250 1339 206.7 0.1599
F814W 28 100× 100 1317 147.3 0.1145
F814W 16 250× 250 1322 147.7 0.1137
Note. — In this table we give a summary of the tests for the weighted maps.
The ﬁrst column shows the corresponding ﬁlter. Column 2 gives the number of
boxes per image. Column 3 lists the boxsizes for calculating the median and
the standard deviation of the pixel values. Column 4 and 5 show the median
and the standard deviation of the pixel values, respectively. Column 6 lists the
ratio of the standard deviation and the median.
Table 3.3.2. The mean FWHM of the PSFs in the diﬀerent ﬁlters
Filter FWHM [px] σFWHM [px] FWHM [arcsec] σFWHM [arcsec]
F555W 2.154 0.1044 0.1055 0.0125
F658N 2.034 0.3848 0.0997 0.0187
F814W 2.011 0.2304 0.0986 0.0113
F125W 2.188 0.2145 0.2144 0.0210
F128N 2.410 0.2362 0.2362 0.0231
F160W 2.242 0.2197 0.2197 0.0215
Note. — The mean FWHM of the PSF of 25 selected stars in each ﬁlter. The ﬁrst
column shows the corresponding ﬁlter. Column 2 and 3 show the FWHM and the standard
deviation in pixels and column 4 and 5 show the FWHM and the standard deviation in
arcsec.
In addition, we determined the FWHM of a sample of 25 carefully selected stars across
each ﬁeld with the IRAF task IMEXAMINE. We chose medium bright, isolated, non-saturated
stars so that the PSFs are not contaminated by close neighbors or remaining detector arti-
facts. For the PSF determination, all ACS images where divided into four quadrants. The
mean FWHM of the 25 selected stars in each ﬁlter is listed in Tab. 3.3.2. The FWHM range
over the whole chip is given in the ACS manual (Ubeda et al. 2012), with the FWHM of
F555M = 2.12–2.49 pixels as reference. The FWHM is quite constant between the diﬀerent
ACS ﬁlters and even the WFC3/IR ﬁlters. Our determined values are within the PSF range
in the F555M ﬁlter, meaning that quality and, therefore, the drizzle parameters are ﬁne.
Zwar weiß ich viel, doch möcht ich alles wissen.
— Johann Wolfgang von Goethe: Faust, Vers 317
4
The photometric catalog
This chapter is inculded in Sect. 3 of Zeidler et al. 2015, AJ, 150, 78.
The source detection and photometry were performed with the DOLPHOT1 package,
including the extensions for ACS and WFC3/IR written by Andrew Dolphin.
4.1 Source detection and photometry
DOLPHOT is a modiﬁed version of HSTphot (Dolphin 2000). It is a stellar photometry pack-
age that supports two modes: 1) a generic PSF-ﬁtting package (using analytic PSF models
for any camera) and 2) using ACS PSFs and calibrations. Throughout the thesis we use
DOLPHOT to refer to the photometric package and dolphot to refer to the actual photome-
try routine. In this chapter we only give a brief overview of the parts of the DOLPHOT package
we used for our data reduction. A more detailed description with all possible settings can be
found at http://americano.dolphinsim.com/dolphot/.
DOLPHOT handles the image preparation, meaning the masking of bad pixels (acsmask
and wfc3mask), such as camera defects, warm and hot pixels, ﬁlter defects, and saturated
pixels using the weighted maps from AstroDrizzle. It is also capable of performing image
cleaning e.g., cosmic ray removal and image combination (dithered observations and mo-
saics), for which we used AstroDrizzle (see Sect. 3.2.1). The calcsky routine is used to create
a skymap for all processed images to determine the background. This is the mandatory ﬁnal
step before running the photometric routine dolphot. The sky is determined locally as the
mean within an annulus around each star. The size of the annulus rin and rout, the rejection
1http://americano.dolphinsim.com/dolphot/
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Table 4.1.1. The parameters used to run the photometric routine
parameter F555W F555W (s) F658N F814W F814W (s) F125W F128N F160W
shift 0 0 0 0 0 0 0 0 0 0 0 0 0 0 0 0
xform 1 0 0 1 0 0 1 0 0 1 0 0 1 0 0 1 0 0 1 0 0 1 0 0
apsky 15 25 15 25 15 25 15 25 15 25 15 25 15 25 15 25
RAper 4 4 4 4 4 3 3 3
RSky0 15 15 15 15 15 8 8 8
RSky1 35 35 35 35 35 20 20 20
RPSF 10 10 10 10 10 10 10 10
RCentroid 2 2 2 2 2 2 2 2
SigFind 3.0 3.0 3.0 3.0 3.0 3.0 3.0 3.0
SigFindMult 0.85 0.85 0.85 0.85 0.85 0.85 0.85 0.85
SigFinal 3.0 3.0 3.0 3.0 3.0 7.0 7.0 7.0
MaxIT 25 25 25 25 25 25 25 25
PSFPhot 1 1 1 1 1 1 1 1
FitSky 3 3 3 3 3 3 3 3
SkipSky 2 2 2 2 2 1 1 1
SkySig 2.25 2.25 2.25 2.25 2.25 2.25 2.25 2.25
NoiseMult 0.10 0.10 0.10 0.10 0.10 0.10 0.10 0.10
FSat 0.999 0.999 0.999 0.999 0.999 0.999 0.999 0.999
PosStep 0.25 0.25 0.25 0.25 0.25 0.25 0.25 0.25
dPosMax 3.0 3.0 3.0 3.0 3.0 3.0 3.0 3.0
RCombine 1.5 1.5 1.5 1.5 1.5 1.5 1.5 1.5
SigPSF 5.0 5.0 5.0 5.0 5.0 5.0 5.0 5.0
UseWCS 1 1 1 1 1 1 1 1
Align 4 4 4 4 4 3 3 3
AlignIter 4 4 4 4 4 4 4 4
useCTE 0 0 0 0 0 0 0 0
Rotate 1 1 1 1 1 1 1 1
SecondPass 5 5 5 5 5 3 3 3
Force1 0 0 1 0 0 1 1 1
PSFres 1 1 1 1 1 1 1 1
psfoﬀ 0.0 0.0 0.0 0.0 0.0 0.0 0.0 0.0
ApCor 1 1 1 1 1 1 1 1
Note. — In this table we give, for each ﬁlter, the diﬀerent parameters used to run the DOLPHOT
photometric routine. We want to note here that due to an update, some of the parameter names have
changed between the time we obtained the photometry and the time we ran the artiﬁcial star tests (see
Sect. 5). We give here the updated names at the time we ran the artiﬁcial stars.
threshold of the deviation from the mean σlow and σhigh, as well as the number of iterations,
are deﬁned by the user. The parameters used for our data are listed in Table 4.1.1.
After preprocessing all images, the dolphot photometric routine can be run. Depending
on the observations either the ACS module or the WFC3/IR module needs to be applied. The
diﬀerent parameters, with which dolphot can be run are listed in the DOLPHOT manual
and in the manual of each module (the newest version is available on http://americano.
dolphinsim.com/dolphot/). For each module, pixel area maps and precomputed PSFs (for
each ﬁlter) are available and need to be installed. The source detection runs iteratively to
ﬁnd an optimal solution for the detection and the photometry of all stars by removing sources
for which the detection has already converged. After a ﬁnal number of steps (set by the user),
or when all detections converged, aperture corrections are applied to the photometry.
For the source detection and photometry we adopted individual parameters for each
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ﬁlter. We considered the size of the PSFs, the diﬀerent saturation limits, and the nebulosity
conditions (due to the very diﬀerent level of gas and stellar density). The main eﬀort was
to detect all sources and yet to avoid as much contamination by spurious objects as possible
in order to make the cleaning procedure later-on easier. Spurious detections may happen
in particular in regions with varying background brightness due to the varying gas and dust
density in the H II region and stellar crowding.
DOLPHOT uses the drizzled images for the source detection and works on images (ﬂcs
and ﬂts) with geometric-distortion-corrected headers (performed by AstroDrizzle) (from
now on called processed images). To perform the source detection, several steps have to
be applied in a given order: acsmask (wfc3mask) to mask the processed images for detector
artifacts and other defects using the weighted maps, splitgroups to create single chip and
single layered ﬁts ﬁles, and calcsky to create a skymap for all the processed images.
After those preparatory steps the actual dolphot routinewas used to create a point-source
catalog using the PSF and pixel area maps from an analytic model of ACS and WFC3/IR,
provided on the DOLPHOT webpage. The output of DOLPHOT is one catalog per ﬁlter and
exposure, containing amongst others, the pixel coordinates of the stars and their magnitudes
as well as diﬀerent kinds of quality ﬂags, which are used later in the catalog cleaning process.
So in total 8 catalogs were produced. We list the parameters, which we used to run the
photometric routine, in Table 4.1.1.
4.2 Improving the quality of the Photometric Catalogs
Initially, the photometric catalogs contain a number of spurious objects, which must be re-
moved. We cleaned the photometric catalogs by applying appropriately chosen trimming
parameters for each of the ﬁlters. The trimming values for the WFC3/IR and ACS instru-
ments are given in the DOLPHOT manual. In order to ensure that as many spurious objects
as possible were deleted, still preserving all real objects especially in the nebular regions
and the dense cluster center, we had to ﬁnd the optimal parameter set for DOLPHOT. These
values were adjusted by visual inspections of the observations of the removed and the kept
objects.
4.2.1 Object Type
The objects are classiﬁed as diﬀerent types (OT) by DOLPHOT: good star (1), star too faint
for PSF determination (2), elongated object (3), object too sharp (4), extended object (5).
We only kept the objects with OT=1, which removed already more than half of the false
detections. For the WFC3/IR ﬁlters we did not select by object type in order not to lose any
objects, since an bye-eye inspection showed that also and OTs diﬀerent than 1 were assigned
to stars. The distribution of the OTs for the ACS ﬁlters can be seen in Fig 4.2.1.
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Figure 4.2.1: The total number of stars for diﬀerent object types per ACS ﬁlter in the catalogs created by
DOLPHOT. For a better presentations we plotted the diﬀerent ﬁlters per OT next to each other. OTs are always
integer values. We decided to keep only those objects with OT=1 to reduce the number of spurious detections.
4.2.2 Magnitude error
We restricted the catalogs to contain only those stars with magnitude errors above a given
threshold, which depends on the ﬁlter. The cuts for the diﬀerent ﬁlters are listed in column
2 of Tab. 4.2.1.
4.2.3 Sharpness
The “sharpness” parameter allows us to assess how well the PSF of a star is ﬁtted. For
a perfectly-ﬁtted star the value is zero, positive for a point-source that is too peaked as
compared to a typical stellar PSF such as a cosmic ray, and negative for a point source that
is too broad in its light proﬁle and that might be a background galaxy. Typical values range
from −0.3 to +0.3 for an uncrowded region. The values chosen as our selection criteria are
given in column 3 of Tab. 4.2.1. The short exposures and the F658N ﬁlter contain more
cosmic rays than the other observations since only one or two dither positions were obtained,
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leading to a reduced cosmic ray removal eﬃciency. For the F128N ﬁlter a cut was impossible
without losing real objects. The distribution of the sharpness as a function of magnitude can
be seen in Fig. 4.2.2. For selecting these cuts a by-eye inspection of the source detection was
performed.
Figure 4.2.2: The distribution of the sharpness, a measure of how peaked the source is compared to a stellar
PSF as function of magnitude for each ﬁlter. The black dots represent the data retained.
4.2.4 Crowding
The crowding is a measure of the ﬂux contamination by the surrounding objects. For an
isolated star the value is zero. Crowding eﬀects become especially important in very densely
populated regions or in areas around very bright saturated stars since the crowding param-
eter gives a value in magnitudes by how much brighter a star would have been measured if
nearby stars would not have been ﬁt simultaneously. Our values are chosen to select only
those stars with a well-deﬁned PSF and very low contamination can be seen in column 4 of
Tab. 4.2.1. This selection is visualized in Fig. 4.2.3.
48 4.3. MERGING THE DIFFERENT FILTERS
Figure 4.2.3: The crowding as a function of magnitude for each ﬁlter. The black dots represent the data retained.
4.3 Merging the different filters
For the creation of the ﬁnal catalog we merged the diﬀerent ﬁlter catalogs. We used the
pixel coordinates of the resampled images and we established a maximum radial distance
of 1.5 pixels (0.0735arcsec) for merging the diﬀerent ﬁlters. This means that the position
of an object in two diﬀerent ﬁlters is not allowed to radially deviate by more than 1.5 pixels
from each other.
First, we combined the long and the short exposures for the F555W and the F814W
band. Then, we used the F814W catalog as the basis, and subsequently added one ﬁlter after
another. At the end, we adopted the WCS that is provided by the processed long exposures
in the F814W ﬁlter as the common coordinate system for all exposures.
In order to merge the long and short exposure catalogs this procedure was repeated
with a maximum radial distance of 1 pixel, between the same object in the short and long
exposures. Objects from the short exposures were only taken into account for magnitudes
brighter than 20mag. For fainter objects, the long exposures were not saturated and oﬀered
a higher S/N than the short exposures.
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Table 4.2.1. The thresholds for cleaning the catalogs
Filter σ [mag] Sharpness Crowding
F555W 0.5 ±0.2 0.10
F555W (s) 0.5 ±0.2 2.50
F658N 0.5 ±0.4 0.10
F814W 0.5 ±0.4 3.50
F814W (s) 0.5 ±0.2 2.50
F125W 0.2 ±0.5 0.15
F128N 0.2 ±0.5 0.20
F160W 0.1 — 0.20
Note. — In this table we give the diﬀerent thresholds for
cleaning the photometric catalogs from spurious objects. The
columns 2–4 refer to the quality parameters for point-source
photometry as provided DOLPHOT. Objects with values equal
to or smaller than the listed thresholds were retained.
For all objects available in both exposures (nF555W=246 and nF814W=673, where n is
the number of objects) we chose to adopt the point-source photometry with the smaller
photometric error which always came, as expected, from the long exposures.
After all ﬁlters had been merged into one catalog, all objects that were not detected in
at least two ﬁlters, were deleted. It is unlikely that a star is only detected in one ﬁlter. This
is not true for the F160W band, however, it can happen that a very young object emits only
far to near-infrared radiation (Lada and Wilking 1984) and, therefore, is only detected in
the H-band. In order not to lose those (potentially interesting) objects we decided not to
remove the F160W -only detections.
At the end we have a catalog consisting of objects detected at least in two ﬁlters (except
for the F160W ﬁlter) with a common coordinate system in pixel coordinates, as well as a
WCS based on the F814W images.
4.4 Properties of the photometric catalog
The ﬁnal catalog consists of 17121 objects in total. For an overview of the magnitude range
as well as of the depth of each band, we refer to Fig. 4.4.1. The arrows mark the limiting
magnitudes up to where 90% of all sources are located. A summary of the number of point-
source detections in the combined catalog is given in Tab. 4.4.1. An excerpt of the ﬁnal
catalog is given in Tab. 4.4.2.
The photometric errors are, of course, below the cuts set in the cleaning process. As one
can see in Fig. 4.4.2 most sources have much smaller errors than these limits. The limiting
errors and resulting magnitudes comprise 90% of all detected point sources in a given ﬁlter,
when no cuts are imposed, and are given in Tab. 4.4.1.
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Figure 4.4.1: The magnitude distribution of the detections contained in the ﬁnal Wd2 catalog. The plateau at
the faint-end detections in the F160W ﬁlter is due to the inclusion of all single-band detections. The arrows
mark the limiting magnitudes up to where 90% of all sources are located (see Tab. 4.4.1).
4.5 The photometric improvement
The photometric data of our survey are the deepest data obtained for Wd2 so far. The Wide-
Field Planetary Camera 2 (WFPC2) (Gonzaga and Biretta 2010) HST data of Vargas Álvarez
et al. (2013) reach a photometric uncertainty level of 0.2mag at a depth of ∼ 21.5mag and
∼ 21.0mag in the F555W and F814W ﬁlters, respectively. At the same level of photometric
uncertainty we go down to ∼ 27mag in the F555W ﬁlter and to ∼ 26mag in the F814W
ﬁlter, implying that our data are > 5mag deeper in the optical. Comparing the F555W
and F814W photometry of Vargas Álvarez et al. (2013) and ours, the median diﬀerence
is ∆mF555W = −0.04 and ∆mF814W = 0.06. A small diﬀerence is expectable since Vargas
Álvarez et al. (2013) used the WFPC2 camera instead of ACS, resulting in small diﬀerences
for the ﬁlters. Nevertheless, these two datasets compare very well. The J and H band pho-
tometry by Ascenso et al. (2007a) has a limiting magnitude of ∼ 20mag and ∼ 18.5mag at
a photometric uncertainty limit of 0.1mag, respectively. Our HST photometry in the F125W
and F160W ﬁlter goes down to ∼ 23.5mag and ∼ 23mag at the same uncertainty levels.
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Figure 4.4.2: The photometric errors in each ﬁlter produced by the Dolphot pipeline. The horizontal lines show
the limits below which 90% of all sources are located in the deep exposures (see Tab. 4.4.1).
Also in the near infrared (NIR) ﬁlters our data go ∼ 3–5mag deeper than the photometric
catalog of Vargas Álvarez et al. (2013).
The spatial resolution of our dataset is also unprecedented. Especially due to the sub
pixel drizzling we are able to reach a resolution of 0.049arcsec pixel−1 in the optical and
0.098 arcsec pixel−1 in the IR. This is almost 50% higher than the pixel resolution of the data
of Ascenso et al. (2007a) (0.144–0.288arcsec pixel−1) and more than eight times higher
than the optical resolution of Carraro et al. (2013) (0.435arcsec pixel−1), both ground-
based observations. If we compare our resolution to their seeing limits, which was 0.6′′ for
the observations from Ascenso et al. (2007a) and 0.9–1.4′′ for the observations of Carraro
et al. (2013) 0.9–1.4′′, we even reach a resolution ∼ 12 times higher in the IR and ∼ 10–14
times higher in the optical.
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Table 4.4.1. Properties of the ﬁnal catalog
Filter Total Number mag-limit [mag] σ-limit [mag]
F555W 3922 26.7 0.160
F658N 3556 23.8 0.185
F814W 9281 25.3 0.093
F125W 10981 23.1 0.035
F128N 8955 20.8 0.095
F160W 15355 22.6 0.054
Note. — In this table we give the main properties of the ﬁnal photometric
catalog. In column 2 we show the total number of all objects per ﬁlter. Column
3 and 4 give the limits in magnitudes and the photometric error below which
90% of all sources are located. In total, 17121 objects were detected. 2236
point sources had a detection found in all ﬁlters.
These deep high resolution data in 6 ﬁlters give us the unique opportunity to study the
properties of Wd2 at an unprecedented level of accuracy and depth. They reveal the young
low-mass population (see Sect. 8.2) and provide us with new information on the spatial
distribution of the cluster members (see Sect. 8.3), making it possible to create for the ﬁrst
time a high resolution pixel-to-pixel map of the color excess in order to correct for diﬀerential
reddening (see Sect. 6) and to improve the cluster age determination. The high photometric
accuracy gives us the opportunity to identify mass-accreting PMS stars via their Hα excess
emission due to mass in-fall (see Sect. 9). Using extensive artiﬁcial star tests, we will also
determine the mass function of the Wd2 cluster and its sub regions (see Sect.10).
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Table 4.4.2. The ﬁnal catalog
ID R.A. decl. F555W F658N F814W F125W F128N F160W E(B − V )g
(J2000) [mag] σ [mag] [mag] σ [mag] [mag] σ [mag] [mag] σ [mag] [mag] σ [mag] [mag] σ [mag] [mag] σ [mag]
1 10:23:45.0 -57:45:17 — — — — — — 99.999 9.999 — — 99.999 9.999 — —
2 10:23:45.0 -57:44:44 — — — — — — 99.999 9.999 — — 99.999 9.999 — —
.
.
.
4192 10:23:59.2 -57:44:56 27.525 0.269 — — 25.098 0.070 — — — — — — 1.747 0.033
4193 10:23:59.2 -57:46:23 — — — — 25.515 0.078 21.626 0.012 — — 20.198 0.007 2.248 0.061
4194 10:23:59.2 -57:45:07 — — — — 22.766 0.013 — — 19.034 0.022 — — 1.693 0.031
4195 10:23:59.2 -57:44:03 — — — — 25.584 0.094 21.480 0.012 21.320 0.108 19.968 0.007 1.829 0.045
4196 10:23:59.2 -57:45:05 23.968 0.019 21.243 0.030 20.235 0.003 17.522 0.001 17.148 0.008 16.427 0.001 1.703 0.031
4197 10:23:59.2 -57:44:35 25.725 0.061 23.669 0.166 22.088 0.008 20.134 0.004 19.943 0.038 19.558 0.005 1.797 0.033
4198 10:23:59.2 -57:44:31 — — — — — — — — — — 23.332 0.081 1.877 0.036
4199 10:23:59.2 -57:45:25 18.100 0.001 16.503 0.002 15.366 0.005 13.042 0.000 12.841 0.001 12.102 0.000 1.920 0.038
4200 10:23:59.2 -57:46:59 27.314 0.259 — — 25.886 0.158 — — — — — — 2.733 0.034
4201 10:23:59.2 -57:44:22 24.614 0.028 22.538 0.062 21.256 0.005 — — — — — — 1.996 0.045
4202 10:23:59.2 -57:45:16 23.774 0.020 21.586 0.048 19.899 0.003 16.988 0.001 16.648 0.005 15.955 0.001 1.775 0.038
4203 10:23:59.2 -57:45:45 — — — — 22.385 0.010 18.986 0.003 18.649 0.022 17.813 0.002 1.911 0.037
4204 10:23:59.2 -57:45:03 26.673 0.145 — — 22.186 0.009 19.198 0.004 18.887 0.023 18.115 0.003 1.694 0.029
4205 10:23:59.2 -57:44:39 — — — — 25.722 0.110 21.845 0.013 — — 20.915 0.011 1.782 0.030
4206 10:23:59.2 -57:44:23 — — — — 23.052 0.015 19.500 0.003 19.272 0.019 18.381 0.002 1.953 0.042
4207 10:23:59.2 -57:47:15 — — — — 26.126 0.308 — — 21.002 0.128 — — — —
4208 10:23:59.2 -57:44:50 — — — — 25.877 0.131 — — 21.422 0.145 20.121 0.007 1.682 0.032
4209 10:23:59.2 -57:46:17 — — — — — — 23.497 0.055 — — 22.586 0.041 2.249 0.045
4210 10:23:59.2 -57:45:46 24.858 0.034 22.292 0.060 20.682 0.004 17.710 0.001 17.421 0.011 16.601 0.001 1.923 0.038
4211 10:23:59.2 -57:45:39 18.419 0.001 16.983 0.003 15.939 0.006 14.061 0.000 13.948 0.001 13.506 0.000 2.096 0.051
4212 10:23:59.2 -57:44:22 25.877 0.076 23.627 0.142 21.255 0.005 — — 17.705 0.009 16.845 0.001 1.979 0.045
4213 10:23:59.3 -57:44:38 — — 23.787 0.192 — — — — 21.309 0.118 — — 1.783 0.030
4214 10:23:59.3 -57:47:32 — — — — — — 19.858 0.006 19.482 0.040 19.365 0.006 — —
4215 10:23:59.3 -57:44:24 — — — — 23.611 0.020 21.063 0.008 20.989 0.081 20.194 0.007 1.949 0.040
4216 10:23:59.3 -57:46:05 — — — — 23.085 0.015 19.573 0.003 19.257 0.030 18.463 0.003 1.983 0.033
4217 10:23:59.3 -57:45:34 23.638 0.016 21.313 0.029 19.530 0.002 — — 16.242 0.004 15.465 0.001 2.017 0.040
4218 10:23:59.3 -57:43:47 21.595 0.007 20.347 0.015 19.068 0.002 — — 17.135 0.007 — — 2.023 0.055
.
.
.
5577 10:24:00.9 -57:46:52 18.383 0.001 16.622 0.002 15.264 0.004 12.838 0.000 12.688 0.001 12.130 0.000 2.428 0.029
5578 10:24:00.9 -57:45:43 24.979 0.038 22.528 0.073 20.320 0.003 17.061 0.001 16.775 0.006 15.944 0.001 1.881 0.036
5579 10:24:00.9 -57:45:56 25.128 0.041 22.825 0.086 20.775 0.004 — — — — — — 2.061 0.042
5580 10:24:00.9 -57:47:26 23.082 0.016 — — 20.362 0.005 18.756 0.003 18.323 0.019 18.167 0.003 — —
5581 10:24:00.9 -57:44:29 24.231 0.022 21.751 0.057 20.240 0.003 17.230 0.001 16.914 0.006 16.120 0.001 1.749 0.035
5582 10:24:00.9 -57:45:01 24.576 0.028 22.082 0.055 20.780 0.004 17.967 0.001 17.659 0.009 16.964 0.001 1.670 0.027
.
.
.
17119 10:24:24.6 -57:46:22 — — — — — — 22.540 0.033 — — 21.364 0.022 — —
17120 10:24:24.8 -57:46:18 — — — — — — 19.176 0.003 18.953 0.024 18.312 0.003 — —
Note. — This table represents an example of our photometric catalog. In total it contains 17121 objects, at least detected in two ﬁlters.
Column 1 represents the unique identiﬁer. Column 2 and 3 shows the coordinates in R.A. and decl. Column 4–15 gives the magnitudes of the
6 ﬁlters including the photometric uncertainties derived from the S/N. Column 16 and 17 shows the values of the gas extinction E(B − V )g
and their uncertainies. The magnitude 99.999 and magnitude uncertainty 9.999 represent sources for which a source was detected but the
photometry did not converge (beacuse it was too faint or the detector saturated).

Tu es oder tu es nicht. Es gibt kein Versuchen.
— Yoda
5
The artiﬁcial star test and completeness
corrections
This chapter is inculded in Sect. 3 of Zeidler et al. 2016, AJ, submitted.
The high number of luminous OB stars, the high stellar surface density, and the diﬀer-
ential reddening across the Wd2 area cause varying position-dependent detection limits for
fainter stars. In the cluster center, where crowding is signiﬁcant, the brightness limit for a
certain detection fraction is, as expected, higher than in the less densely populated outer re-
gions. This impacts the estimate of the stellar surface density and density proﬁle, especially
since completeness depends on location and ﬁlter.
To characterize and compensate for these completeness eﬀects a common and often ap-
plied technique is used: artiﬁcial star tests. This method uses a dense grid of artiﬁcially
created stars throughout the FOV. It adds artiﬁcial stars to the image, which are then re-
trieved using the same process applied to the real data. In order to provide a statistically
signiﬁcant correction factor, the artiﬁcial star tests were performed 5 · 106 times. Each time,
only one artiﬁcial star was added in order to minimize an increase of crowding. The input
catalog is well controlled in terms of magnitude and position of the input star, so it is pos-
sible to determine the exact fraction of artiﬁcial stars recovered for a certain brightness and
position. The high surface density of the artiﬁcial stars ensures that the FOV is well covered
and despite a random but uniform grid of the locations of the artiﬁcial stars, that all pixels
of the observed images are well covered.
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Table 5.1.1. Artiﬁcial star test results
Filter # input stars # recovered stars Σ [px−1] Σ [arcsec−2]
F555W 1 847822 1446659 0.074 30.88
F814W 1 847822 1496963 0.077 31.96
F125W 1 960996 1575256 0.075 31.32
F160W 1 960996 1575289 0.075 32.32
Note. — In this table we present the result of the artiﬁcial star tests. The ﬁrst column shows
the ﬁlter. Column 2 shows the number of artiﬁcial stars inside the FOV of each stacked and
mosaicked observation. Column 3 shows the number of recovered artiﬁcial stars, applying the
same cuts as for the scientiﬁc photometric catalog. Column 4 shows the mean stellar surface
density per pixel.
5.1 The artificial star test
A grid of 5 · 106 artiﬁcial stars was created and used for all ﬁlters. The artiﬁcial star catalogs
are populated down to∼ 30mag and are at least 2mag deeper than the observed photomet-
ric catalog to ensure a proper coverage of the magnitude and colors of the stars. The color
dependence is important because the stars used to determine the MF need to be detected in
two ﬁlters simultaneously, e.g., a IR-bright star can be too faint in the optical to be detected.
Therefore, this star needs to be counted as lost when deriving the surface density proﬁle or
the MF. We used the observed color of the stars to retrieve the completeness fraction of each
observed star at its spatial position for each ﬁlter combination (see eq. 5.2), depending on
which ﬁlter combination one uses. As a result, we obtained the completeness information at
each position of the survey area per magnitude and color bin (dependent on the ﬁlter com-
bination), thus we can correct each star individually (depending on its position, magnitude,
and color). The size of the artiﬁcial star grid was chosen in a way that each bin contains an
average number of 500 artiﬁcial stars (bin size is: ∼ 91 px2 or ∼ 0.22 arcsec2). The magni-
tude binsize is 0.1mag. We now can assign to each star in each of the wide-band ﬁlters its
individual completeness level.
For the artiﬁcial star tests we used the photometry software DOLPHOT1 (Dolphin 2000),
with the same setup as adopted for the original photometry (see Sect. 4.1) now with the
parameter “fakeStars=1”. To clean the catalogs from spurious sources we applied the same
statistical cuts used for the original photometry (see Sect. 4). Additionally, those artiﬁcial
stars that coincided with very bright stars and hence had recovered magnitudes 0.75mag
brighter2 than their input ones, were treated as lost due to crowding. In Tab. 5.1.1 we present
the numbers of the artiﬁcial star tests for each ﬁlter before and after the cleaning process.
In column 2 we provide the input number of artiﬁcial stars within the FOV and in column 3
the total number of recovered stars after all statistical cuts were applied.
1http://americano.dolphinsim.com/dolphot/
2A recovered magnitude 0.75mag brighter than the input magnitude means that the majority of the ﬂux is
emitted by surrounding stars due to crowding.
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Table 5.2.1. The completeness limits for diﬀerent regions
complete survey area gas ridgea Wd2b MC NC
Filter 50% M [M⊙] 75% M [M⊙] 50% M [M⊙] 50% M [M⊙] 50% M [M⊙] 50% M [M⊙]
F555W 26.7 0.35 23.6 1.15 26.2 0.52 26.6 0.34 25.6 0.52 26.5 0.41
F814W 24.7 0.10 21.8 0.45 24.7 0.12 25.3 0.10 22.8 0.26 24.6 0.12
F125W 22.1 < 0.1 18.5 0.48 21.7 < 0.1 22.0 < 0.1 18.7 0.44 21.2 < 0.1
F160W 21.1 < 0.1 17.8 0.45 20.9 < 0.1 20.9 < 0.1 17.6 0.46 20.2 < 0.1
E(B − V ) 1.55mag 1.60mag 1.65mag 1.53mag 1.49mag
Note. — In this table we list the meanmagnitudes and the correspondig stellar masses for various region
for a completeness limit of 50%. The stellar masses correspond to a stellar age of 1Myr. The E(B − V )
color excess is used to obtain masses from the isochrones and is obtained from our high-resolution, 2D
color excess map.
aAs the gas ridge we refer to the H II region of RCW 49 toward the south east of the cluster.
bAs the area of Wd2 we refer to the region within the 2σ boundary of the spatial distribution (see
Sect. 8.3).
5.2 The global completeness limits of Wd2
The level of completeness is deﬁned by the ratio between the number of recovered stars and
the number of input stars for each magnitude bin and position for a binsize of 0.1mag. The
completeness level as a function of magnitude for the four wide-band ﬁlters is presented
in Fig. 5.2.1. We reach a completeness level of 50% (green dashed lines in Fig. 5.2.1) at
the following magnitudes: F555W = 26.7mag, F814W = 24.7mag, F125W = 22.1mag,
and F160W = 21.1mag. The 75% limit (blue dashed lines in Fig. 5.2.1) is reached at the
following magnitudes: F555W = 23.6mag, F814W = 21.8mag, F125W = 18.5mag, and
F160W = 17.8mag. An overview is given in Tab. 5.2.1.
Toward the bright end, the completeness of the ACS ﬁlters decreases drastically. This
is the point at which the saturation limit of the detector is reached. For the ACS ﬁlters we
recover the brighter stars using the 3 s short exposures to complete the catalog. Yet, the
brightest stars are still saturated.
5.3 The 2D completeness map of Wd2
The spatially variable extinction and position-dependent surface density require position-
dependent completenessmaps. In this way the stellar numbers can be corrected as a function
of spatial position in the image.
The size of the spatial grid to calculate the completeness fraction throughout the FOV is
chosen in a way that each bin contains an average number of ∼ 500 artiﬁcial stars (lead-
ing to a bin size of: ∼ 91 px2 or ∼ 0.22 arcsec2). The magnitude binsize is 0.1mag. To
reduce statistical ﬂuctuations for each magnitude bin n we applied a running mean to the
completeness fraction fc(n):
fc(n) =
fc(n− 1) + fc(n) + fc(n+ 1)
3
. (5.1)
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Figure 5.2.1: The mean completeness distribution for the four wide band ﬁlters with a binsize of 0.1mag. The
dashed lines represent the 75% (blue), 50% (green), and 25% (red) completeness limits (see Tab. 5.2.1).
The completeness fractions can be deﬁned as the probability of detecting a star of certain
magnitude in a speciﬁc region of the observation. Therefore, to detect a star in multiple
bands, or in other words to take into account the color of the star, the completeness fractions
are multiplicative at each individual position in the FOV:
Ncorr. =
#filter∏
n=1
1
fn
·Nobs., (5.2)
where N is the number of observed and completeness-corrected stars and fn complete-
ness fraction at each position.
In Fig. 5.3.1 we show the 2D maps for a completeness limit of 50% in the four ﬁlters.
The 2D maps for the 25% and 75% completeness limit are shown in the Appendix C. In
Tab. 5.2.1 we list the mean magnitude for a completeness limit in several regions including
the gas and dust ridge. The masses are computed using a 1Myr isochrone at Solar metallicity
of Z⊙ = 0.0152 taken from the PAdova and tRieste Stellar Evolution Code3 (hereafter:
PARSEC 1.2S, Bressan et al. 2012).
3http://stev.oapd.inaf.it/cmd
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Figure 5.3.1: The 50% completeness map for all four wide-band ﬁlters. The color bar indicates the magnitude
at which such a completeness value is reached. We marked some features in each of the panels, such as the
two clumps (MC, NC), the Wolf-Rayet star WR20a, the imprint of diﬀraction spikes, and the defect in the image
caused the chip gaps for the ACS camera.
Besides the two clumps and several luminous stars, such as foreground stars, the lumi-
nous Wolf-Rayet star WR20a (e.g., Bonanos et al. 2004), and their diﬀraction spikes, the
50% completeness level is quite uniformly distributed throughout the whole FOV in all ﬁl-
ters (see Fig. 5.3.1). While in the F555W ﬁlter stars of masses of 0.35M⊙ can be detected
(0.55–0.68M⊙ in the two clumps, depending on the position), 0.1M⊙ stars can only be de-
tected in the F814W ﬁlter (0.12–0.6M⊙ in the two clumps, depending on the position). In
the IR ﬁlters stars with a mass of 0.1M⊙ or lower are detected (0.44–0.75M⊙ in the two
clumps, depending on the position). We emphasize that these numbers are mean values
across diﬀerent regions.
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5.3.1 The F555W filter
The 50% completeness level is quite uniformly distributed throughout the whole FOV (see
top left panel of Fig. 5.3.1). The mean magnitude limit for which a 50% completeness
fraction is reached is 26.7mag, which corresponds to a 1Myr old, 0.35M⊙ star. Although
the mean level of completeness in the in the molecular cloud of RCW 49 (south-east of Wd2)
is 0.5M⊙, this level cannot be reached in the regions of the highest gas and dust density, such
as the tips of the nebular pillars (0.7M⊙). The 50% completeness limit is in the cluster center
is 0.65M⊙ and signiﬁcantly lower than the overall FOV average (0.35M⊙). This is caused by
crowding and the presence of the OB stars.
5.3.2 The F814W filter
The extinction caused by the gas and dust in the RCW 49 cloud aﬀects the F814W ﬁlter
less than the F555W ﬁlter. As a result, on average, 0.1M⊙ stars can be detected at a 50%
completeness level, corresponding to 24.7mag (see top, right panel of Fig. 5.3.1). In the
surroundings of the Wd2 (at a distance of about 2 pc) cluster even stars below 0.1M⊙ is
observable. The 50% completeness limit in the cluster center is 22.8mag, corresponding to
0.26M⊙. The bright diﬀraction spikes around bright stars in the observations are a distinct
feature in the completeness map. The low-level completeness to the south west of Wd2 is
caused by the luminous Wolf-Rayet star WR20a (e.g., Bonanos et al. 2004).
5.3.3 The F125W and F160W filters
The further we move toward longer wavelengths, the less the molecular clouds hamper the
detection of stars. The main cause for a lower level of completeness in the IR ﬁlters is crowd-
ing caused by the luminous O and B stars in the center of the cluster. Outside Wd2, stars
with masses below 0.1M⊙ are detectable. In the cluster center stars with masses down to
0.75M⊙ and 0.65M⊙ can be detected in the F125W and F160W ﬁlters, respectively.
5.4 The true photometric uncertainties
The photometric uncertainties provided by DOLPHOT are the uncertainties calculated from
the signal-to-noise ratio (S/N) of the measurements. These uncertainties are a lower limit
to the real uncertainties, which are also inﬂuenced by the local environment of a source,
such as crowding and extinction. The artiﬁcial star tests give us the opportunity to properly
determine the real photometric uncertainties, since we know the input magnitude and the
measured output magnitude of the recovered stars. The photometric uncertainty can be
estimated by using the scatter of the measured photometry of the artiﬁcial stars. In Fig. 5.4.1
we show the diﬀerence between the input and measured photometry for each of the wide-
band ﬁlters. Negative values are due to the measured magnitude being smaller than the
input one, implying that the star appears brighter.
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Figure 5.4.1: The diﬀerence between the input magnitude and the measured magnitude of the artiﬁcial stars
as a function of magnitude. The green line is an exponential ﬁt of the absolute mean scatter and deﬁnes the true
photometric uncertainties. For visualization reasons we only plot 10% of all data points. One can see a clear
asymmetry toward fainter magnitudes showing that artiﬁcial stars are more often recovered with magnitudes
brighter than their input caused by signiﬁcant blending in our images.
The absolute scatter is calculated as:
∆m = ‖mout −min‖. (5.3)
We ﬁtted an exponential to the scatter values as a function of input magnitude of the
following form:
∆m = a · exp (b ·min) + c. (5.4)
The obtained values for a, b, and c for each ﬁlter are listed in Tab. 5.4.1.
After ﬁtting an exponential we can assign the real photometric uncertainty for each star
in each of the four wide-band ﬁlters and compare it with the uncertainty obtained from
the observations with DOLPHOT at the magnitude below which 10%, 50%, and 90% of all
sources are found. We list both uncertainties for each ﬁlter in Tab. 5.4.2. As one can see, the
uncertainties derived from the S/N are consistently smaller, especially for faint magnitudes.
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Table 5.4.1. The results of the photometric uncertainty ﬁt
Filter a b c
F555W 5.13 · 10−9 0.66 1.32 · 10−3
F814W 1.36 · 10−7 0.56 2.23 · 10−3
F125W 3.03 · 10−6 0.50 8.48 · 10−5
F160W 3.07 · 10−6 0.52 5.62 · 10−4
Note. — The resulted values obtained for the pho-
tometric uncertainty by ﬁtting an exponential func-
tion (eq. 5.4) to the absolute scatter ∆m.
Table 5.4.2. The photometric uncertainty
Filter mag-limit [mag] σm [mag] ∆m [mag]
10% 50% 90% 10% 50% 90% 10% 50% 90%
F555W 19.3 24.5 26.7 0.002 0.037 0.160 0.003 0.052 0.216
F814W 19.4 22.7 25.3 0.002 0.011 0.093 0.009 0.048 0.197
F125W 17.2 19.9 22.7 0.001 0.005 0.035 0.016 0.060 0.240
F160W 16.6 19.8 22.6 0.001 0.006 0.054 0.017 0.087 0.330
Note. — The uncertainties for each of the broad-band ﬁlters at the magnitude below which 10%,
50%, and 90% of all sources are found. Column 2 gives the magnitude while Column 3–5 and 6–8
list the magnitude uncertainties determined with DOLPHOT and the uncertainties determined via
the artiﬁcial star test, respectively.
Wenn du eine weise Antwort verlangst,
musst du vernünftig fragen.
— Johann Wolfgang von Goethe
6
A high-resolution 2D map of the color excess
This chapter is inculded in Sect. 4 of Zeidler et al. 2015, AJ, 150, 78.
Wd2 is located in the Carina-Sagittarius arm of the MW, and thus the local extinction due
to interstellar dust is expected to be high. A high resolution, spatially resolved characteriza-
tion of the extinction in the region is key to a precise determination of age and distance for
the Wd2 cluster, and to investigate the existence of an age spread. Following the method-
ology outlined by Pang et al. (2011) for NGC 3603, we used a combination of Hα and Paβ
images (F658N and F128N) to derive a high resolution, pixel-to-pixel map of the color
excess of the gas E(B − V )g of the Wd2 region.
6.1 Hα and Paβ emission
In order to construct the pixel-to-pixel color excess map, we exploited the fact that radiation
emitted at shorter wavelengths is absorbed more easily by dust than radiation emitted at
longer wavelengths. Therefore, the interstellar dust attenuates the light from a given source
emitted in the Hα line (rest-frame wavelength 6563Å) more than the light emitted in the
Paβ line (rest-frame wavelength 12802Å). Consequently, the observed ﬂux ratio of Hα/Paβ is
always smaller than the theoretical (reddening free) ratio computed for the same conditions
of electron density and electron temperature.
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Calzetti et al. (1996) provide a relation between the color-excessE(B−V )g of the inter-
stellar gas and the observed (Robs) and theoretical (Rint) ﬂux ratio Hα/Paβ with an assumed
extinction law, represented by the total to selective extinction κ(λ) = A(λ)/E(B − V ) for a
given wavelength λ:
E(B − V ) = − log (Robs/Rint)
0.4 [κ(Hα) − κ(Paβ)] . (6.1)
To use Eq. 6.1 we need to get the pixel-to-pixel Hα/Paβ ﬂux ratio from our observations.
We applied the following steps to properly remove the stellar emission:
• First, we repeated the drizzling process (see Sec. 3) for the ACS images adopting the
same pixel size as for the WFC3/IR images (0.098 arcsec pixel−1). A visual inspection
ensured that the images where properly aligned.
• Due to the use of diﬀerent instruments covering the whole wavelength rangewe needed
to correct our images to ensure that they have the same PSFs. Therefore, we used 40
stars that were non-saturated and without a very close neighbor in each of the six ﬁl-
ters in order to determine the PSF. The PSF was largest in the F128N image with a
FWHM of 2.26 ± 0.312 pixels. Hence we degraded all the other images to the same
resolution by convolving them with a Gaussian whose dispersion (σ2) is the diﬀerence
between the F128N ﬁlter and the one of the ﬁlter in question.
• We calibrated all images in ﬂux f by multiplying them by their speciﬁc PHOTFLAM1 value
given in the respective header:
fF658N = fF658N,uncal. · PHOTFLAMF658N
fF128N = fF128N,uncal. · PHOTFLAMF128N . (6.2)
• The continuum ﬂux centered at the Hα and Paβ wavelength was derived by linear
extrapolation of the ﬂuxes in the F555W and F814W (F125W and F160W ) image
pixel-by-pixel at the F658N (F128N) wavelength:
fF658N,cont. = aHα + bHα · λF658N , with
aHα = fF555W − bHα · λF555W , and
bHα =
fF814W − fF555W
λF814W − λF555W , (6.3)
fF128N,cont. = aPaβ + bPaβ · λF128N , with
aPaβ = fF125W − bPaβ · λF125W , and
bPaβ =
fF160W − fF125W
λF160W − λF125W . (6.4)
1The PHOTFLAM value provides the inverse sensitivity of the pixel values in ergs s−1 Å−1 electron−1
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With such an extrapolation we take into account the slope of the continuum emission
of the stars in order to better remove them from the ﬁnal, pure line-emission images.
• The interpolated continuum image was then subtracted for properly removing the stars
from the F658N (F128N) image:
fF658N,em. = fF658N − fF658N,cont.
fF128N,em. = fF128N − fF128N,cont.. (6.5)
• Afterwards each pixel value was multiplied by the respective bandwidth ∆λ resulting
in the pure line emission image as well as the Robs ﬂux ratio:
FF658N,em. = fF658N,em. ·∆λF658N
FF128N,em. = fF128N,em. ·∆λF128N . (6.6)
• For the theoretical ﬂux ratio of Hα/Paβ, Rint, we derived a value of 17.546 with an
assumed electron temperature of 10000K and an electron density of 100 cm−3 (Os-
terbrock and Bochkarev 1989). Both values have been found in typical H II regions
outside highly ionized regions such as pillars (e.g., McLeod et al. 2015). Additionally,
as it is shown later (Sect. 6.3), the E(B − V )g map is not sensitive to these values.
We adopted a normal total-to-selective extinction of RV = 3.1. From the extinction
law of Cardelli et al. (1989) we derived κ(Hα) = 2.437 and κ(Paβ) = 0.8035. With
Fitzpatrick (1999) we derived κ(Hα) = 2.346 and κ(Paβ) = 0.7621.
• Finally we were able to apply Eq. 6.1 to construct the pixel-to-pixel map of E(B− V )g
shown in Fig. 6.1.1.
6.2 The features of the color excess map
The two-dimensional color-excess map (see Fig. 6.1.1) was created with a spatial resolution
(0.098 arcsec pixel−1) that had never been reached before for this region. The very inhomo-
geneous distribution of the dust extinction shows that diﬀerential reddening must be taken
into account before any conclusion can be reached on the physical parameters of Wd2. We
will use this map to get a dereddened cluster population, where for each of the stars the
individual reddening is estimated locally (see Sect. 8.2).
In Fig. 6.2.1, the reddening map is shown on the left in black and white over-plotted with
the selected cluster members (see Sect. 8.2) in green, and contours representingE(B−V )g.
On the right we show the RGB image of the same spatial extent over-plotted with the same
E(B − V )g contours. This image emphasizes the location of the stellar population of Wd2
with respect to the highly variable color excess on small scales. Here it becomes clear that
this map will improve the correction for diﬀerential reddening of each star individually.
The color excess map is morphologically very inhomogeneous. In the center where the
cluster is located (marked by a cross in Fig. 6.1.1), E(B−V )g has a value of∼ 1.8mag. Here
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Figure 6.1.1: The pixel-to-pixel map of the color excess of the gas E(B − V )g, covering the area where all six
ﬁlters are available (see Fig. 3.1.1). The cross marks the center of Wd2, as given in Simbad. The green lines
indicate the separation in four quadrants (see Sect. 6.2). E(B − V )g,min = 0.002mag and E(B − V )g,max =
11.7mag. The colorbar shows the color excess in magnitudes. All pixels with E(B − V )g > 5mag are shown in
white. The circular areas near and in the cluster center are caused by the substitution of the saturated pixels by
the median of the surrounding area. The two slightly inclined short stripes (one on the left, one on the right side)
are caused by the gap between the two ACS chips (see Fig. 3.1.1). They remain at locations in the combined
image where only one dither position is available.
we also see most of the very bright stars in the color composite image (see Fig. 6.2.1). Also
in the very central region around the cluster there still seems to be a concentration of gas and
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Figure 6.2.1: Left: The pixel-to-pixel map of the color excess E(B − V )g covering the area where all six ﬁlters
are available (see Fig. 3.1.1). The green points are the stars in RCW 49 (see Sect. 8.2), and the contours
represent E(B − V )g in the range of 0 to 2.86 in 9 linear steps. Right: RGB composite image of the F125W
(red), F814W (green), and F555W (blue) ﬁlter.
dust, although we cannot say whether these components are mainly located in front of the
cluster as seen along our line of sight, or in the cluster. A “bridge” with a slightly increased
E(B − V )g ≈ 1.9mag extends from the cluster center to the North-East. In Fig. 6.2.1 one
can see that there are no massive luminous stars visible within this “bridge”. This “bridge” is
not visible in the RGB image. Towards the South and the East where a higher concentration
of dust and gas is observed, the color excess increases to values larger than 2.0mag. In
very dense regions it even can exceed 2.5mag. The color excess map follows very well
the morphology of the gas clouds showing a direct connection between the color excess
E(B − V )g and the cloud structure. As expected the color excess is higher where the clouds
are denser.
The median reddening of the pixels across the reddening map is E(B−V )g = 1.87mag.
The vast majority of all pixels have E(B−V )g between 1–3mag. Only 10742 pixels (0.23%)
have E(B − V )g > 3.0mag and only 1018 pixels (0.02%) exceed 5.0mag. The distribution
of the nebular color excess values can be seen in Fig. 6.2.2.
As shown in Fig. 6.1.1 the range of E(B − V )g values are quite large. We carried out an
analysis of the radial distribution of the color excess. We divided the color excess map into
four quadrants (NW, NE, SW, SE) (see Fig. 6.1.1), with the origin at the center of the cluster
(cross in Fig. 6.1.1). In Fig. 6.2.3 one can see the azimuthal dependence of the color excess.
The dashed-dotted line shows the average of all quadrants. To the South the color excess
increases almost constantly from ∼ 1.86mag to 2.15mag in the South-West and ∼ 2.0mag
in the South-East. To the North, E(B − V )g decreases to ∼ 1.7mag.
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Figure 6.2.2: Left: The distribution of the color excess E(B − V )g with a median of 1.87mag. Only 10742
pixels (0.23%) have a value of E(B − V )g > 3.0mag and only 1018 pixels (0.02%) exceed 5.0mag. Right:
The distribution of σE(B−V )g with a binsize of 0.0075mag. The median value is 0.032mag. The number is
normalized to the total number of pixels.
Figure 6.2.3: The averaged radial distribution of the color excess E(B − V )g in the four quadrants around the
cluster center (cross in Fig. 6.1.1) including the average over all directions (dashed-dotted line).
CHAPTER 6. A HIGH-RESOLUTION 2D MAP OF THE COLOR EXCESS 69
6.3 Uncertainties of the color excess map
6.3.1 Uncertainties due to the electron counts
Before applying the reddening map to our photometric measurements, we needed to assess
the accuracy of the map itself. We did that by assuming that the electron counts on the
detector follow a Poisson distribution. We started with a Poisson error of the counts per pixel
and performed a proper error propagation throughout our whole computation, beginning
with the continuum interpolation up to the ﬁnal E(B − V )g from Eq. 6.1:
σE(B − V ) =
∣∣∣∣ 10.4 (κ(Hα) − κ(Paβ)) ln(10)Robs
∣∣∣∣ · σ(Robs), (6.7)
σ(Robs) is derived the following:
σ(Robs) =
√√√√ 1
f2F658N,em.
σf2F658N,em. +
f2F658N,em.
f4F128N,em.
σf2F128N,em.. (6.8)
The uncertainty in the uncalibrated ﬂux is the Poisson error
√
N of the electron count
N = fF658N,uncal./EXPF658N and N = fF128N,uncal./EXPF128N , where EXP is the exposure
time in each ﬁlter:
σfF658N =
√
fF658N,uncal.
EXPF658N
σfF128N =
√
fF128N,uncal.
EXPF128N
. (6.9)
Combining eq. 6.7–eq. 6.9 we obtain for the total pixel-to-pixel uncertainty for the color
excess map:
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σE(B − V ) =
∣∣∣∣ 10.4 (κ(Hα) − κ(Paβ)) ln(10)Robs
∣∣∣∣ ·
·
[
1
F 2F128N,em.
∆λ2F658N
[
fF658N,uncal. · PHOTFLAMF658N
EXPF658N
+
+
(
λF658N − λF555W
λF814W − λF555W
)2 fF814W,uncal. · PHOTFLAMF814W
EXPF814W
+
+
(
1− λF658N − λF555W
λF814W − λF555W
)2 fF555W,uncal. · PHOTFLAMF555W
EXPF555W
]
+
+
F 2F658N,em.
F 4F128N,em.
∆λ2F128N
[
fF128N,uncal. · PHOTFLAMF128N
EXPF128N
+
+
(
λF128N − λF125W
λF160W − λF125W
)2 fF160W,uncal. · PHOTFLAMF160W
EXPF160W
+
+
(
1− λF128N − λF125W
λF160W − λF125W
)2 fF125W,uncal. · PHOTFLAMF125W
EXPF125W
]]1/2
(6.10)
In Fig. 6.2.2 we show the distribution of σE(B−V )g (derived in Eq. 6.10) with a median
of 0.032mag. 90% of all pixels have an error smaller than 0.057mag in the inferred nebular
color excess.
6.3.2 Variations in the extiction law
As mentioned before, the reddening map depends on the adopted extinction law. For all
further analyses we used the extinction law of Cardelli et al. (1989, hereafter denoted with
the subscript C). For the sake of comparison, we also created the color excess map with the
extinction law of Fitzpatrick (1999, hereafter denoted with the subscript FP). Both extinction
laws are almost identical in the optical regime and so are the results. The median of the
diﬀerence between E(B − V )FP and E(B − V )C is 0.05 ± 0.018mag.
6.3.3 Line emission contamination
A non-negligible eﬀect is the contamination of the wide-band ﬁlters with emission lines (e.g.:
O III, S III, Hβ ). Due to a lack of spectra of the gas and the large diﬀerences in published line
emissions between diﬀerent H II regions, we are unable to estimate the amount of contami-
nation due to those lines. Compared to the Paβ line emission we expect this contamination
in the wide-band ﬁlters to be small.
In order to visualize the possible contamination of the color excess map by nebular line
emission we show in Fig. 6.3.1 the throughputs (top panel) of our ﬁlters together with the
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simulated spectral lines (bottom panel) of a typical H II region using the H II Regions Library2
based on the code CLOUDY (Panuzzo et al. 2003). For the model parameters we adopted
the values (nH ∼ 100 cm−3, Q0 = 4.2 · 1051 s−1) of Pellegrini et al. (2011, and references
therein) for the massive star cluster R136. Since we are only qualitatively interested in the
possible gas emission lines the adopted values fulﬁll our needs.
Figure 6.3.1: Top: Shown are the throughputs of the six used ﬁlters, derived with Synphot. The F128N
passband is located within the wavelength range covered by the F125W ﬁlter. Therefore, the Paβ emission line
contributes to the F125W continuum. Bottom: Synthetic spectral lines from the H II Regions Library (Panuzzo
et al. 2003) show the emission features contaminating the continuum ﬁlters. The Hα line is truncated for plotting
reasons.
The Paβ line is the only line for which we have information in our survey. Hα is located
outside the broadband ﬁlters and, therefore, not contaminating the continuum. Assuming
the ﬂux density to be the same in F125W and F128N , we can derive the contribution of Paβ
via the ﬂux ratio F125W/F128N . Both ﬁlters were multiplied by their respective bandwidth
and PHOTFLAM value. We estimate the contamination of the continuum by the Paβ line to
be ∼ 22%.
2http://pasquale.panuzzo.free.fr/hii/
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Taking into account results from Pang et al. (2011) we estimate the contamination of the
other possible emission lines in the other ﬁlters to be about 10-15% which could increase
the overall color excess by ∼0.1-0.15mag.
Finally, the E(B − V )g excess is also aﬀected by the electron density and temperature
used to calculate the Rint ratio. We calculated E(B−V )g for diﬀerent electron densities and
temperatures. For an increase of the electron density by a factor of two, E(B−V )g decreases
by 0.00124mag. For the extreme cases of Ne = 10000(100) cm−3 and Te = 5000(20000) K,
E(B − V )g changes by +0.028(−0.034)mag.
In summary, we can say that the uncertainties in electron density and temperature are
introducing a small spread, which is below the 90% limit of the photometric uncertainty of
the diﬀerent ﬁlters (see Fig. 4.4.2). The unknown line contamination, on the other hand,
introduces a possible increase of the color excess of the gas E(B − V )g of ∼0.1-0.15mag.
This shift can be calibrated out when transforming E(B − V )g to the stellar color excess
E(B − V )⋆ (see eq. 7.4).
6.4 Limitations of the color excess map
The removal of the stellar contamination by interpolating and subtracting the continuum
emission worked well for all objects up to a certain brightness limit. Problems occurred
for saturated objects and their spikes as well as for those objects with diﬀraction rings. At
the positions of these sources, the pixel values are not reliable anymore. Therefore, the
interpolation and thus the subtraction might partly or totally fail for these objects.
For small areas with just a few unreliable pixel values we were able to clean the ﬁnal
reddening map by performing a spline interpolation. This problem appears for objects close
to the saturation limit meaning that only a few pixels are saturated or the object is saturated
just in one ﬁlter.
For cosmic rays, dead and hot pixels, being these cases where just a single pixel is de-
fective, we were able to clean the ﬁnal map by replacing the aﬀected pixels by the median
value of their surrounding.
For the very bright objects as well as for the whole cluster center, the area of saturated
pixels was too large for a meaningful interpolation. Here we replaced the entire aﬀected
area by the median reddening calculated over an annulus around that area. Those values
should thus be handled with caution. To create a smoother looking map for presentations
(see Fig. 6.1.1) we additionally introduced a random Poisson noise to the interpolated pixel
values (see Fig. 4.4.2). For any scientiﬁc use of the map the values without Poisson noise
are used.
Wo viel Licht ist, ist auch viel Schatten.
— Johann Wolfgang von Goethe: Götz von
Berlichingen
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The stellar reddening toward the direction of
Wd2
This chapter is included as Sect. 5 of Zeidler et al. 2015, AJ, 150, 78 and as Appendix B of
Zeidler et al. 2016, AJ, 152, 4.
After creating the pixel-to-pixel gas excess mapE(B−V )g there was the need to translate
this color excess into a stellar color excessE(B−V )⋆ in order to properly deredden the stellar
photometry. Calzetti (1997) and Calzetti et al. (2000) found a linear empirical relation
between the stellar and the gas reddening (E(B − V )⋆ ∼ f · E(B − V )g). In star forming
regions, the dust in front of the stars is removed or destroyed by stellar feedback. Therefore,
the stellar reddening is smaller than the reddening of the gas. The interstellar medium
(ISM) consists of a diﬀerent composition (grain size, density, etc.) throughout the Galaxy.
Therefore, this linear, empirical relation is only valid for a small range in color excess E(B−
V ) and needs to be determined for each cluster independently.
7.1 Transformation of the color excess between filter systems
We used the results of the ground-based optical spectral types of massive stars in Wd2 from
Vargas Álvarez et al. (2013) and Rauw et al. (2007, 2011) to obtain the bolometric magni-
tude of each of those stars using Tab 1.4 of Sparke and Gallagher (2007) combined with the
zero-age-main-sequence (ZAMS)1. We used this information to determine the color excess of
1The ZAMS was derived combining isochrones from the PAdova and TRieste Stellar Evolution Code
(http://stev.oapd.inaf.it/cmd) (hereafter: PARSEC, Bressan et al. 2012), at which age a star for a certain
mass interval reaches the main sequence.
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Table 7.1.1. The transformation parameters
Filter Filter system λP [nm] a b
F336W WFPC2 334.44 0.87338 2.37152
F439W WFPC2 431.13 0.99552 1.12082
B — 4452 1.00213 0.94137
V — 5511 1 0
F555W ACS 536.10 1.00699 0.06883
F555W WFPC2 543.90 1.00311 0.02704
F814W WFPC2 801.22 0.78049 −0.57273
F814W ACS 805.70 0.77652 −0.58020
F125W WFC3IR 1248.6 0.40149 −0.36821
F160W WFC3IR 1536.9 0.28735 −0.26382
Note. — The parameters a and b for transforming the color excess of
the stars E(λ1 − λ2) to an excess E(B − V ). The parameters a and b are
calculated with Eq. 3a and 3b from Cardelli et al. (1989).
the star combining the intrinsic color and the color derived with the photometric catalog of
Vargas Álvarez et al. (2013) (E(B−V )⋆ = (B−V )⋆− (B−V )th) since our photometric cat-
alog does not cover the B-band. We then used the proper transformation of the photometry
from the WFPC2 photometric system to the Johnson-Cousins system:
E(λ1 − λ2)g
E(B − V )g =
aλ1 +
bλ1
RV
− aλ2 −
bλ2
RV
aB +
bB
RV
− aV − bVRV
. (7.1)
The parameters a and b are calculated with Eq. 3a and 3b from Cardelli et al. (1989)
and given in Tab. 7.1.1. λ1 and λ2 are the pivot wavelengths λP of the F439W and F555W
ﬁlters, respectively. For the total-to-selective extinction, we used the same value as in the
color excess map (RV = 3.1). We should note that even though we inferred an RV here in
order to determine E(B − V )⋆, we analyze RV in Sect. 8.2.1. The inferred range of values
of RV between 3.1 and 4.0 leads to a change in E(B − V )⋆ of ∼ 0.6%.
The HST ﬁlters are just a rough representation of the Johnson-Cousins photometric sys-
tem (Johnson and Morgan 1953) and constitute their own photometric system (see through-
put curves of Fig. 13 of Sirianni et al. 2005). A detailed description and calibration cook-
book for the HST/ACS ﬁlters are provided in Sirianni et al. (2005). So far we always used
the internal HST ﬁlter sets apart from the reddening correction via the color excess map
E(B−V ). The Cardelli et al. (1989) extinction law depends on the total-to-selective extinc-
tion parameter RV and assumes a diﬀerent analytical form depending on the wavelength,
divided into three wavelength regimes: infrared, optical/near-infrared, and ultraviolet. In
the optical/near-infrared it is described as a seventh degree polynomial (see Eq. 1, 3a, b of
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Cardelli et al. 1989) that ﬁts their ﬁve passbands (UBV RI).
We detected a discrepancy in the colors when we used the F555W ﬁlter between the
reddening-corrected photometric catalog and the theoretical PARSEC 1.2S isochrones (Bres-
san et al. 2012). We translated the color excess E(B − V ) to a total extinction A(λ) at the
pivot wavelength λP for each of the used HST ﬁlters using the deﬁnition of the total-to-
selective extinction RV = AV /E(B − V ) and Eq. (1) of Cardelli et al. (1989):
A (λ) = [a(x) · RV + b(x)] ·E(B − V ). (7.2)
Here, x = 1/λ [µm−1] while a(x) and b(x) are the inverse wavelength-dependent coef-
ﬁcients of Cardelli’s extinction law (Cardelli et al. 1989) at the pivot wavelength λP of the
HST ﬁlters (see Tab. 7.1.1). The F555W ﬁlter is the only ﬁlter in our observations whose
pivot wavelength of λP = 536.1 nm is bluer than Johnsons-Cousin’s V -band, while the width
is larger than the V-band width (see Fig. 1, Maíz Apellániz 2013). The pivot wavelength is a
weighted mean taking into account the ﬁlter’s throughput curve. The extinction law is just
evaluated at one point. This fact is also mentioned by Maíz Apellániz (2013) and Sirianni
et al. (2005). At the location of the V -band the inverse wavelength-dependent coeﬃcient
b(x) of Cardelli’s extinction law (Cardelli et al. 1989) changes its sign and so the evaluation
of the A(F555W )/A(V ) at just λP = 536.1 nm can cause errors. In our case this leads to
an under-correction of the reddening for the F555W ﬁlter. In the left panel of Fig. 7.1.1 we
give the example of the reddening-corrected (F555W − F814W ) vs. (F814W − F160W )
two-color diagram (TCD).
To correct A(F555W )/A(V ) we used four TCDs based on the F814W , F658N , F125W ,
and F160W ﬁlters. We selected the MS stars and ﬁtted them simultaneously to the ZAMS
by adjusting A(F555W )/A(V ) taking into account the photometric errors. It is possible to
reduce this problem to a linear ﬁt of the following form:
(F555W −X0)− (F555W −X)ZAMS =
A(F555W )
A(V )
·E(B − V ). (7.3)
X represents the diﬀerent ﬁlters. In Fig. 7.3 the relations for four diﬀerent ﬁlters are
plotted including the overall best ﬁt, which results inA(F555W )/A(V ) = 1.038. This implies
an increase of 1.4% for the ratio A(F555W )/A(V ) with a total-to-selective extinction of
RV = 3.95 (see Sect. 8.2.1). As an example and comparison, we give in the right panel of
Fig. 7.1.1 the reddening-corrected (F555W − F814W ) vs. (F814W − F160W ) TCD for the
adjusted A(F555W )/A(V ) value.
This analysis leads to an adjustment of a(x) ·RV + b(x) to 4.10158 for the F555W ﬁlter.
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Figure 7.1.1: The reddening-corrected (F555W − F814W ) vs. (F814W − F160W ) TCD of the selected stars
in RCW 49. Left: The dereddening was performed with a color-excess transformation A(F555W )/A(V ) =
1.024 using the pivot wavelength of the F555W ﬁlter. Right: We used a color-excess transformation
A(F555W )/A(V ) = 1.038 for the dereddening to ﬁt the MS to the ZAMS in the TCDs. The blue diamonds
are the selected MS stars used for the ﬁt. The red line represents the ZAMS from the PARSEC 2.1S models.
7.2 Transformation of the gas excess map to the stellar excess
map
In order to get the transformation between the stellar excess and the gas excess we used
all stars with spectroscopy that have individual reddening values (e.g.: are not located in
the center) and are main-sequence stars (class V without special line features). A linear,
error weighted regression revealed the following relation between the gas and the stellar
extinction:
E(B − V )⋆ = 0.4314 · E(B − V )g + 0.7400. (7.4)
It is satisfactory to use a total-to-selective extinction of RV = 3.1 for creating the color-
excess map of the gas (see Sect. 6) since a diﬀerent RV will be compensated by diﬀerent
regression parameters in Eq. 7.4 and, therefore, leaves the overall outcome for E(B − V )⋆
unaﬀected. This results in an intersect greater than zero. Eq. 7.4 now allows us to translate
the E(B−V )g gas extinction map into a map of the stellar extinction E(B−V )⋆. The overall
median of E(B − V )g = 1.87mag transforms to E(B − V )⋆ = 1.55mag. In Fig. 7.2.1 one
can see the stars used to calculate the transformation.
In Fig. 7.2.1 the histogram of the distribution of the color excess E(B − V ) is plotted
for each of the 14199 objects in the catalog spatially covered by the color excess map. The
gas excess distribution is shown in red while the stellar excess distribution is shown in blue.
The asterisks mark the color excesses of the thirteen stars with spectral types, which we
used to obtain the linear regression for transforming the gas excess into a stellar excess.
CHAPTER 7. THE STELLAR REDDENING TOWARD THE DIRECTION OF WD2 77
Figure 7.1.2: The linear ﬁt for the reddening correction using all main-sequence stars for the four TCDs involving
the F555W band. The straight line represents the best ﬁt taking into account photometric errors.
It can be seen that the color excess of the 13 stars is equally distributed over the whole
range in color excess of all objects in the catalog. Therefore, the linear approach is valid
for the complete catalog. However, we caution that this transformation cannot be used to
extrapolate to E(B − V )g = 0mag or to very high E(B − V )g values.
7.3 The stellar color excess derived with UBV photometry
An independent way of deriving the stellar reddening towards Wd2 is to use UBV TCD.
Since our own photometric catalog lacks the U -band photometry, we used the photometric
catalog of Vargas Álvarez et al. (2013), including the spectroscopy derived by Rauw et al.
(2007, 2011), and Vargas Álvarez et al. (2013). We used all stars with a spectral classiﬁcation
of luminosity class V, meaning that they are located on the main-sequence, and have no
abnormal line features (see Tab. 7.3.1) and a determined photometry in the F439W and
F555W WFPC2 ﬁlters.
Using the PARSEC ZAMS with the same procedure as described in Sect. 7.1, we were
able to obtain the locus of the spectroscopically determined stars on the main-sequence in
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Figure 7.2.1: Left: The 13 stars with spectroscopic data used to calculate the transformation between the pixel-
to-pixel gas excess map E(B − V )g to the stellar excess E(B − V )⋆ are shown here. The green line is the best
ﬁt linear regression including error weighting. Right: The distribution of the color excess E(B − V ) for each of
the 14199 objects in the catalog, covered by the color excess map. The gas excess distribution is shown in red
while the stellar excess distribution is shown in blue. The asterisks mark the color excesses of the thirteen stars
with spectral types used to obtain the linear regression for transforming the gas excess into a stellar excess.
the UBV TCD. By shifting the individual stars in the TCD to their theoretical loci on the main
sequence we could derive the stellar color excess E(F439W − F555W )⋆ and E(F336W −
F439W )⋆. Column 7 of Tab. 7.3.1 lists the derived values transformed to the Johnson-
Cousins photometric system with the extinction law of Cardelli et al. (1989) (see Eq. 7.1).
The slope of the two-color excess in the TCD gives a ratio of E(U − B)/E(B − V ) =
0.85 ± 0.033. Therefore, it is larger than the mean throughout the MW, which amounts to
E(U − B)/E(B − V ) = 0.72 (Fitzgerald 1970). This is consistent with the higher total-
to-selective extinction derived in Sect. 8.2.1. The mean of the color excess of the stars
derived via the TCD is E(B − V )⋆ = 1.62 ± 0.113. The median of the color excess of the
stars derived with the color excess map was E(B − V )⋆ = 1.55. Comparing the individual
values of E(B − V )⋆ derived with the TCD with those of the color excess map reveals a
mean diﬀerence of ∆E(B − V )⋆ = 0.087 ± 0.129. We can say, within the errors, that our
method of deriving the pixel-to-pixel gas excess map and transferring it to an excess map of
the stars was successful and we can conﬁdently use this map to deredden our photometry
of the cluster members.
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Table 7.3.1. Comparison to spectroscopic data
ID RA Dec Spec. Type F555W (F439W − F555W ) E(B − V )⋆ E(B − V )g An.
J2000 J2000 int,th V.-A. TCD map σmap map σmap
1 10:23:55.176 -57:45:26.89 O4 V 15.610 -0.281 1.776 1.841 1.526 0.013 1.822 0.024 b
2 10:23:56:160 -57:45:29.99 O4 V–III((f)) 14.514 -0.281 1.451 — 1.488 0.006 1.734 0.020 b
5 10:23:59.201 -57:45:40.53 O7.5 V 16.015 -0.270 1.666 1.734 1.629 0.099 2.061 0.038 b
6 10:24:01.920 -57:45:32.62 O8.5 V 16.100 -0.263 1.489 1.574 1.686 0.014 2.193 0.027 a,b
7 10:24:00.353 -57.45:42.71 O8 V 15.863 -0.267 1.615 1.687 1.528 0.018 1.827 0.036 b
9 10:23:00.480 -57:45:24.01 O4 V 14.546 -0.281 1.485 1.581 1.514 0.007 1.794 0.015 b
10 10:24:00.499 -57.44:44.53 B1 V 15.587 -0.254 1.358 1.441 1.437 0.018 1.615 0.030 b
12 10:24:00.713 -57.45:25.42 O8 V 15.466 -0.267 1.410 1.503 1.514 0.015 1.794 0.023 b
13 10:24:00.816 -57.45:25.87 O6.5 V 14.866 -0.276 1.454 1.549 1.514 0.012 1.794 0.015 b
14 10:24:00.979 -57.45:05.50 B1 V 16.111 -0.254 1.336 1.421 1.473 0.020 1.699 0.041 a,b
15 10:24:01.070 -57.45:45.73 O9.5 V 16.239 -0.259 1.482 1.561 1.576 0.017 1.938 0.027 b
16 10:24:01.200 -57:45:31.07 O3 V 13.487 -0.283 1.513 1.608 1.543 0.017 1.862 0.006
17 10:24:01.392 -57:45:29.66 O4 V 14.084 -0.281 1.411 1.515 1.543 0.006 1.862 0.007
18 10:24:01.454 -57.45:31.33 O3 V 15.042 -0.283 1.403 1.510 1.543 0.007 1.862 0.017
19 10:24:01.524 -57.45:57.06 O6 V 15.053 -0.278 1.810 1.868 1.682 0.079 2.184 0.017 b
20 10:24:01.610 -57.45:27.89 O5.5 V 14.921 -0.278 1.378 1.482 1.543 0.008 1.862 0.027
21 10:24:01.889 -57.45:40.05 O9.5 V 16.574 -0.259 1.656 1.717 1.543 0.023 1.862 0.042 a
22 10:24:01.889 -57.45:28.00 O8 V 15.524 -0.267 1.510 1.593 1.543 0.015 1.862 0.022
23 10:24:02.064 -57:45:28.01 O6 III 14.453 -0.278 1.664 — 1.543 0.010 1.862 0.009
24 10:24:02.186 -57.45:31.32 O9.5 V 16.609 -0.259 1.601 1.668 1.543 0.020 1.862 0.040 a
25 10:24:02.256 -57.45:35.12 O4–5 V 14.736 -0.281 1.498 1.592 1.543 0.007 1.862 0.018
26 10:24:02.304 -57:45:35.53 O4.5 V 13.893 -0.281 1.475 1.571 1.543 0.006 1.862 0.008
27 10:24:02.376 -57:45:30.64 O3 V((f)) 13.878 -0.283 1.618 — 1.543 0.018 1.862 0.004
29 10:24:02.414 -57.45:47.11 O9.5 V 16.637 -0.259 1.704 1.760 1.592 0.112 1.976 0.048 a,b
30 10:24:02.448 -57.44:36.13 O5 V–III 13.155 -0.280 1.359 — 1.479 0.052 1.712 0.003 b
31 10:24:02.518 -57.45:31.47 O8.5 V 15.790 -0.263 1.598 1.671 1.543 0.014 1.862 0.033
32 10:24:02.555 -57.45:30.52 O8.5 V 16.243 -0.263 1.649 1.717 1.543 0.017 1.862 0.030
33 10:24:02.604 -57.45:32.26 O6–7 V 16.118 -0.276 1.579 1.661 1.543 0.016 1.862 0.039
34 10:24:02.664 -57.45:34.38 O3–4 V 14.554 -0.282 1.528 1.620 1.543 0.005 1.862 0.016
35 10:24:02.789 -57.45:30.05 O8 V 15.963 -0.267 1.593 1.667 1.543 0.017 1.862 0.035
36 10:24:03.787 -57.44:39.87 O9.5 V 15.349 -0.259 1.380 1.470 1.543 0.012 1.862 0.022 b
37 10:24:04.901 -57.45:28.43 O4–5 V 14.528 -0.281 1.606 1.688 1.511 0.079 1.787 0.012 b
Note. — All stars with a determined spectroscopic type and existing photometry in the two ﬁlters F439W and
F555W from Vargas Álvarez et al. (2013) and Rauw et al. (2007, 2011). All WFPC2 photometry was adopted
from Vargas Álvarez et al. (2013). Column 1 shows the identical stellar ID as in Tab. 2.2.1. Columns 2–3 list
the J2000 coordinates followed by the spectral type. Column 5 gives the WFPC2 F555W magnitude. Columns
6 gives the WFPC2 F439W − F555W theoretical intrinsic colors, derived from (p.23, Tab.1.4, Sparke and
Gallagher 2007) in combination with the PARSEC ZAMS. Column 7 lists the stellar WFPC2 F439W − F555W
colors. Column 8 gives the stellar excess derived from the UBV TCD. Columns 9–12 list the stellar and gas
excess E(B − V ) and their respective uncertainties derived from our color excess map . Column 13 gives
additional information: (a) stars have a proper F160W and F814W photometry in our data and are shown in
our CMD (Fig. 8.2.3), (b) individual reddening from the gas extinction map is available.
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The stellar population of the RCW 49 region
This chapter is included as Sect. 6 and Sect. 7 of Zeidler et al. 2015, AJ, 150, 78 and as
Sect. 3 of Zeidler et al. 2016, AJ, 152, 4.
In this chapter, we present the analysis of the global stellar population of the RCW 49
region and the Wd2 cluster.
8.1 The separation of the cluster population from the field stars
In order to understand the stellar populations in our dataset we plotted the F814W−F160W
vs. F814W CMD of our catalog (see Fig. 8.1.1). This CMD contains 7697 objects in total.
Looking at the CMD it immediately becomes clear that we observe a composite population.
There are two parallel sequences: a blue one at F814W −F160W ∼ 2–4mag, and a redder
one, at F814W−F160W ∼ 4–8mag (with approximate boundaries represented by the green
lines in Fig. 8.1.1). The bluer population seems to consist of two branches, probably due to
stars at diﬀerent distances along the line of sight through the Galactic disk. The brightest
objects can be seen at F814W ≅ 14mag.
The bluer sequence of the two clearly separated populations can be explained with the
foreground population of the Galactic disk toward Wd2 (see Sect. 8.2). This population is
located closer to us and hence less reddened. This makes those stars appear bluer in the
CMD. The red sequence of the CMD is most likely the cluster population of Wd2 (see Sect.
8.1).
Our data suﬀer from saturation of the very bright objects (see Sect. 4), and for this
reason we do lose stars in the CMD at the bright end. Due to the detection method in the
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WFC3/IR ﬁlters (see Sect. 3) saturation occurs only in the optical ﬁlters but on the other
hand the WFC3/IR ﬁlters suﬀer from severe crowding in the cluster center. Comparing our
objects with detections in at least two ﬁlters with more shallow photometric studies from the
literature (Vargas Álvarez et al. 2013) and the spectroscopically classiﬁed stars we conclude
that we miss a minimum of 49 luminous stars, at the bright end of our photometry. For a
detailed discussion see Sect. 10.1.
Figure 8.1.1: The F814W vs. (F814W − F160W ) CMD of the Wd2 region. The plot contains 7697 objects.
On the right representative photometric error bars are shown in bins of 1mag. Left: The green lines represent
the separation between the two parallel sequences of likely foreground stars (blue sequence) and point sources
likely associated with Wd2. Right: The red points represent likely members of the RCW 49 region (including
cluster members). The black sources are probable foreground stars. The green points indicate the location of the
synthetic objects from the Besançon model in the direction of Wd2 up to the cluster distance of 4.16kpc falling
within a FOV corresponding in size to our survey area (∼ 21 arcmin2). Their superposition with the black points
suggests that the latter are less reddened foreground stars. The black solid line marks our arbitrary separation
between cluster and ﬁeld stars.
In order to study the properties of Wd2 and the spatial morphology of the stellar content
we need to extract a sample of probable RCW 49 member stars. Therefore, we need to clean
the catalog from foreground objects (see Sect. 8.1).
The RCW 49 member selection was performed using the F814W − F160W vs. F814W
CMD of our catalog. As a ﬁrst step, we divided the data in likely foreground population stars
(2093) (marked by black points) and the likely RCW 49 member stars (5604), indicated by
red points (see Fig. 8.1.1). Distinguishing these two populations by deﬁning a diagonal line
was possible due to the clear separation of the two sequences and even at the faint end of the
CMD the photometric uncertainties are still small enough to clearly separate the sequence
formed by unrelated foreground Galactic disk objects and by the RCW 49 members.
To test whether the black objects are indeed contaminant stars of the Galactic plane,
we simulated the MW disk in the direction of Wd2 with the Model of stellar population
synthesis of the Galaxy, the Besançon model (Robin et al. 2003). This model adopts the
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extinction law of Mathis (1990). It lacks the spiral arm structure (Robin et al. 2003), but
since we are just sampling one line of sight, this should not be a problem. We simulated the
color-magnitude locus of the expected stars in the Galactic plane up to the cluster distance
of 4.16 kpc across a FOV corresponding in size to our survey area (∼ 21 arcmin2). The simu-
lated stellar distribution is visualized by the green points in Fig. 8.1.1. We transformed the
model colors and bands, which are by default in the Johnson-Cousins photometric system
(Johnson andMorgan 1953), into the HST photometric system with the synphot/calcphot
routine1(Laidler et al. 2005) for consistency with the data. It looks like the green points are
centered between the two slightly separated populations of the foreground, most likely orig-
inating from a non-uniformly distributed ISM in the line of sight towards Wd2. The green
points do indeed nicely overlap with the blue diagonal sequence of suspected foreground
stars, supporting our assumption. Since we do not know the distribution of the foreground
reddening we cannot reproduce the exactly observed distribution of the foreground popula-
tions.
8.2 The global, physical parameters of Wd2
Using our high resolution dataset in combination with the 2D color excess map we are able
to determine the physical properties of Wd2.
8.2.1 The total-to-selective extinction toward the direction of Wd2
In order to correct for the high diﬀerential reddening, visible in the map of the color excess
E(B−V )g (see Fig. 6.1.1.), we need to get a better insight in the total-to-selective extinction
ratio RV :
RV =
AV
E(B − V ) , (8.1)
where AV represents the total extinction in the visible.
Since the distance modulus for Wd2 is not yet ﬁxed, we used the TCD to derive a value
forRV , since TCDs have the advantage of being distance independent. To deriveRV , we had
to ﬁnd the best ﬁt of the ZAMS to the likely main-sequence stars of our photometric catalog.
Therefore, we used all stars brighter than F814W > 18mag of the RCW 49 members (red
points in Fig. 8.2.1 and Fig. 8.2.1 selected through the CMD of Fig. 8.1.1). We used three
diﬀerent TCDs: F555W − F814W vs. F814W − F125W , F555W − F814W vs. F125W −
F160W , and (F439W −F555W )WFPC2 vs. (F555W −F814W )WFPC2. Here again, we also
used the WFPC2 data from the photometric catalog of Vargas Álvarez et al. (2013). The
PARSEC ZAMS was used for Solar metallicity Z = 0.0152 (Caﬀau et al. 2011).
1Synphot is a product of the Space Telescope Science Institute, which is operated by AURA for NASA.
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In order to deredden the stars onto the locus of the ZAMS in the TCDs we used the
extinction law of Cardelli et al. (1989) (see Eq. 7.1) to calculate the absolute extinction
Aλ in dependence of RV . In order to get the best ﬁt for the three TCDs we needed to
apply values of RV = 3.81 for F555W − F814W vs. F814W − F125W (see Fig. 8.2.1),
RV = 3.96 for F555W − F814W vs. F125W − F160W (see Fig. 8.2.1), and RV = 4.08
for (F439W − F555W )WFPC2 vs. (F555W − F814W )WFPC2 (see Fig. 8.2.1). In the cor-
responding Fig. 8.2.1, Fig. 8.2.1, and Fig. 8.2.1 we show the stellar population including
the ZAMS and the reddening vector. The red points represent the likely MS stars, the blue
diamonds represent the objects for which spectroscopy is available. The discrepancies at
the red end of the IR ﬁlters in the TCD with respect to the remaining objects (black points)
originate from the very numerous PMS population appearing redder due to their circum-
stellar dusty envelopes. Because of the high number of spectroscopically observed stars in
Fig. 8.2.1, we only used those objects for ﬁtting. The ZAMS ﬁtting gives us a mean value of
RV = 3.95±0.135. Spectroscopic observations of the most massive stars (Vargas Álvarez et al.
2013; Rauw et al. 2007, 2011) and a photometric study of Hur et al. (2015) show that Wd2
has a total to selective extinction in the visual (RV = AV /E(B − V )) of about 3.64–3.85,
which agrees with our value within the uncertainties. From the spectral-energy distribution
(SED) ﬁtting of O and B-type stars observed with the VLT Survey Telescope (VST) Mohr-
Smith et al. (2015) recently derived RV = 3.96+0.12−0.14, also in excellent agreement with our
ﬁnding.
8.2.2 The extinction correction of our cluster CMD
The high resolution color excess map of the gas E(B − V )g, was transformed to the stellar
color excessE(B−V )⋆ (see Sect. 7.2) and used to correct the CMD for diﬀerential reddening.
In other words, we used the resulting stellar color excess estimate at the position of the
stars to subtract the foreground reddening. For the color excess E(B − V )⋆ at each stellar
position, the median E(B − V )⋆ within three sigma of the mean PSF was calculated and
then translated into the total extinction Aλ at the pivot wavelength λ of the HST ﬁlters,
using again the extinction law of Cardelli et al. (1989) (see Eq. 7.2).
In Fig. 8.2.2 we show the CMD of the Wd2 members as observed (left) as well as the
individually dereddened CMD (right). The red arrow shows the overall median reddening
of E(B − V )⋆ = 1.55 with RV = 3.95 (see Sect. 8.2.1 for determining RV ). We should
note here that for objects lying in regions where the color excess map needed to be inter-
polated or substituted by the median (see Sect. 6.4), the uncertainty of the dereddening
is bound to the uncertainty of the estimation of the values of the saturated pixels. Conse-
quently, individual dereddening means using the individual stellar excess for each star and
the extrapolated/substituted value for the stars where the color-excess map has corrupt pix-
els. As one can see from the color representation of the density in the plot, a tightening of
the CMD was achieved. Nevertheless, the spread cannot be reduced to less than the intrinsic
age spread of ∼ 2Myr. Also eﬀects like rotation and and binarity play a role. PMS stars have
their own circumstellar eﬀects, in addition to the general diﬀerential reddening, causing
broadening of the CMD.
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Figure 8.2.1: The F555W −F814W vs. F814W −F125W TCD (top, left), the F555W −F814W vs. F125W −
F160W TCD (top, right), and the (F439W −F555W )WFPC2 vs. (F555W −F814W )WFPC2 TCD (bottom, left)
of the Wd2 photometric catalog (the WFPC2 photometry is from Vargas Álvarez et al. (2013)). The green line
represents the PARSEC ZAMS. We show in red the reddening vector for E(B−V )⋆ = 1.55mag and RV = 3.81,
RV = 3.96, and RV = 4.08, respectively. The red points represent the likely MS stars (all RCW 49 members
brighter than F814W < 18mag). The discrepancies at the red end originate from the rich PMS population
appearing redder due to the persisting dusty envelopes around the stars. The blue diamonds mark the stars with
spectral types from Vargas Álvarez et al. (2013).
8.2.3 The distance and age
The distance to Wd2 is still subject of debate in the literature. Published values range from
2.8 kpc (Rauw et al. 2007; Ascenso et al. 2007a; Carraro et al. 2013), to 4.16 kpc (Vargas
Álvarez et al. 2013), 5.7 kpc (Piatti et al. 1998), 6.4 kpc (Carraro and Munari 2004) to 8 kpc
(Rauw et al. 2007, 2011). Discrepancies also exist in the published ages: an upper age limit
of 3Myr was inferred for the whole cluster and 2Myr for the core by Ascenso et al. (2007a)
and Carraro et al. (2013).
To determine the distance and age ofWd2we used themethod of over-plotting isochrones
to our F814W0 vs. (F814W − F160W )0 CMD. We especially focused on the turn-on (TO),
since here the isochrones are not degenerate in age andmost distinguishable from each other.
We used PARSEC isochrones for 0.5–2.0Myr and Solar metallicity of Z⊙ = 0.0152.
86 8.3. THE SPATIAL DISTRIBUTION OF THE STELLAR POPULATION
Figure 8.2.2: Left: The observed F814W vs. (F814W − F160W ) CMD of the likely cluster members. Right:
The F814W0 vs. (F814W − F160W )0 CMD of the of the individually dereddened cluster stars. The red arrow
marks the reddening vector corresponding to the median E(B−V )⋆ = 1.55mag with RV = 3.95. The colorbar
represents the number of objects per bin (binsize: 0.1 × 0.2mag). The range in color is the same in both plots.
To determine the best distance, we used the already dereddened CMD (see Fig. 8.2.3,
right panel). We corrected the chosen PARSEC isochrones (Bressan et al. 2012) for the dis-
tance modulus. We applied diﬀerent values for the distance and assessed the best ﬁt to both
the locus of the TO region and the PMS population. This corresponded to a distance of
d = 4 kpc and is in good agreement with the distance inferred from the spectroscopic obser-
vations of Vargas Álvarez et al. (2013). Their distance is based on the physical constraints
derived from the spectral types of the most massive stars in Wd2. The method they adopted
is more accurate than our empirical ﬁt, and, therefore, we will assume for all the subsequent
calculations their value of d = 4.16 kpc.
Taking into account the magnitude range of the TO we can conclude that the age for the
whole cluster is in the range of 0.5–2.0Myr. The uncertainty in the total-to-selective extinc-
tion, ∆RV ± 0.135, results in an age uncertainty of ∼ 0.5Myr assuming that the luminosity
of the stars is constant. The impact on the distance is ±0.01 kpc and, therefore, negligible.
8.3 The spatial distribution of the stellar population
Vargas Álvarez et al. (2013) and Hur et al. (2015) pointed out that Wd2 shows a smaller
density clump northwards of the MC. Hur et al. (2015) named this concentration of stars
“northern clump”, while Vargas Álvarez et al. (2013) also noticed a “a secondary concentra-
tion of stars 45′′ to the North”. To further determine the spatial distribution of the stars we
analyze the surface density variations of the stellar population.
In order to determine the surface density distribution of the stellar population of Wd2,
we corrected our photometric catalog for completeness as described in Sect. 5. Although
the level of completeness is very high across the cluster area (see Sect. 5.3), in the cluster
center, very close to the O and B stars, the detection rate drops rapidly in all ﬁlters. In order
to correct properly for incompleteness, brightness cuts are needed in the two ﬁlters used for
CHAPTER 8. THE STELLAR POPULATION OF THE RCW 49 REGION 87
Figure 8.2.3: The extinction corrected F814W0 vs. (F814W − F160W )0 CMD of the 5418 point sources left
after the Wd2 member selection. The colored lines represent the PARSEC PMS isochrones for 0.5–2.0Myrs best
ﬁtting the TO of the main sequence. The error bars represent the typical photometric uncertainties in diﬀerent
magnitude bins. We applied an RV = 3.95 with a distance of 4.16kpc. The red diamonds mark the stars for
which spectroscopic data are available (see Tab. 7.3.1). The dashed-dotted lines represent the maximum possible
shifts of the isochrones for ∆RV ± 0.135 assuming a constant luminosity of the stars.
the selection of cluster members. These are F814W = 21.8mag and F160W = 17.8mag
and correspond to a 75% completeness level in each ﬁlter (M ∼ 0.5M⊙). These limits have
been chosen, so that in the center of the clumps a completeness level of 50% is reached.
We then calculated the surface density of the remaining cluster members, obtaining the
local, completeness-corrected surface density around each star (within a radius of 10.8 arcsec)
brighter than F814W = 21.8mag and F160W = 17.8mag. This rather irregular grid
was then triangulated to a regular grid of 392 × 403 bins (binsize: 1.08 arcsec), using the
Triangulate and TriGrid routines of IDL2. The resulting surface density map is shown in
Fig. 8.3.1.
2Additional data analyses were done using IDL version 8.5 (Exelis Visual Information Solutions, Boulder,
Colorado).
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Figure 8.3.1: The surface density map of the likely RCW 49 members. The colorbar represents the stellar
surface density in number arcmin−2. The contours show the density in 15 linear steps from 0–1800arcmin−2.
The black dots represent the stars used to produce the density map. The survey areas of the two instruments are
shown as the black outlines. The red lines represent the determined boundaries of the MC and NC, the crosses
mark their respective center. The green line is the 2σ outline of the 2D-Gaussian ﬁt, marking the boundary
within which stars are considered as cluster members of Wd2.
To determine the surface density proﬁle of Wd2, as well as the shapes and spatial ex-
tents of the two clumps, we ﬁtted a combination of two 2D-Gaussians, including rotation
of the axes, and a common oﬀset. We ﬁrst smoothed the density distribution with a binsize
of four, in order to ﬂatten the small scale ﬂuctuations produced by local inhomogeneities.
We used this smoothed density distribution to determine the peak positions and their max-
imum densities. The peak coordinates (J2000) for the MC are R.A.=10h24m01s.65 and
decl.=−57◦45′33.4′′ with a peak density of 1863 stars arcmin−2. For the NC we obtained
R.A.=10h24m02s.16 and decl.=−57◦44′39.3′′ with a peak density of 937 stars arcmin−2. This
leads to a projected central distance between the peaks of the two clumps of d = 54.25 arcsec
(1.09pc) at the distance of 4.16 kpc (Vargas Álvarez et al. 2013; Zeidler et al. 2015). In
Fig. 8.3.2 one can see the 3D plot of the smoothed density map. The xy-plane represents
the coordinates in R.A. and decl. and the z-axis represents the surface density in arcmin−2,
which is identical to Fig. 8.3.1 For orientation purposes, the same contours as in Fig. 8.3.1
are shown in the xy-plane
To analyze and compare the properties of the two clumps, we deﬁned the 1σ width of the
ﬁtted Gaussian distributions as the size of the two clumps. An elliptical shape distribution
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Figure 8.3.2: The three dimensional plot of the smoothed surface density map of the likely RCW 49 members.
The xy-plane represents the coordinates in R.A. and decl. and the z-axis represents the surface density including
the colorbar in number arcmin−2. It is identical to the colorbar of Fig. 8.3.1. In the xy-plane the same contours
as in Fig. 8.3.1 are shown. The contours traces the density in 15 linear steps. The red contour lines represent
the determined 1σ boundaries of the MC and NC.
for the MC is not a very accurate representation and for this reason we used the contour
line at the 1σ width of the Gaussian ﬁt. The NC is partly embedded in the wings of the MC
distribution so we could not use a closed contour line for the 1σ density. Instead we approx-
imated it with an ellipse, which is the result of the 2D Gaussian ﬁt. The major and minor
axes represent the 1σ width of the Gaussian distribution. Within these boundaries, the MC
and NC cover an area of 0.31 arcmin2 (0.44pc2) and 0.27 arcmin2 (0.38pc2), respectively.
To separate the cluster of Wd2 from the periphery of RCW 49, we deﬁned its 2σ density
contour as the cluster boundary. Its projected area is 2.57 arcmin2 (3.74pc2). The sizes
of our clumps are comparable with the core radii that Kuhn et al. (2014) derived in their
analysis of the sub-clustering of 17 regions in the Massive Young Star-Forming Complex
Study in Infrared and X-ray (MYSTiX, see Feigelson et al. 2013) project. The sizes of the
cores in their study range from 0.01pc to > 2 pc, where 68% of their core radii are between
0.06 and 0.45pc.
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The MC includes 378 observed PMS members (490 after completeness correction) lead-
ing to a completeness-corrected surface density of ΣMC = 1114 stars pc−2, while the NC
comprises 157 observed PMS members (211 after completeness correction) resulting in a
completeness-corrected surface density of ΣNC = 555 stars pc−2. The surface density of the
Wd2 cluster as a whole, including MC and NC, is ΣWd2 = 264 stars pc−2. We note here again
that all surface densities are based on a lower mass cutoﬀ at 0.5M⊙.
8.3.1 The uniformly distributed low-mass stellar population
We analyzed the observed and completeness-corrected spatial distributions of the stellar
population in RCW 49 in diﬀerent brightness bins. Outside the two clumps we can analyze
stars with masses lower than 0.5M⊙. The spatial distribution of the lowest-mass stars (<
0.15M⊙ down to the detection limit of ∼ 0.09M⊙) outside the two clumps appears uniform
throughout the RCW 49 region. In total, 1293 low-mass cluster members (< 0.15M⊙) are
detected. This gives a total, completeness-corrected number of 1494 low-mass stars, down
to the detection limit ∼ 0.08M⊙, deﬁning a stellar surface density of Σ = 105 stars pc−2, not
including the regions of the NC and the MC (see Sect. 5.2.1).
This uniformly distributed low-mass stellar population extends to the ridges of the sur-
rounding gas and dust cloud. Additionally, we found a small age gradient of ∼ 0.15Myr
decreasing from the Wd2 center toward the gaseous ridge, which suggests that the OB star
population of Wd2 might be triggering star formation in the surrounding gas cloud.
This phenomenon was already observed by Whitney et al. (2004) who identiﬁed ∼ 300
candidate young stellar objects (cYSOs) in the giant H II region of RCW 49 using data ob-
tained with the Infrared Array Camera (IRAC, Fazio et al. 2004) on board the Spitzer Space
Telescope (Werner et al. 2004) for the Galactic Legacy Infrared Mid-Plane Survey Extraor-
dinaire (GLIMPSE). The observations were carried out in the IRAC bands 1 to 4 with central
wavelengths of 3.6µm, 4.5µm, 5.8µm, and 8.0µm, respectively. Further details on this
program are provided in Benjamin et al. (2003). Whitney et al. (2004) concluded that the
central cluster had induced a second generation of star formation through feedback, similar
to what was observed in NGC 602 in the Small Magellanic Cloud by Carlson et al. (2007).
However, because of the limited spatial resolution of the Spitzer Space Telescope, the lower
mass limit of the observations of Whitney et al. (2004) is 2.5M⊙. We calculated that, using
our data in the central area, this limit translates into missing the vast majority (∼ 95%) of
PMS stars.
8.3.2 The red tail of the PMS population
The dereddened F814W0 vs. (F814W − F160W )0 CMD shows 304 faint, very red objects
with F814W0 > 18.0mag and (F814W −F160W )0 > 3.2mag. In Fig. 8.3.3, we overplotted
these selected objects as magenta dots on the F814W image of our observations and our 2D
high-resolution reddening map. These red stars are concentrated in the south-west corner of
the FOV. Since all these objects were individually dereddened using the gas extinction map,
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the distribution should be uniform throughout the ﬁeld (assuming that the gas extinction
map provides a fair representation of also the stellar extinction). The right panel of Fig. 8.3.3
shows the reddening map including nine contour levels with linear steps between 0 ≤ E(B−
V )g ≤ 2.89mag. No obvious spatial correlation between the red objects (marked in both
frames within the green ellipse) and the distribution of the gas and dust is visible. On the
other hand, the gas excess map only represents the nebular extinction (through the Hα and
Paβ line emission). Within the ellipse, the median E(B − V )g is with 2.1mag, 0.23mag
higher than the global median of the gas extinction map.
N
E
40" = 0.8 pc
Figure 8.3.3: The left panel show the F814W image (corresponding to the I-band) of the Wd2 region. The
right panel shows the E(B − V )g color-excess map created in Sect. 6. Over-plotted are (in magenta (left) or
white(right)) the objects of the red tail. The green ellipse marks the region of over density.
Moving toward the mid-infrared
The ﬁlter with the longest wavelength available in our HST survey is the F160W ﬁlter, cor-
responding to the H-band in the NIR. To detect molecular gas and dust clouds the use of
ﬁlters with wavelengths in the mid-infrared (MIR) and sub-millimeter becomes necessary.
In Fig. 8.3.4 we show the zoomed-in region in which the red tail stars (over-plotted as red
points) are located. The left panel shows the inverted F658N image, sampling the Hα emis-
sion. In the right panel we show a three-color composite image using the IRAC 2 (4.5µm),
3 (5.8µm), and 4 (8.0µm) Spitzer observations for blue, green, and red, respectively, based
on data from the GLIMPSE survey (Benjamin et al. 2003). The ellipse marks the region of
the overdensity and is identical to the one in Fig. 8.3.3.
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From the examination of the Spitzer color-composite image, we see a molecular cloud at
the same location. The [3.6], [5.8], and [8.0] IRAC bands show diﬀerent emission features
of polycyclic aromatic hydrocarbons (PAHs). The [3.6], [5.8], and [8.0] bands contain the
3.3µm, 6.2µm, and 7.7µm C–H stretching modes, respectively. The [8.0] band additionally
contains the 8.6µm C–H in-plane bending mode (Draine 2003), while the IRAC [4.5] band
contains the bright Brα hydrogen line (centered at 4.05µm). Churchwell et al. (2004) pre-
dicted that the Brα emission contains ∼ 20% of the non-stellar ﬂux observed in RCW 49.
Looking at the colors of the right panel in Fig. 8.3.4, the clouds containing the overdensity
of the red tail objects appear to be dominated in the [5.8] IRAC-3 band by PAH emission
produced by molecules with C and O atoms in their structure. In areas where we can see the
Brα emission (blue), we also can see a higher ﬂux in the Hα image (left frame).
Figure 8.3.4: In the left panel we show the inverted F658N image from our observations, mapping the Hα
emission. Dark regions are bright in Hα. The right panel shows the three color-composite image from the
Spitzer GLIMPSE survey (Benjamin et al. 2003). The [8.0], [5.8], and [4.5]-band are shown in red, green, and
blue, respectively. The blue (left) and white (right) line trace the FOV of our HST observations. The objects in
the red tail are over plotted in red. The green ellipse marks the region of the red tail overdensity (same as in
Fig. 8.3.3). The objects in the red tail overdensity are located in a region of negligible Hα emission, while there
is PAH emission visible in green in the Spitzer image.
The 12CO and 13CO transition lines
The properties of the molecular gas associated with Wd2 have been analyzed in several
studies. The major diﬃculty is that Wd2 is located close to the tangent point of the Carina
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Arm as seen from us (i.e., Grabelsky et al. 1987), meaning that for gas clouds with a distance
to the Sun smaller and larger than Wd2 the distance determination is degenerate. The
studies of the CO emission spectrum in combination with the 21 cm absorption spectrum by
Dame (2007) suggest that Wd2 must be located in between two molecular clouds. Wd2 was
studied in more detail by Furukawa et al. (2009, 2014) and Ohama et al. (2010) using the
NANTEN 2 4m submillimeter/millimeter telescope (from the NANTEN CO Galactic Plane
Survey, Mizuno and Fukui 2004) in combination with Spitzer data. They detected three
diﬀerent CO clouds with 3 diﬀerent velocities (16, 4, and −4 km s−1, relative to the local
standard of rest (LSR), see Fig. 1 in Ohama et al. (2010) and Fig. 1 in Furukawa et al.
(2009)). The cloud with a peak velocity of −4 km s−1 spatially coincides very well with the
location of the molecular cloud where the red tail overdensity is located (see bottom right of
Fig. 1 in Furukawa et al. (2009) and bottom panels in Fig. 1 of Ohama et al. (2010)). Using
the rotation curve of Brand and Blitz (1993), Furukawa et al. (2009) obtained kinematic
distances of 6.5, 5.2, and 4.0 kpc for the 16, 4, and−4 kms−1 clouds, respectively. Furukawa
et al. (2009, 2014) and Ohama et al. (2010) also suggested that the creation of the RCW 49
region, with the Wd2 cluster as its central ionizing cluster, was induced by a cloud-cloud
collision of two of these observed molecular clouds. This collision may have caused the
formation of the spatially uniformly distributed low-mass PMS stars that we see in our HST
data. Such a mechanism can induce star formation throughout the molecular cloud.
As we can only see an additional reddening in the region where the −4 km s−1 molecular
cloud is located, we conclude that this cloud lies in front of Wd2. This indicates that the
other clouds are located in the background of Wd2, which would conﬁrm our determined
distance of 4.16 kpc . Thus any extinction caused by these clouds would only aﬀect objects
located behind the cluster as seen from us and hence be undetectable in our data. The cloud
kinematics of Dame (2007) and Furukawa et al. (2009) suggest that Wd2 is located behind
the 4, and −4 km s−1 clouds, which is in contradiction to our distance estimate. On the
other hand, if we underestimated the extinction toward Wd2, our distance modulus is then
overestimated leading to an even closer distance. We suggest that Wd2 is located between
the 4 and −4 km s−1 clouds conﬁrming our distance of 4.16 kpc.
The stars of the red tail are probably RCW 49 PMS stars that are still not corrected
completely for extinction and, therefore, appear too red. Because the molecular gas is not
located directly along the line of sight to Wd2, we can also conclude that for the remaining
part of RCW 49 in our observed FOV, our method for the correction for extinction is not
signiﬁcantly contaminated by molecular extinction.
8.4 A more detailed look at the stellar population
To investigate the PMS population in more detail, we deﬁned all objects brighter than
F814W0 = 15.0mag and bluer than (F814W − F160W )0 = 0.7mag as a member of the
MS or TO region (see Fig. 8.2.3). This selection leaves us with 5404 PMS and 200 MS and
TO objects. In Sect. 9 we will select 240 stars with Hα excess emission and discuss them in
detail. To get an overview over the complete stellar population of Wd2, we already discuss
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in the following section some their properties, such as fractions and numbers, in relation to
all stellar members.
For a proper comparison, we use diﬀerent selection criteria for diﬀerent samples of PMS
stars:
• For the 5404 PMS star candidates selected in Sect. 8.1 (using their loci in the CMD),
we require detection in both the F814W and F160W ﬁlters (from now on denoted as
full-sample PMS stars).
• Hα excess emission sources need to be detected in the F555W , F814W , F160W , and
F658N ﬁlters and have an Hα excess (see green dots in Fig. 8.4.1 and also see Sect. 9.2
and Fig. 9.3.1).
• Because the F555W and F658N images are less deep than F814W and F160W we
selected 1690 PMS stars from the full sample with the same detection criteria as our
Hα excess emission stars (see Sect. 9.2). This means they have to be probable cluster
members and need to be detected in the F555W , F814W , F160W , and F658N ﬁlters.
From now on they are denoted as our reduced-sample PMS stars. These stars do not
have necessarily Hα excess emission.
The full-sample PMS stars are used for the properties of the Wd2 cluster and the RCW 49
region, while the reduced sample is always used to compare the Hα excess emitting stars
with the non-emitting stars. The limiting magnitude is F814W0 ≈ 19magwhich corresponds
to a ∼ 0.3M⊙ star at an age of 1Myr. We selected 240 Hα excess sources (green dots in
Fig. 9.3.1). The detailed determination, as well as the mass accretion rates are demonstrated
in Sect. 9.2.
In Fig. 8.4.2 we plotted the cumulative distributions of the radial distance of the full-
sample PMS, the reduced-sample PMS, and the Hα excess emission sources. The coordi-
nates of the central density peak of the MC, (α, δ) = (10h24m02s.4,−57◦45′33.44′′)(J2000),
(Sect. 8.3) were used as origin. A Kolmogorov-Smirnov (K-S) test yields a probability of only
∼ 11% that the Hα excess sources and the full-sample PMS share the same radial distribu-
tion, while it yields a ∼ 74% probability that the Hα excess sources and the reduced-sample
PMS have the same radial distribution. This test and the distribution itself (see Fig. 8.4.2)
conﬁrm that for comparing the stars with Hα excess emission to the cluster members, the
reduced sample of PMS stars needs to be used.
8.4.1 A closer look at the PMS ages
In this section we compare the age distribution of the reduced sample of PMS stars in Wd2.
In Tab. 8.4.1 we list all 240 Hα excess objects and the 1690 reduced-sample PMS stars for
diﬀerent ages. For comparison we also list the 5404 full-sample PMS stars.
The age distribution of what we call the reduced-sample PMS stars shows a mean age
of 0.84 ± 0.64Myr, while the mean age of the stars with Hα excess is 0.62 ± 0.57Myr. In
comparison the full-sample PMS stars have a mean age of 1.04 ± 0.71Myr. The diﬀerence
in age between the full sample and the reduced sample most likely originates from the
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Figure 8.4.1: The F814W0 vs. (F555W − F814W )0 CMD of the RCW 49 members (black dots). We deﬁned
all objects brighter than F814W0 = 15.0mag and bluer than (F814W − F160W )0 = 0.7mag as MS and TO
members (light blue area). The red dots mark the 24 Ae/Be candidates, namely all stars showing Hα excess
and having an EW> 10Åbut being bluer than F555W − F814W = 0.2mag (see Sect. 9). The green dots show
all Hα excess PMS objects. Overplotted are the PARSEC 1.2S isochrones (Bressan et al. 2012) between 0.1 and
2.0Myr for a Solar metallicity Z = 0.0152 and a distance d = 4.16 kpc. The red dashed-dotted line marks the
detection limit set by the F555W and F658N ﬁlters (∼ 0.3M⊙ at an age of 1Myr), both needed to determine
the Hα excess stars. On the right side typical photometric uncertainties are shown as a function of magnitude.
requirement that the latter additionally needs to be detected in the F555W ﬁlter, which is
less deep than the other ﬁlters (see Sect. 3). This argument is supported by the F814W0
vs. (F555W − F814W )0 CMD (see Fig. 8.4.1). The slope of the locus of PMS stars in the
CMD becomes shallower for lower masses, indicating that the eﬀect on the mean age is an
eﬀect due to the detection limit of the F555W ﬁlter. We conclude that the age estimate
from the full sample (1.04 ± 0.71Myr) better represents the age of the Wd2 region. It is in
good agreement with the age determined by Ascenso et al. (2007a) of 1.5–2Myr and is in
agreement with the MS lifetime of O3–O5 stars of ∼ 2 − 5Myr (see Tab 1.1, Sparke and
Gallagher 2007). Wd2 appears to be of the same age or even younger than the massive star
cluster HD97950 in the giant HII region NGC 3603 (Pang et al. 2013), which has an age of
about 1Myr, Trumpler 14 (≤ 2Myr, Carraro et al. 2004) in the Carina Nebula (Smith and
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Table 8.4.1. The age distribution of the PMS and Hα excess sources
Source Panel 0.1Myr 0.25Myr 0.5Myr 1.0Myr 2.0Myr Total
Full-sample PMS stars 547 (10.1%) 550 (10.2%) 1081 (20.0%) 1552 (28.7%) 1674 (31.0%) 5404
Main cluster a 18 (3.6%) 44 (10.7%) 107 (21.5%) 144 (28.9%) 185 (35.3%) 498
Northern clump b 9 (2.9%) 22 (7.1%) 70 (22.6%) 101 (32.6%) 108 (34.8%) 310
Westerlund 2 c 99 (5.4%) 155 (7.3%) 366 (19.8%) 635 (34.4%) 589 (33.1%) 1844
Periphery d 421 (15.4%) 329 (12.0%) 538 (19.6%) 672 (24.5%) 792 (28.5%) 2752
Reduced-sample PMS stars 192 (11.0%) 242 (16.8%) 485 (30.5%) 440 (25.5%) 331 (16.2%) 1690
Main cluster a 15 (5.7%) 35 (13.3%) 80 (30.4%) 79 (30.0%) 54 (20.6%) 263
Northern clump b 5 (3.5%) 14 (9.9%) 53 (37.3%) 37 (26.1%) 33 (23.2%) 142
Westerlund 2 c 60 (8.9%) 108 (16.0%) 203 (30.2%) 190 (28.2%) 112 (16.7%) 673
Periphery d 112 (19.9%) 85 (13.9%) 149 (24.3%) 134 (21.9%) 132 (20.0%) 612
Hα-excess 54 (22.5%) 49 (20.4%) 66 (27.5%) 45 (18.8%) 26 (10.8%) 240
Note. — For each age bin we give the number of sources and in brackets the fraction of sources compared
to the total number of objects. For each sample we also list the distribution within the sub-region described
in (Sect. 8.3). Column 2 (panel) gives the letter denoting the panel of the region in Fig. 8.4.3.
Brooks 2008), Arches (∼ 2Myr, Figer et al. 2002; Figer 2005), R136 in the LMC (1–4Myr,
Hunter et al. 1995; Walborn and Blades 1997; Sabbi et al. 2012, 2016), and younger than
Westerlund 1 (5.0± 1.0Myr, Clark et al. 2005; Gennaro et al. 2011; Lim et al. 2013).
8.4.2 The individual regions in RCW 49
The stellar surface density map (see Sect. 8.3) of the RCW 49 region shows that this region
can be divided in four parts: the MC, the NC, the remaining parts of the Wd2 cluster (1σ
contour of the density proﬁle excluding the MC and NC), and the Wd2 periphery. These
regions are deﬁned by a ﬁt of two 2D Gaussian distributions to the completeness-corrected
stellar surface-density map of the RCW 49 member stars. We show a detailed analysis in
Sect. 8.3. In Fig. 8.4.3 we show the F814W0 vs. (F814W −F160W )0 CMDs for each subre-
gion. In the following Section we will analyze the distribution and properties of the diﬀerent
areas.
While we focus in Tab. 8.4.1 on the number of PMS stars per sample for each age bin, in
Tab. 8.4.2 we focus on the mean properties of the four diﬀerent regions.
The MC hosts a well-populated MS, TO, and PMS. We selected 498 full-sample PMS
members. The full-sample PMS stars deﬁne an age of 1.04 ± 0.71Myr. The uncertainties
are represented by the standard deviation of the ages. The 263 PMS stars of the reduced
sample show a younger estimated age of 0.84±0.64Myr, while the 36 Hα stars located in the
area of the MC have an estimated age of 0.69 ± 0.57Myr (see Tab. 8.4.2). The lack of very
faint objects (compared to the other three regions) is caused by crowding and completeness
eﬀects (see Sect. 5).
The NC hosts 310 full-sample PMS members. The full-sample PMS members lead to an
age estimate of 1.16± 0.67Myr and thus are coeval with the MC. Also their age distribution
is similar to that in the MC (see Tab. 8.4.1). The NC hosts in total 26 Hα excess stars with
a mean age of 0.76± 0.60Myr.
The Wd2 cluster shows an extended halo (2σ boundary, Sect. 8.3) around the MC and
NC. At least 1814 objects in this region are deﬁned PMS with the same mean age as the MC
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Figure 8.4.2: The cumulative radial distribution in distance of the objects from the peak coordinates of the MC
(α, δ) = (10h24m02s.4,−57◦45′33.44′′; J2000), determined with a 2D Gaussian ﬁt (see Sect. 8.3). At a distance
of 4.16kpc from the Sun 50′′ correspond to 1 pc.
and NC. The MC and NC are excluded from this region. The 106 Hα excess stars have an
age of 0.60 ± 0.56Myr.
2752 full-sample PMS members are found in the periphery of RCW 49. Most of the
objects in this region are fairly faint and red (compared to the distribution in the other three
areas). With a mean age of 0.96 ± 0.73Myr the periphery is indistinguishable in age from
the Wd2 cluster, implying that star formation in the surrounding cloud set in at roughly the
same time. It hosts at least 72 Hα excess stars.
8.5 Summary and conclusions
In this Chapter we analyzed the stellar population of RCW 49 and its distribution.
We used a combination of two 2D-Gaussians to ﬁt the stellar spatial distribution of
the completeness-corrected cluster members. For the peak coordinates of the MC we got
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Figure 8.4.3: The F814W0 vs. (F814W − F160W )0 CMDs of the four diﬀerent regions of RCW 49. All objects
brighter than F814W0 = 15.0mag and bluer than (F814W − F160W )0 = 0.7mag are deﬁned as MS or TO
members (light blue area). Overplotted are the PARSEC 1.2S isochrones (Bressan et al. 2012) between 0.1
and 2.0Myr for a Solar metallicity of Z = 0.0152 and a distance of d = 4.16 kpc. On the right side typical
photometric uncertainties are shown.
R.A.=10h24m01s.65 and decl.=−57◦45′33.4′′ with a peak density of Σ = 1863 stars pc−2.
For the NC we got R.A.=10h24m02s.16 and decl.=−57◦44′39.3′′ with a peak density of Σ =
937 stars pc−2. We deﬁned the sizes of the two clumps as the 1σ width of the Gaussian
density distributions and the area of the Wd2 cluster as the 2σ width. This led to sizes of
0.31 arcmin2 (0.44pc2) for the MC and 0.27 arcmin2 (0.38pc2) for the NC.
The full sample of 5404 PMS stars (cluster members detected in F814W and F160W )
has a mean age of 1.04±0.71Myr with∼ 60% of all stars being between 1.0–2.0Myr old. The
full sample age is representative for the Wd2 cluster age (see Sect. 8.4.1). The cluster age is
also in good agreement with the age estimated by Ascenso et al. (2007a, 1.5–2Myr) and the
theoretical MS lifetime of massive O stars of 2–5Myr (see Tab 1.1 in Sparke and Gallagher
2007). Therefore, Wd2 has the same age or is even younger than other very young star
clusters like NGC 3603 (1Myr, Pang et al. 2013), Trumpler 14 (≤ 2Myr, Carraro et al. 2004)
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Table 8.4.2. The diﬀerent areas of RCW 49
MC (a) NC (b) Wd 2 (c) Periphery (d) Total
Full-sample PMS stars 498 (9.2%) 310 (5.7%) 1844 (34.2%) 2752 (50.9%) 5404
Mean age [Myr] 1.17± 0.69 1.16± 0.67 1.11± 0.67 0.96± 0.73
Reduced-sample PMS stars 263 (15.6%) 142 (8.4%) 673 (39.8%) 612 (36.2%) 1690
Mean age [Myr] 0.90± 0.63 0.94± 0.64 0.82± 0.61 0.83± 0.69
Hα-excess stars 36 (15.0%) 26 (10.8%) 106 (44.2%) 72 (30.0%) 240
Mean age [Myr] 0.64± 0.59 0.77± 0.61 0.63± 0.55 0.54± 0.58
Mean M˙ [10−8M⊙yr−1] 3.32 3.12 4.84 5.70 4.43
Note. — In this table we present a summary of the diﬀerent properties of the stellar population in the
diﬀerent regions of RCW 49. The letters in brackets are the panel numbers in Fig. 8.4.3.
in the Carina Nebula (Smith and Brooks 2008), R136 in the Large Magellanic Cloud (1–
4Myr, Hunter et al. 1995; Walborn and Blades 1997; Sabbi et al. 2012), NGC 602 (Cignoni
et al. 2009) and NGC 346 (Cignoni et al. 2010) both in the SMC, or the Arches cluster
(Figer et al. 2002; Figer 2005). It is also younger than Westerlund 1 (5.0 ± 1.0Myr), the
most massive young star cluster known in the MW (Clark et al. 2005; Gennaro et al. 2011;
Lim et al. 2013). Comparing the four diﬀerent regions MC, NC, the Wd2 cluster outskirts,
and the periphery of RCW 49, we do not ﬁnd any signiﬁcant age diﬀerence between the
regions (see Tab. 8.4.2). It appears that the MC and the NC are coeval.
The comparison of the sub-cluster surface densities calculated in our study (ΣNC =
555 stars pc−2 and ΣMC = 1114 stars pc−2) with the results of Kuhn et al. (2015) places
the sub-clusters of Wd2 at the lower end of the stellar surface densities range of ∼ 1 to
∼ 30, 000 stars pc−2 (Kuhn et al. 2015). Therefore, this result is comparable with the surface
density of, e.g., M 17. We have to note here that we made the lower mass cut 0.65M⊙, to
properly correct for completeness eﬀects. Therefore, our values should be more considered
as lower limits. In addition, Kuhn et al. (2015) found that there is no special value for the
surface density of sub-clusters.
Banerjee and Kroupa (2015) explore various scenarios of sub-clustering for massive (>
104M⊙) star clusters to study the possible scenarios of the formation of the young massive
cluster NGC 3603 (e.g., Stolte et al. 2004; Pang et al. 2011). The proposed scenarios are
either in-situ monolithic cluster formation, meaning the cluster forms in a single, massive
star-formation event, or via merging of less massive sub-clusters, which then move toward
each other andmerge to the ﬁnal massive cluster. Banerjee and Kroupa (2015) argue that the
monolithic cluster formation with an in-situ scenario ﬁts best the observations of NGC 3603
(Banerjee and Kroupa 2014), but also the scenario of the cluster assembly from sub-clusters
within 1Myr is not ruled out. In one simulation they used as initial conditions a number of
10 sub-clusters, each following a Plummer sphere (Plummer 1911) distribution of gas. The
sub-clusters were equally distributed over a sphere with radius R = 2.5 pc. This simulation
gives after 1Myr a system with two sub-clusters, separated by ∼ 1 pc (cf. their Panel 5 in
Fig. 5 and Panel 3 in Fig. 6). Their simulated system is still in the process of merging at
t ≈ 1Myr and far from virialization and from a ﬁnal spherical shape. The distance between
the two clumps in Wd2 is 54.2 arcsec or 1.08pc and therefore well comparable with the
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results of these simulations, while the cavity in RCW 49 cleared by the cluster has a radius
of ∼ 2pc. Due to the similar age of Wd2 and NGC 3603 and the existence of two coeval
sub-clusters that ﬁt well the properties of the simulations in Banerjee and Kroupa (2015) a
monolithic formation from sub-clusters is a likely scenario for the formation of Wd2.
The presence of a faint, uniformly distributed low-mass population (< 0.15M⊙), visible
throughout the RCW 49 area, implies that the actual star forming region is more extended
than the Wd2 cluster. This phenomenon was already observed by Whitney et al. (2004)
identifying ∼ 300 cYSOs in the giant H II region of RCW 49 using Spitzer IRAC MIR data of
the GLIMPSE survey (Benjamin et al. 2003). Churchwell et al. (2004) described the RCW 49
gas and dust distribution as “a complex network of thin ﬁlaments, pillars, sharp boundaries,
and knots”. This irregular distribution and the associated gas, probably created by the feed-
back of the massive stellar population, is a perfect birthplace for a new population of stars.
Whitney et al. (2004) identiﬁed 5 more star-forming sites throughout the RCW 49 cloud.
This is also known from other young star clusters e.g., NGC 3603, the Orion Nebular Cluster
(e.g., Hillenbrand 1997), or the 30 Doradus region (e.g., Walborn et al. 1999; Brandner et al.
2001).
A possible scenario for the formation of a massive star cluster is the cloud-cloud collision
of giant molecular clouds. This can lead to a long lasting, extended formation of a low-mass
stellar population, similar what we see in our data. Cloud-cloud collision is considered as
one of the modes for high-mass star formation. Theoretical studies and hydrodynamical
simulations for the scenario of cloud-cloud collision were made by Habe and Ohta (1992);
Anathpindika (2010) and Takahira et al. (2014). This scenario has been suggested by Nigra
et al. (2008) and Cignoni et al. (2009) for the star cluster NGC 602 in the SMC and is also
debated for other star clusters such as NGC 3603 (Fukui et al. 2014) and RCW 38 (Fukui
et al. 2016) in the MW. For the RCW 49 region this scenario is supported by CO observations
by Furukawa et al. (2009, 2014) and Ohama et al. (2010) using data of the NANTEN survey
(Mizuno and Fukui 2004) as well as a large population of young PMS stars detected in the
RCW 49 gas cloud (Whitney et al. 2004), far away from the inﬂuence of the luminous OB
star population. Ohama et al. (2010); Furukawa et al. (2009) and Furukawa et al. (2014)
showed that the CO distribution throughout RCW 49 splits up into three diﬀerent clouds with
a LSR velocity of 16, 4, and -4 km s−1, respectively. Furukawa et al. (2009) calculated the
respective kinematic distances to be 6.5, 5.2, and 4.0 kpc using the rotation curve of Brand
and Blitz (1993).
In the dereddened F814W0 vs. (F814W−F160W )0 CMDwe see a red, low-mass popula-
tion of stars which we refer to as the red tail. We ruled out that photometric uncertainties are
responsible for such a feature. Analyzing the location of these red stars on the sky, an over-
density to the south-west becomes visible (see Fig. 8.3.3). This over density coincides with
an area with low F814W and Hα ﬂuxes (left panels of Fig. 8.3.3 and Fig. 8.3.4) and is not
correlated with the structure seen in the gas extinction map (right panel of Fig. 8.3.3). Com-
paring this area to Spitzer IRAC observations (see right panel of Fig. 8.3.4) of the GLIMPSE
survey (Benjamin et al. 2003) a molecular cloud becomes visible. This cloud structure is very
well visible in the IRAC-3 [5.8] band containing the PAH 6.2µm C–C stretching mode (Draine
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2003). This leads to the conclusion that this molecular cloud is located in front of the Wd2
cluster. This conclusion is emphasized by the fact that we cannot see the cloud in our Hα
and Paβ line emissions and therefore we are underestimating the gas extinction E(B−V )g.
This is the reason we can see those objects as the red tail. The CO cloud located at a distance
of 4.0 kpc (Furukawa et al. 2009, 2014; Ohama et al. 2010) coincides with the location of
the molecular cloud seen in the Spitzer data and the location of the red-tail members. The
cloud kinematics of Dame (2007) and Furukawa et al. (2009) suggest that Wd2 is located
behind the 4, and −4 kms−1 clouds which is in contradiction to our distance estimate. On
the other hand, if we underestimated the extinction toward Wd2 our distance modulus is
than overestimated leading to even closer distance. We suggest that Wd2 is located between
the 4, and −4 km s−1 clouds conﬁrming our distance of 4.16 kpc determined in Sect. 8.2.3
and by Vargas Álvarez et al. (2013).

Willst du dich am Ganzen erquicken, so musst du das
Ganze im Kleinsten erblicken.
— Johann Wolfgang von Goethe: Gott, Gemüt und
Welt
9
The mass-accreting PMS stars
This chapter is included in Sect. 1, Sect. 4, and Appendix A of Zeidler et al. 2016, AJ, 152,
4.
Over the past decades studies showed that during the PMS phase, low-mass stars grow in
mass through accretion of matter from their circumstellar disk (e.g., Lynden-Bell and Pringle
1974; Calvet et al. 2000, and references therein). These disks form due to the conservation
of angular momentum following infall of mass onto the star, tracing magnetic ﬁeld lines
connecting the stars and their disks. It is believed that this infall leads to the strong excess
emission observed for many PMS stars, originating through gravitational energy being radi-
ated away and exciting the surrounding gas. As a result, this excess can be used to measure
accretion rates for these classical T-Tauri stars (especially via Hα and Paβ emission lines, e.g.,
Muzerolle et al. 1998a,b). The accretion luminosity (Lacc) can then be used to calculate the
mass accretion rate (M˙). Studies of diﬀerent star formation regions (e.g., Taurus, Ophi-
uchus, Sicilia-Aguilar et al. 2006) showed that these accretion rates decrease steadily from
∼ 10−8M⊙ yr−1 to less than 10−9M⊙ yr−1 within the ﬁrst 10Myr of the PMS star lifetime
(e.g., Muzerolle et al. 2000; Sicilia-Aguilar et al. 2006). This is in good agreement with the
expected evolution of viscous disks as described by Hartmann et al. (1998). These studies
all agree that the mass accretion rate decreases with the stellar mass.
Understanding these accretion processes plays an important role in understanding disk
evolution as well as the PMS cluster population as a whole (Calvet et al. 2000). Mass ac-
cretion onto PMS stars produces distinctive photometric and spectroscopic features. The
“standard” way to quantify the mass accretion is through spectroscopy. Usually, one studies
the intensity and proﬁle of emission lines such as Hα, Paβ, or Brγ, which requires medium to
high resolution spectra. This approach has the disadvantage of long integration times and,
therefore, only a small number of stars can usually be observed. In the past, PMS stars were
103
104 9.1. THE R-BAND INTERPOLATION
also photometrically identiﬁed using their locus at redder colors than the MS in CMDs (e.g.,
Hunter et al. 1995; Brandner et al. 2001; Nota et al. 2006; Zeidler et al. 2016c). A possible
disadvantage of this method is the diﬃculty to distinguish between bona-ﬁde PMS stars and
objects that occupy the same region in the CMD (such as reddened background giants).
Hα ﬁlters have long been used to identify Hα emission-line objects in combination with
additional broadband and intermediate-band colors (e.g., Underhill et al. 1982). More re-
cent, De Marchi et al. (2010) presented a method that uses two broadband ﬁlters (V and I
in their study) to determine the continuum emission in combination with the narrow-band
Hα ﬁlter to identify PMS stars with disk accretion. For panoramic CCD detectors, the tech-
nique was ﬁrst applied by Grebel et al. (1992) and then developed further for diﬀerent ﬁlter
combinations and to quantify the Hα emission (e.g., Grebel et al. 1993; Grebel 1997) and
has since been widely used in multiple studies of diﬀerent regions within the MW and the
Magellanic Clouds (De Marchi et al. 2010, 2011a,b, 2013; Beccari et al. 2010, 2015; Spezzi
et al. 2012). De Marchi et al. (2010) used this photometric method to estimate the accretion
luminosity of PMS stars. Normally the R-band is used as the continuum for the Hα ﬁlter. De
Marchi et al. (2010) showed for the ﬁeld around SN 1987A (Romaniello et al. 1998; Panagia
et al. 2000; Romaniello et al. 2002), that the ACS ﬁlters F555W and F814W can be sim-
ilarly used to obtain the continuum for the Hα ﬁlter. Up to now, this method (De Marchi
and Panagia 2015) has been proven to be successful in studies for diﬀerent clusters, such as
NGC 346 in the Small Magellanic Cloud (SMC, De Marchi et al. 2011a) and NGC 3603 in
the MW (Beccari et al. 2010).
Due to its young age, Wd2 is a perfect target to study accretion processes of the PMS stars
in the presence of a large number of O and B stars. In close proximity to OB stars, the disks
may be expected to be destroyed faster by the external UV radiation originating from these
massive stars. This would lead to a lower excess of Hα emission in the direct neighborhood
of the OB stars (Anderson et al. 2013; Clarke 2007).
9.1 The R-band interpolation
The F658N ﬁlter is located between and does not overlap with the F555W and F814W
ﬁlters. To get a better characterization of the continuum contribution at the Hα line, we
thus combined the F555W and F814W ﬁlters to construct an interpolated R ﬁlter. In or-
der to study the relation of the Johnson’s R-band (Johnson and Morgan 1953) and the
ACS/WFC F555W and F814W ﬁlters (Ubeda et al. 2012) we used the synphot/calcphot
routine1(Laidler et al. 2005) in combination with the ATLAS9 model atmospheres (Castelli
and Kurucz 2003) and the Stellar Spectral Flux Library by Pickles (1998). We determined
the artiﬁcial stellar magnitudes by folding the respective ﬁlter curves with the stellar spectra
for main sequence stars (ATLAS9: K7V–A0V and Pickles (1998): M6V–O5V). In Fig. 9.1.1 we
show the F555W−R vs. F555W−F814W TCD diagram. The red points are the photometry
determined using the ATLAS9 models and the green data points are determined using the
1Synphot is a product of the Space Telescope Science Institute, which is operated by AURA for NASA.
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Pickles (1998) library. The black data points, representing the spectral types of A2V–O5V
and K7V–K5V, are excluded from the ﬁt because the relation becomes non-linear.
Figure 9.1.1: The F555W −R vs. F555W − F814W TCD for the photometry derived from the ATLAS9 model
atmospheres (red points, Castelli and Kurucz 2003) and the Stellar Spectral Flux Library by Pickles (1998, green
points) for spectral types between A0V (T = 9500K) and K5V (T = 4250K). All spectral types between A2V–
O5V and K7V–K5V are excluded because of their locations outside the linear regime of the detector response
(black dots). The black line marks the least-square linear ﬁt.
For spectral types between A0V (T = 9500K) and K5V (T = 4250K) the photometric
relation is remarkably linear. In this range we performed a least-square linear ﬁt. As a result
we got
R = 0.237 · F555W + 0.763 · F814W − 0.008. (9.1)
This relation was then used to calculate the interpolated R-band photometry from the
ACS F555W0 and F814W0 photometry.
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9.2 The Hα excess emission
The method for identifying stars with a strong Hα emission line relies on the assumption that
the majority of stars in a cluster will not have Hα emission. We use the (F555W −F814W )0
vs. (R − F658N)0 TCD (see Fig. 9.2.1) to identify all stars with an excess emission in Hα
being 5 times their photometric uncertainty above the reference line of the continuum. To
do so we deﬁned a reference template of the continuum of all stars in the given (F555W −
F814W )0 color range by using an average value of (R − F658N)0 computed as a running
mean with bin size of a 100 stars. The result is represented by the green dashed-dotted line
in Fig. 9.2.1. The red dashed-dotted line represents the PARSEC 1.2S ZAMS. This method
provides us with a reliable baseline because PMS stars show large variations in their Hα
excess caused by periodic mass accretion (e.g., Smith et al. 1999) on an hourly or daily
basis. Therefore, only a fraction of all PMS stars show Hα excess above the continuum level
at any given time.
The Hα excess emission is deﬁned as:
∆Hα = (R− F658N)obs − (R− F658N)ref . (9.2)
The subscript “obs” indicates the observed color and the subscript “ref” the reference tem-
plate color at each (F555W − F814W )0.
The combined ∆Hα error is calculated as follows:
σHα =
√(
σ2F814W + σ
2
F555W + σ
2
F658N + σ
2
red
)
/4, (9.3)
where σF555W , σF814W , and σF658N represent the photometric uncertainties of the corre-
sponding ﬁlters and σred is the uncertainty from the reddening map (see Sect. 6).
After the determination of ∆Hα it is straightforward to calculate the Hα luminosity
L(Hα):
L(Hα) = 10
∆Hα
−2.5 · PHOTFLAMF658N · λF658NP · 4πd2. (9.4)
PHOTFLAM is the inverse sensitivity of the instrument with a value of PHOTFLAMF658N =
1.98 · 10−18 ergs cm−2 s−1 Å−1. λF658NP is the pivot wavelength of the F658N ﬁlter with a
value of 6583.9 Å. d = 4.16 kpc is the distance of Wd2.
In Fig. 9.2.2 we show the distribution of the Hα luminosity. The median Hα luminosity
is L(Hα) = 1.67 · 1031 ergs s−1 = (4 ± 0.36) · 10−3L⊙ with a total number of 240 Hα excess
emitting stars. Additionally, we excluded all objects with (F555W − F814W )0 < 0.2mag
for being possible Ae/Be stars (e.g., Scholz et al. 2007). Compared to the 240 Hα excess
emitting PMS stars Ae/Be stars are MS stars that can show IR emission caused by gaseous
circumstellar disks (e.g., Hillenbrand et al. 1993).
At this point we should note that the ACS F658N ﬁlter is broader than a typical Hα
ﬁlter so a small portion of the N II doublet at 6549Åand 6585Åfalls into the Hα ﬁlter (see
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Figure 9.2.1: The (F555W − F814W )0 vs. (R − F658N)0 TCD of all cluster members. All stars in red fulﬁll
the criteria of being 5 times their photometric uncertainty above the reference line of the continuum, having an
EW(Hα) > 10, and having a (F555W − F814W )0 > 0.2mag. The objects marked with blue symbols have an
EW(Hα) < 10. The red dashed-dotted line represents the PARSEC 1.2S ZAMS, while the green dashed-dotted
line represents the photospheric continuum.
Fig. 6.3.1). Using synthetic spectral lines from the H II Regions Library (Panuzzo et al. 2003)
and convolving their strength with the throughput curve of the F658N ﬁlter, calculated with
the bandpar module of Synphot2 (Laidler et al. 2005), we get a contribution of 0.59% and
3.1% to the ﬂux of the Hα line. This contamination is a systematic eﬀect and aﬀects all
stars in the same way. The combined photometric uncertainty, including the one of the color
excess map used to deredden our photometry, adds up to 8.2% for L(Hα) and dominates
the uncertainty. The uncertainty of 0.33 kpc in the distance of Wd2 (Vargas Álvarez et al.
2013; Zeidler et al. 2015) leads to an overall uncertainty of L(Hα) of ∼ 15%.
2Synphot is a product of the Space Telescope Science Institute, which is operated by AURA for NASA.
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Figure 9.2.2: Left: The histogram of the Hα emission ﬂux distribution of our 240 bona-ﬁde PMS stars 5σ above
the continuum and (F555W −F814W )0 > 0.2mag. The arrow marks the median value of (4± 0.36) · 10−3L⊙.
Right: The accretion luminosity distribution of our 240 bona-ﬁde PMS stars. The arrow marks the median value
of 8.76 · 1032 erg s−1. The bin size is 0.05dex.
9.3 The equivalent width
We use the equivalent width (EW) of the Hα line to separate PMS stars from those whose
Hα excess is due to chromospheric activity (EW ≈ 3Å; Panagia et al. 2000, and references
therein). Because of the small photometric errors for bright stars, the 5σ threshold is not
suﬃcient to obtain a PMS sample that lies well above the continuum emission. Panagia et al.
(2000, and references therein) showed that using an EW> 10Åis suﬃcient as an additional
selection criterion to select stars well above the continuum.
The EW gives a well-deﬁned, comparable measurement of the strength of a line above
the continuum. It is deﬁned as:
Weq =
∫
(1− Pλ) dλ, (9.5)
with Pλ being the line proﬁle. In the following we always consider the absolute value in
comparison ofWeq3. In the case of Hα falling completely inside the ﬁlter width, eq. 9.5 can
be calculated with the following relation:
Weq(Hα) = RW ·
(
1− 10−0.4·(Hα−Hαcont)
)
, (9.6)
whereRW = 74.96 Årepresents the rectangular width of the ﬁlter. Hα is the observed Hα
magnitude while Hαcont is the pure Hα continuum. This was determined using the F555W0
andF814W0 magnitudes of the same objects withmHαcont = 0.381mF555W+0.0619mF814W−
0.156 (determined with Synphot, see Appendix of De Marchi et al. 2010). De Marchi et al.
(2010) showed that this transformation does not signiﬁcantly change with metallicity.
3One should keep in mind that while looking at emission lines their EW is by deﬁnition negative.
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We ﬁnd that 74.6% of all Hα excess sources have an EW> 10Å. Additionally removing the
24 Ae/Be candidates (red dots in Fig. 9.3.1) leaves us with 240 objects (67.7%). In Fig. 9.3.2
we show the EW distribution, including the 240 stars considered to be Hα-emitting PMS stars
(red dots) and the 24 Ae/Be candidates (green dots). The locus of the Hα excess stars in
the F814W0 vs. (F814W −F160W )0 CMD is shown in Fig. 9.3.1. The majority of the Ae/Be
candidates lie, as expected, in the MS and TO regime (blue shaded area in Fig. 9.3.1).
Figure 9.3.1: The F814W0 vs. (F814W − F160W )0 CMD of the RCW 49 members (black dots). We deﬁned
all objects brighter than F814W0 = 15.0mag and bluer than (F814W − F160W )0 = 0.7mag as MS and TO
members (light blue area). The red dots mark the 24 Ae/Be candidates, namely all stars showing Hα excess and
having an EW> 10 but being bluer than F555W − F814W = 0.2mag. The green dots show all Hα excess PMS
objects. Overplotted are the PARSEC 1.2S isochrones (Bressan et al. 2012) between 0.1 and 2.0Myr for a Solar
metallicity Z = 0.0152 and a distance d = 4.16 kpc. The red dashed-dotted line marks the detection limit set by
the F555W and F658N ﬁlters (∼ 0.3M⊙ at an age of 1Myr), both needed to identify the Hα excess stars. On
the right side typical photometric uncertainties are shown as a function of magnitude.
9.4 The Ae/Be star candidates
In the previous section, we classiﬁed all stars showing an Hα excess 5σ above the continuum
with (F555W − F814W )0 < 0.2mag as possible Ae/Be stars (e.g., Scholz et al. 2007). This
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Figure 9.3.2: The distribution of the EWs for the 240 bona ﬁde Hα emission PMS stars. On the x-axis the
(F555W − F814W )0 color is plotted and on the y-axis the EW in Ångstrom. Objects in red fulﬁll the selection
criteria for PMS stars with Hα excess emission. The Ae/Be candidates are represented as green dots.
led to a number of 24 Ae/Be candidates. Some of these stars are located in the same area
of the F814W0 vs. (F814W − F160W )0 CMD as the PMS (see Fig. 9.3.1). Classical Ae/Be
stars are MS stars that can show IR emission caused by gaseous circumstellar disks (e.g.,
Hillenbrand et al. 1993) which can lead to a higher (F814W − F160W ) color. To check
whether they are classical Ae/Be stars or Herbig Ae/Be stars we also analyzed their locus
in the F814W0 vs. (F555W − F814W )0 CMD. As can be seen all 24 stars are located well
outside the area covered by the PMS. Subramaniam et al. (2006) compared the spectra of
classical Ae/Be stars and Herbig Ae/Be stars and showed that the slope of the continuum
ﬂux widely diﬀers leading to blue (F555W − F814W ) colors for classical Ae/Be stars and
red (F555W −F814W ) colors for Herbig Ae/Be stars. Since, by selection criterion, all of our
candidates have colors bluer than (F555W − F814W )0 < 0.2mag we can state that these
stars are all Ae/Be candidates.
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9.5 The accretion luminosity and mass accretion rate
The source of the bolometric accretion luminosity (Lacc) is radiation emitted by the accretion
process of the disk onto its central star (Hartmann et al. 1998). This leads to a connection
between the Hα-excess luminosity L(Hα), produced by the same process, and the accretion
luminosity. For the logarithmic values of L(Hα) and Lacc, theoretical models of Muzerolle
et al. (1998b) predict a slope of unity for low accretion rates and shallower slopes for higher
accretion rates. The empirical ﬁt of log10 Lacc vs. log10 L(Hα) of 14 members of IC 348 in the
Taurus-Auriga association by Dahm (2008) is characterized by a slope of 1.18± 0.26. Taking
into account the larger uncertainty associated with our data and the fact that we most likely
have a sample with a variety of accretion rates, we will use eq. 5 of De Marchi et al. (2010)
obtained from the data presented in Dahm (2008). On this basis Lacc is connected with
L(Hα) the following way:
log10(Lacc) = (1.72± 0.47) + log10 L(Hα). (9.7)
The uncertainty of ±0.47 shows how diﬃcult it is to ﬁnd a relation between the two
observables, yet it is the best relation that we can use to relate L(Hα) to Lacc. Applying the
transformation to the accretion luminosity for our objects gives us a median value Lacc =
0.23 ± 0.029L⊙. The errors represent only the photometric uncertainties. The accretion
luminosity distribution is shown in Fig. 9.2.2.
We can now use the free-fall equation to link the accretion luminosity to the accretion
mass rate M˙acc in the following manner:
Lacc =
GM⋆M˙acc
R⋆
(
1− R⋆
Rin
)
. (9.8)
G is the gravitational constant, M⋆ and R⋆ are the stellar mass and radius, respectively,
while Rin is the inner radius of the accretion disk. Following Gullbring et al. (1998), we
assume Rin ≈ 5R⋆ for all objects. Combining now eq. 9.7 and eq. 9.8, we get the accretion
mass rate as a function of L(Hα):
log10
M˙acc
M⊙yr−1
= −7.39 + log10
Lacc
L⊙
+ log10
R⋆
R⊙
− log10
M⋆
M⊙
= (−5.67 ± 0.47) + log10
L(Hα)
L⊙
+ log10
R⋆
R⊙
− log10
M⋆
M⊙
. (9.9)
Calculating the accretion mass rates for our 240 Hα excess sources gives a median mass
accretion rate M˙ = 4.43 · 10−8M⊙yr−1.
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The error on the mass accretion rate associated with the uncertainties on the photometry
is 0.363·10−8M⊙yr−1. Another error source is the determination of the stellar parametersL⋆,
M⋆, and T⋆. To examine these errors we varied each of the stellar parameters by±1%, ±5%,
and ±10%. This results in an uncertainty on the accretion mass rate of ±2.7%, ±10.9%, and
±18.7%, respectively.
9.5.1 Mass accretion rate as a function of stellar age
We calculated the median mass accretion rate for each age bin (0.1Myr, 0.25Myr, 0.5Myr,
1.0Myr, and 2.0Myr; red dots in Fig. 9.5.1 and Fig. 9.5.2) and found that the mass accre-
tion rate decreases with the stellar age (M˙ ∝ t−η, with η = 0.48 ± 0.04 indicated by red
line in Fig. 9.5.1). Hartmann et al. (1998) determined a slope of η ≈ 1.5 − 2.7 with large
uncertainties up to ∆η = 0.7 for the viscous disk evolution, and stated that “this slope is
poorly constrained” (dashed-dotted line in Fig. 9.5.1). We also plotted the age-mass accre-
tion relation derived by De Marchi et al. (2013) for the two cluster NGC 602 and NGC 346
represented by the long-dashed and short-dashed line, respectively. The slopes and mass ac-
cretion rates are similar to the ones of Wd2. Comparing the mass accretion rates estimated
in this paper with the data collected by Calvet et al. (2000) from multiple sources (Fig.4,
Calvet et al. 2000, and references therein), we can conclude that our mass accretion rates
are comparable to these data.
In Fig. 9.5.2 we show the decrease of the mass accretion rates with time for diﬀerent
mass bins (0.4–0.5M⊙, 0.5–0.7M⊙, 0.7–0.9M⊙, and 0.9–1.5M⊙). The error-weighted ﬁt
shows an overall decrease of the slope of the relation and is consistent with what De Marchi
et al. (2013) found.
9.5.2 The spatial distribution of mass accreting PMS stars
We showed that the mass accretion rate in Wd2 decreases with stellar age as was predicted
by e.g., Hartmann et al. (1998) and Sicilia-Aguilar et al. (2006). Another point to take into
account is the high number of luminous OB stars especially in the cluster center (MC and
NC). These massive, luminous stars emit a large amount of far ultra-violet (FUV) ﬂux that
can erode nearby circumstellar disks (e.g., Clarke 2007). Anderson et al. (2013) studied the
eﬀects of photoevaporation of disks due to their close proximity to massive OB stars. They
found that, depending on the viscosity of the disk, most disks are completely dispersed within
0.5–3.0Myr. This timescale is so short that, if this eﬀect was present in the center of Wd2,
we should already detect this decrease. In addition to the timescale, also the distance to
the FUV source plays an important role. The results of Anderson et al. (2013) for the Orion
Nebula Cluster indicate that the inﬂuence of OB stars only plays a role up to a distance of
0.1–0.5 pc.
In Wd2 we only see a 2D projection of the 3D distribution of the stars. Assuming that
the MC and the NC are approximately spherical, their distribution in the z-direction does not
diﬀer from that in x and y. In Fig. 9.5.3 the spatial locations of all 240 Hα excess stars are
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Figure 9.5.1: The median values of the mass accretion rate M˙ vs. the stellar age (red solid line). The error bars
represent the uncertainty. The mass accretion decreases with age with a slope of η = 0.48 ± 0.04. The long-
dashed and short-dashed lines represent the age-mass accretion rate relation derived by De Marchi et al. (2013)
for the two clusters NGC 602 and NGC 346, respectively. The crosses and diamonds show the mass-accreting
stars in Tr 37 (Sicilia-Aguilar et al. 2006) and Orion (Fang et al. 2009). The dashed-dotted line is the relation
derived by Hartmann et al. (1998) for the viscous disk evolution.
plotted, color-coded with the amount of the Hα excess luminosity. The green asterisks mark
all known OB stars in RCW 49. As reference, the FOV of the survey area and the contours
of the MC the NC (solid contours), and the Wd2 cluster (dashed dotted contour) are over-
plotted. The gray, dashed circles indicate the radial distance of the center of the MC in steps
of 15′′ or 0.3 pc. The MC is located entirely within a radius of 0.5 pc.
The mass accretion rate is linked to the Hα excess luminosity (including the dependence
on the mass and age of the star, see eq. 9.9). The median mass accretion rate in the Wd2
cluster outskirts is 4.84 · 10−8M⊙yr−1. In comparison, the median mass accretion rate in
the MC and NC is 3.32 · 10−8M⊙yr−1 and 3.12 · 10−8M⊙yr−1, respectively. The lower mass
accretion rate in the MC and NC is caused by the presence of a high number of OB stars in
their centers. To further analyze this we calculated the projected geometric centers of all
OB stars within 0.5 pc of each of the peak positions of the MC and NC. These peak positions
are represented with red crosses in Fig. 9.5.3. The geometric center of the OB stars in the
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Figure 9.5.2: The median values of the mass accretion rate M˙ per age bin vs. the stellar age (red solid line)
for diﬀerent mass bins (0.4–0.5M⊙, 0.5–0.7M⊙, 0.7–0.9M⊙, 0.9–1.5M⊙). The error bars represent the un-
certainty. The long-dashed and short-dashed lines represent the age-mass accretion rate relation derived by De
Marchi et al. (2013) for these mass bins for the two clusters NGC 602 and NGC 346, respectively. The dashed-
dotted line is the relation derived by Hartmann et al. (1998) for viscous disk evolution.
MC almost coincides with the MC peak position (d = 0.98′′). For the NC the distance of the
geometric center of all OB stars within 0.5 pc from the NC peak position is 5.73′′. We used
these centers to calculate the mean mass accretion rate per annulus going outwards in steps
of 15′′ or 0.3 pc. The results for both the MC and the NC are represented in Fig. 9.5.4. Each
annulus was given a number for an easier reference in the text, starting with 1 in the center
(see Fig. 9.5.3 and 9.5.4).
With 3.71 ·10−8M⊙yr−1 for the MC and 3.51 ·10−8M⊙yr−1 for the NC the mass accretion
rate for both clumps is the lowest in their respective OB-star-deﬁned center.
Using the MC center as origin for the radial analysis shows an increase of M˙ by ∼ 60% to
5.11 ·10−8M⊙yr−1 within the inner 30′′ (0.6 pc), going from the ﬁrst to the second annulus.
The ﬁrst annulus (innermost 15′′ or 0.3 pc) includes 23 of the OB stars, while the second
annulus (15′′–30′′ or 0.3–0.6 pc) includes only 4 OB stars. The larger distance to the OB
stars of the second annulus explains the steep increase of the mass accretion rate. Going
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Figure 9.5.3: The 240 Hα excess stars are here shown color-coded with their respective Hα excess luminosity
indicated on the color bar. The sizes of the dots indicate the mass-accretion rate (the larger the dot, the higher
the mass-accretion rate). The two solid oval contours mark the MC and the NC while the dash dotted contour
marks the overall Wd2 cluster. The gray dashed circles indicate the distance from the MC center in steps of 15′′
or 0.3pc. The green asterisks mark all known O and B stars while the red crosses mark the geometric center for
all known O and B stars within 0.5 pc of the MC and NC, respectively. For orientation purposes, the thick black
straight lines mark the outline of the FOV of the survey area.
further outwards to the annuli 3 and 4 (30′′–60′′ or 0.6–1.2 pc), M˙ decreases by ∼ 9% to
4.72 · 10−8M⊙yr−1. These two annuli contain 9 OB stars, while 4 OB stars are in the NC.
These stars probably cause the decrease of the mass accretion rate. In annulus 5 (60′′–75′′ or
1.2–1.5 pc) the mass accretion rate rises to 5.90 · 10−8M⊙yr−1. From this point outwards,
the OB stars do not aﬀect the mass accretion rate anymore and the ﬂuctuations in M˙ are
caused by small-number statistics of the Hα excess stars (≤ 10). Overall we can see a trend of
an increase of the mass accretion rate with increasing distance from the OB stars, indicating
that the PMS accretion disks are being rapidly destroyed by the FUV radiation emitted by
the OB population.
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Figure 9.5.4: The mean mass accretion rate as a function of distance from the projected geometric center of the
OB stars in the MC and NC going outwards in annuli of 15′′ (0.3 pc). Left: The mean mass accretion rate for
the MC. Right: The mean mass accretion rate for the NC. The two bars at the bottom mark the spatial extent of
the MC and NC while all OB stars are represented as red asterisks. The vertical dotted lines indicate the annuli
of 15′′, numbered from the center outwards starting with 1. The red points indicate the mass accretion rates in
the respective annuli when excluding the MC and NC.
Using the NC center as origin for the radial analysis gives a similar result as for the MC.
Going outwards from the center the mass accretion rate increases to 4.47 · 10−8M⊙yr−1 in
the second annulus and to 5.94 · 10−8M⊙yr−1 in the third annulus. This corresponds to an
increase of ∼ 68% within the inner 45′′ (0.9 pc). While we have 6 OB stars in the innermost
annuli, the number drops to 0 in the third. PMS stars in the third annulus are located in
between the two clumps, ' 0.5 pc away from the OB stars, and therefore out of their sphere
of inﬂuence of 0.1–0.5 pc (Clarke 2007). The annuli 4 and 5 (45′′–75′′ or 0.9–1.5 pc) cover
the area of the MC with a total number of 28 known OB stars. Their FUV radiation makes the
mass accretion rate drop by ∼ 20% to 4.79 · 10−8M⊙yr−1. From the next annulus outwards
(d ≥ 75′′, ≥ 1.5 pc) the mass accretion rate increases to 5.67 ·10−8M⊙yr−1. We can thus see
the same trend as when are using the MC as center of origin.
With increasing distance from the OB star population, the mass accretion rate increases.
This eﬀect is even more pronounced if we exclude the sources with mass accretion of the MC
and NC while going outwards from the NC and MC as origin, respectively (see red points
in Fig. 9.5.4). For a better overview, we summarized in Tab. 9.5.1 the values for the mass
accretion rates for each of the annuli for the respective center of origin (MC and NC).
Despite a few objects in Fig. 9.5.3 showing high Hα excess luminosity, which may appear
to lie close to OB stars due to the projection of a 3D stellar distribution onto a 2D map, the
evolution of the mass accretion rate with distance to the population of luminous OB stars is
consistent with theoretical studies (e.g., Clarke 2007) and with the observations made by
Anderson et al. (2013) for the Orion Nebula Cluster and De Marchi et al. (2010) in the ﬁeld
around the SN 1987A. With 4.43 · 10−8M⊙yr−1 the median mass accretion rate of the PMS
stars of Wd2 is 1.5 times higher than in the region surrounding SN 1987A (De Marchi et al.
2010). Taking into account the uncertainties and the younger age of Wd2 the mass accretion
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Table 9.5.1. The mean mass-accretion rates
# of annulus distance to annuli center M˙ [10−8M⊙yr−1]
[arcsec] [pc] MC NC
1 0–15 0.0–0.3 3.71 — 3.51 —
2 15–30 0.3–0.6 5.11 — 4.47 —
3 30–45 0.6–0.9 4.72 4.86 5.94 6.16
4 45–60 0.9–1.2 4.64 4.97 4.79 6.01
5 60–75 1.2–1.5 5.90 6.14 4.49 4.72
6 75–90 1.5–1.8 4.76 — 5.67 —
7 90–105 1.8–2.1 5.83 — 5.49 —
Note. — The mean mass accretion rates as a function of distance from the projected
geometric center of the OB stars in the MC and NC going outwards in annuli of 15′′
(0.3 pc). Column 1 gives the number for each annulus as used in Fig. 9.5.4. Column 2
and 3 lists the distance of each annulus from the respective centers. Columns 4 and 6
give the mean mass accretion rates in each annulus for the MC and NC, respectively,
while Columns 5 and 7 show the mass accretion rate when excluding the MC and NC.
rates are in good agreement with these results. A detailed discussion of the diﬀerent sources
of uncertainties is presented in Sect. 9.7.
9.6 Uncertainties in the Hα luminosity and mass accretion rate
To derive and quantify the mass accretion rate and the Hα luminosity we compared the
observations of our multi-band survey with theoretical models of mass accretion onto T-Tauri
stars in combination with empirically derived relations. The resulting mass accretion rates
are aﬀected by diﬀerent kinds of uncertainties:
• The photometric uncertainties (see Sect. 4)
• The uncertainties of the extinction map, used to deredden the photometry (see Sect. 6)
• Uncertainties in the stellar evolution models
• Uncertainty in the adopted stellar abundance
• Uncertainties occurring while ﬁtting the models to the data
Some of these error sources were already brieﬂy discussed in the previous sections. In
the following we want to summarize and give an overview of all sources of uncertainties.
9.6.1 Observational uncertainties
To obtain the Hα excess emission and the mass accretion rate we used the individually dered-
dened photometry in the three ﬁlters F555W , F814W , and F658N (see eq. 9.2). This was
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achieved using the E(B−V ) gas extinction map (see Sect. 6). The observational uncertain-
ties include the combined photometric uncertainties plus the uncertainty originating from
the gas extinction map (see eq. 9.2). This gives a total uncertainty of 8.2% for L(Hα) or
0.140 · 10−8M⊙yr−1 for the mass accretion rate.
Additionally, the N II doublet partially falls into the F658N ﬁlter width causing a possible
overestimation of the Hα ﬂux by 0.59% and 3.1% (see Sect. 9.2).
9.6.2 The locus of the isochrones
The loci of the stars relative to the PARSEC 1.2S isochrones (Bressan et al. 2012) in the
F814W0 vs. (F814W − F160W )0 CMD play an important role in deﬁning the stellar and
cluster properties.
1) The heliocentric distance was determined using the TO region in combination with the
results of the spectroscopic analysis of Vargas Álvarez et al. (2013). The uncertainty in
the distance d = 4.16 kpc between Wd2 and the Sun is ∆d = 0.33 kpc (see Sect. 8.2).
This gives a L(Hα) uncertainty of 15% (see eq. 9.4).
2) The loci of the stars in the CMD deﬁne the stellar properties, such as masses, tempera-
tures, bolometric luminosities, and stellar radii. To estimate the possible uncertainties
we varied each of the stellar parameters by ±1%, ±5%, and ±10%. This gives overall
uncertainties in the mass accretion rate of ±2.7%, ±10.9%, and ±18.7%, respectively.
9.6.3 The stellar metallicity
Based on the hypothesis that Wd2 is a member of the thin disk, we assumed Solar metal-
licity (Z = 0.0152, Caﬀau et al. 2011). Nevertheless, since we cannot determine the true
metallicity of the cluster, we estimate the eﬀects on the mass accretion rate by modifying the
metallicity of the stellar evolution models. We varied the assumed metallicity of Z = 0.0152
by ±10% (to Z = 0.0137 and Z = 0.0162) and ±25% (to Z = 0.0114 and Z = 0.019).
Increasing the metallicity by 10% and 25% decreases the mass accretion rate by 4% and
7%, while the decrease of the metallicity by 10% and 25% leads to an increase of the mass
accretion rate by 2% and 7%, respectively. Considering the small dependence of the mass
accretion rate on metallicity and the fact that the distribution of stars in Wd2 in our CMDs
(see Fig. 9.3.1 and Fig. 8.4.1) is best represented by isochrone models of Solar metallicity,
supports our assumption of Solar metallicity.
9.6.4 Geometrical alignment
The geometrical orientation of the disks plays an important role for the emitted light that
we can detect. Here, we are referring especially to the inclination of a disk relative to the
sky plane. Two major cases need to be distinguished:
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1) A large enough inclination, meaning the orientation is almost edge-on, leads to an
obscuration of the star by its surrounding disk. The ﬂux at short (UV, optical, and
NIR) wavelengths is blocked by the disk material. Therefore, these objects are not
detected in our optical/NIR catalog. Assuming a ﬂared-disk model and comparing
with the spectral-energy distribution (SED) modeling of Chiang and Goldreich (1999)
this happens at inclination angles i & 55◦. We can conclude that we miss ∼ 40% of the
Hα excess stars due to this geometrical eﬀect.
2) A moderately small inclination (i . 55◦, face-on), so the disk does not block the light
emitted by the host star. The inclination should play a major role for the shape of
the emission lines (e.g., Muzerolle et al. 2001; Kurosawa et al. 2006; Kurosawa and
Romanova 2012) since stellar rotation broadens the emission lines. Comparing this
eﬀect with observations (Appenzeller and Bertout 2013) no signiﬁcant result has been
found yet. Most likely this is because of the the small sample of stars studied so far.
Appenzeller et al. (2005, observations) and Kurosawa et al. (2006, theory) found a
dependence of the EW on the inclination angle. Using a larger sample of stars, Ap-
penzeller and Bertout (2013) could not ﬁnd this speciﬁc correlation. This leads to the
conclusion that, even if there is an eﬀect due to the rotation of the disk of the PMS stars,
at the moment there is no way of further quantifying it. The eﬀect on line broadening
due to stellar rotation does not play a role for our photometric observations because
the broadening is less than the ﬁlter width and so the original ﬂux is fully detected.
Because we can only detect disk-accreting PMS stars via the Hα excess if the disk is not
blocking the light of its central star (Chiang and Goldreich 1999), the eﬀects on the colors
and luminosities of the PMS stars caused by disk obscuration, and a resulting uncertainty in
age, are minor.
We should note that some of the ionizing energy may possibly escape without having an
eﬀect on the local surrounding gas. This causes an underestimation of the mass accretion
rate. This is also the case for all other studies based on hydrogen emission.
Altogether, the diﬀerent sources of uncertainties are presented in Tab. 9.6.1. They add up
to a total uncertainty in the Hα luminosity L(Hα) = (1.67 ± 0.449) · 10−31 erg s−1 (26.9%).
The total uncertainty on the mass accretion rate (assuming that the stellar parameters are
known to a precision of < 5%) amounts to ∆M˙acc = 1.768 · 10−8M⊙ yr−1 (39.9%).
9.7 Summary and conclusions
In this Chapter we examined the sources with Hα excess emission.
To analyze the PMS population of Wd2 we determined the stellar parameters (Teff , Lbol,
andM⋆) using the PARSEC 1.2S (Bressan et al. 2012) stellar evolution models. We estimated
the ages of the PMS stars using the F814W0 vs. (F814W − F160W )0 CMD in combination
with the PARSEC 1.2S isochrones.
Following the method applied in De Marchi et al. (2010) we used the individually extinc-
tion-corrected F555W , F814W , and F658N photometry to select 240 Hα excess emission
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Table 9.6.1. The sources of uncertainties
Source Uncert. σ(M˙acc) σ(L(Hα))
[%] [10−8M⊙ yr−1] [10−31 erg s−1]
Photometry 8.2 0.363 0.136
N II-doublet 3.7 0.164 0.062
Dist. modulus 15 0.665 0.251
Stellar models 11 0.487 —
Metallicity 2 0.089 —
Total 39.9/26.9 1.768 0.449
Note. — The summary of the diﬀerent sources of uncertainty. The two
values of the total uncertainty percentage correspond to the mass accretion
rate and to the Hα luminosity, respectively.
stars in the RCW 49 region. We used the ATLAS9 model atmospheres (Castelli and Kurucz
2003) and the Stellar Spectral Flux Library by Pickles (1998) to obtain interpolated R-band
photometry from the F555W0 and F814W0 ﬁlters to get a reference template. Using TCDs we
selected all stars as Hα excess emission stars that are located at least 5σ above the continuum
emission. Additionally, all stars must have an Hα emission line EW> 10Å. A (F555W −
F814W )0 > 0.2mag criterion is used to exclude possible Ae/Be candidates (see Sect. 9.2).
This yields 24 Ae/Be candidates (see Sect. 9.4), mainly located in the TO and MS region
of the F814W0 vs. (F814W − F160W )0 CMD (see Fig. 8.2.3) and 240 Hα excess emission
stars with a mean Hα luminosity L(Hα) = (1.67 ± 0.45) · 10−31 erg s−1 and a mass accretion
rate of M˙acc = (4.43 ± 1.68) · 10−8M⊙ yr−1. The mean age is 0.62 ± 0.57Myr. The MC and
NC host at least 36 and 26 Hα excess emission stars, respectively, while the remaining part
of Wd2 cluster contains at least 106. The remaining 72 are located in the periphery (see
Tab. 8.4.2). The mean mass accretion rate in Wd2 is ∼ 70% higher than in the SN 1987 A
ﬁeld (M˙acc = 2.6 · 10−8M⊙ yr−1, De Marchi et al. 2010), ∼ 77% higher than in NGC 602
(∼ 2.5 · 10−8M⊙ yr−1, De Marchi et al. 2013), and ∼ 14% higher than in NGC 346 (3.9 ·
10−8M⊙ yr
−1, De Marchi et al. 2011a). With a mean age of∼ 1MyrWd2 is younger than the
PMS populations investigated by the other studies, which explains the higher mass accretion
rate. Taking the younger age and the uncertainty range into account, the mass accretion
rates determined in this chapter are consistent with the theoretical studies of Hartmann et al.
(1998) and the collected data of Calvet et al. (2000) for a number of star-forming regions.
Hartmann et al. (1998) showed in their theoretical study of the evolution of viscous disks
that the mass accretion rate decreases with increasing age (M˙ ∝ t−η). This was conﬁrmed
in many observational studies for diﬀerent regions inside the MW and in nearby galaxies
(e.g., Calvet et al. 2000; Sicilia-Aguilar et al. 2006; Fang et al. 2009; De Marchi et al. 2013),
yet the slope is poorly constrained. We analyzed our bona-ﬁde sample of 240 mass-accreting
stars and determined a decreasing slope of η = 0.44±0.04, which is in agreement with other
studies, taking into account the large uncertainty.
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The FUV ﬂux emitted by the luminous OB stars can lead to a shorter disk lifetime due to
erosion (e.g., Clarke 2007). Anderson et al. (2013) studied the eﬀects of photoevaporation
in the close vicinity (0.1–0.5 pc) of OB stars. Most of their disks were completely dispersed
within 0.5–3.0Myr. In our study ofWd2we used the centers of the MC andNC and calculated
the projected geometric center of all known OB stars within 0.5 pc (red crosses in Fig. 9.5.3).
We then calculated the mean mass accretion rate in annuli of 15′′ or 0.3 pc going outwards
from the respective centers (see Fig. 9.5.4). The median mass accretion rate in the Wd2
cluster is 4.43 ·10−8M⊙yr−1 and thus∼ 25–30% higher than in the MC (3.32 ·10−8M⊙yr−1)
and NC (3.12 ·10−8M⊙yr−1). With increasing distance from the respective centers of the two
density concentrations the mass accretion rate steeply increases by 60% in the MC and 68%
in the NC within the innermost 30′′ (0.6 pc) and 45′′ (0.9 pc), respectively. With an increasing
number of OB stars the mass accretion rate drops by 5–22% (see Fig. 9.5.4). Far away
(' 0.5 pc) from the OB stars the mass accretion rate rises to a peak value of 5.9 ·10−8M⊙yr−1.
Despite the large uncertainty in the mass accretion rate, the eﬀect of the increased rate of
disk destruction is visible. This eﬀect was also seen in other massive star-forming regions,
e.g., by De Marchi et al. (2010) for the region around SN 1987 A and by Stolte et al. (2004)
for NGC 3603 and supports the theoretical scenario of Clarke (2007) and Anderson et al.
(2013).

Es ist nicht genug, zu wissen, man muss auch anwenden;
es ist nicht genug, zu wollen, man muss auch tun.
— Johann Wolfgang von Goethe: Wilhelm Meisters
Wanderjahre
10
The present-day stellar mass function of Wd2
This chapter is inculded in Sect. 5 and Sect. 6 of Zeidler et al. 2016, AJ, submitted.
The only published PDMF ofWd2 was determined by Ascenso et al. (2007a) with ground-
based photometry in the NIR (J ,H,Ks), who derived a slope of Γ = −1.20±0.16. The slope
is based on the mass range between 0.8–25M⊙, representing their completeness limits, for
an assumed distance of 2.8 kpc. Using our data we are able to reﬁne the PDMF of Wd2 with
a much higher accuracy.
10.1 The stellar masses
To determine the PDMF of Wd2 we need to carefully estimate the masses from the stellar
luminosities. For MS stars belonging to single stellar populations this can be done via their
locus relative to an isochrone since for MS stars their luminosity is closely correlated with
stellar mass. Uncertainties are added by (unknown) stellar rotation and possible binarity
and multiplicity. So far we showed that the RCW 49 region mainly consists of PMS stars
with an age distribution between 0.1–2.0Myr. However, the locus of the PMS stars in a CMD
is not only a function of age, but is also aﬀected by ongoing accretion, presence and viewing
angle of protostellar disks, emission lines, etc. To remove the age-dependence of the PMS
stars we use evolutionary tracks instead of isochrones. PMS evolutionary tracks have the
advantage that they provide us with all the information about the stellar masses relative to
their locus in the CMD but are independent of an age-binning, since they follow the evolution
of a star with a speciﬁc mass on the Hayashi track (Hayashi 1961).
In order to estimate the stellar masses we determined the locus of each star relative to
the evolutionary tracks of Bressan et al. (2012) and Bressan et al. (2013) in combination
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Figure 10.1.1: The F814W0 vs. (F814W−F160W )0 CMD. The evolutionary tracks of Bressan et al. (2012) and
Bressan et al. (2013) are traced in red and are labeled with their corresponding masses. The green line represents
the ZAMS, inferred from the same models, while the gray dashed lines are the PMS isochrones for 0.1, 0.25,
0.5, 1.0, and 2.0Myr. Additionally we show in the right top corner the F814W0 vs. (F555W − F814W )0 CMD
of the 44 stars added using the WFPC2 photometry from Vargas Álvarez et al. (2013), which includes stars that
are saturated in our data.
with the PARSEC 1.2S isochrones. We used mass bins that have a similar distance in log(m)
(see Fig. 10.1.1). We added 44 MS stars from the photometric catalog of Vargas Álvarez
et al. (2013) obtained with WFPC2. These are bright MS stars saturated in our observa-
tions. Typical uncertainties for stars < 15mag are < 0.01mag (Vargas Álvarez et al. 2013),
comparable to the uncertainties of our photometric catalog and so the combination of the
two photometric catalogs does not introduce additional uncertainties. A by-eye inspection
conﬁrmed that all in our data saturated sources are spatial covered by the (Vargas Álvarez
et al. 2013) photometric catalog. All stellar masses for stars bluer than MS and redder by at
most ≤ 0.1mag than the MS, as well as brighter than F814W0 = 14mag were determined
via their locus relative to the zero-age main sequence (ZAMS) instead of evolutionary tracks,
because close to the ZAMS the mass determination via evolutionary tracks is degenerate. In
Fig. 10.1.1 we show the cluster members overplotted on the evolutionary tracks (in red) and
the ZAMS (in green). In the top right corner we show the CMD for the 44 MS stars added
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from the WFPC2 photometry of Vargas Álvarez et al. (2013) as an inset. To determine the
masses for the stars with WFPC2 photometry, we used the ZAMS in the WFPC2 photometric
system to avoid introducing uncertainties due to diﬀerent photometric systems.
Figure 10.1.2: The PDMF of the full survey area of our HST data. The black ﬁlled circles represent the
completeness-corrected, normalized number of stars per logarithmic mass bin. The red ﬁlled circles stand for
those bins for which at least one star’s mass is estimated via orbits of the spectroscopic binary components from
the literature. The open squares show the bins where only one ﬁlter was not saturated (F555W ) and the stellar
mass is inferred from this magnitude, knowing that it is an MS star. The two blue areas are the regions where
the PDMF ﬁt is performed. The black solid line represents the error-weighted ﬁt of the overall PDMF with the
uncertainty marked as shaded area. The dash-dotted line is the Kroupa (2001) IMF with the associated uncer-
tainty as gray area. The dashed line is the Chabrier (2003b) IMF with the corresponding uncertainty as reddish
area (Chabrier 2003a) for the low-mass stars. The green and red solid lines indicate the PMS and MS PDMF,
respectively.
In order to compute the PDMF of Wd2 we follow the technique presented by Tarrab
(1982) and Massey et al. (1995), also adopted by Sabbi et al. (2008) and Cignoni et al.
(2009), where stars lying between two evolutionary tracks of diﬀerent initial mass are as-
signed to a mass bin. We used the mass bins described above, which were chosen to establish
a regular grid in log(m). The number of stars per mass bin was also corrected for complete-
ness (see Sect. 5). We emphasize here that we corrected each star individually with its
speciﬁc completeness fraction, depending on its magnitude, color, and position. Some stars
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(three for the survey area) are saturated in all but one ﬁlter (F555W ), in both our images
and the WFPC2 photometry of Vargas Álvarez et al. (2013). Their spectral types (determined
in Rauw et al. 2005, 2007, 2011; Vargas Álvarez et al. 2013) conﬁrm their MS member-
ship and as a result we were able to determine their masses by comparing only the F555W
photometry to the ZAMS. For three binary systems, including WR20a (e.g., Bonanos et al.
2004), the orbits of the stellar components are known and the mass determination for the
members of these binaries is accurate, so we used these masses (see Tab. 2.2.1).
10.2 The slope of the present-day mass function
TheMF is deﬁned as the fractional number of stars permass interval per unit area. A common
parametrization is the one used by Scalo (1986), in the form ofΓ = d log ξ (log(m)) /d log(m),
where m is the stellar mass and ξ (log(m)) the number of stars per logarithmic mass inter-
val. For the Solar neighborhood the slope of the MF is Γ = −1.35, as derived by Salpeter
(1955). In Fig. 10.1.2 we present the MF for the survey area (thick black dots). Mass bins
that contain at least one star whose mass is inferred by orbital parameters from spectroscopy
are indicated by red ﬁlled circles. Mass bins containing stars whose masses are estimated
via one ﬁlter only are indicated by open squares. There are six objects that were identiﬁed
spectroscopically as binary candidates but the individual components are unresolved and
their masses unknown (see Tab. 2.2.1). To not bias the PDMF with an overestimated mass
we decided to exclude these objects. If we treat the photometry of the unresolved binaries
in the same way as the remaining single stars, the slope of the mass function changes by
3.1% (∆Γ = 0.049). This shows that excluding these binaries does not signiﬁcantly aﬀect
the PDMF.
To determine the present-day MF (PDMF) we used two regions to ﬁt the slope: the PMS
above 0.65M⊙ and below 2.0M⊙, where the completeness is at least 50% everywhere, and
the MS for all stars between 6.0M⊙ and 90M⊙. Between 2.0M⊙ and 6.0M⊙ most stars
are in the turn-on (TO) region1 (see Fig. 10.1.1), for which the uncertainties of the stellar
evolution models are high, and therefore we excluded this region from the ﬁt. Additionally,
all bins containing at least one star for which the mass is estimated via using one ﬁlter only
are excluded. We used an error-weighted linear ﬁt. For the complete survey area we obtain
a PDMF slope of Γ = −1.57 ± 0.05. The slope of the MS is ΓMS = −0.98 ± 0.17. The slope
based on the PMS is ΓPMS = −2.94 ± 0.19, thus much steeper (see Fig. 10.1.2). The much
shallower slope of the PDMF in the MS mass regime as compared to the PDMF computed
for the PMS and all stars suggests the existence of mass segregation. We will discuss this
in more detail in Sect. 10.5. For the Wd2 cluster (2σ boundary, see Sect. 8.3) we obtain a
PDMF slope of Γ = −1.53± 0.05, which is steeper than the MS slope of ΓMS = −0.93± 0.17.
The slope based on the PMS is ΓPMS = −2.89± 0.24.
1The turn-on region is transitional region in the CMD, where stars evolve from the PMS onto the ZAMS.
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10.3 Uncertainties of the PDMF
To estimate the uncertainties inﬂuencing the determination of the PDMF we list the individ-
ual sources of uncertainties:
• The photometric errors in each ﬁlter, determined via the artiﬁcial star tests as described
in Sect. 5.4. They aﬀect the luminosity as well as the color of each star and so the stellar
mass.
• The uncertainty on the stellar color-excess used to deredden the photometry.
• The uncertainty on the distance to Wd2 of δd = 0.33 kpc (Vargas Álvarez et al. 2013;
Zeidler et al. 2015) resulting in a distance modulus uncertainty of 0.175mag.
• The statistical uncertainty on the number of stars per mass bin estimated with the
Poisson statistics.
• Stellar rotation (although this eﬀect is less severe for low-mass stars, Bastian and de
Mink (2009))
• Unresolved binary systems
• High uncertainties of the PMS star masses due to the models
To estimate the uncertainties per mass bin we varied the stellar luminosities according
to the uncertainties and estimated the change in the number of stars per mass bin. The
photometric uncertainties are more dominant in the low-mass regime, while the statistical
sampling (Poisson error) dominates the uncertainties at the high-mass end, where only a
few stars are left. For the added binary system components with spectroscopically inferred
masses, we used the published mass uncertainties (Vargas Álvarez et al. 2013, and references
therein). The total uncertainties are shown by the black error bars in Fig. 10.1.2. The
uncertainties propagated to the slope of the PDMF are represented by the gray-shaded area
around the PDMF (black solid line).
PMS stellar evolutionary models carry large uncertainties originating from the inaccura-
cies of the model atmospheres due to necessary simpliﬁcations of the physical processes (e.g.,
Preibisch 2012). Thus mass and age determinations, especially in the low-mass regime for
young ages, can come with large uncertainties. Throughout this paper we used the PARSEC
1.2S isochrones and evolutionary tracks (Bressan et al. 2012). This code has the advantage
of computing isochrones through the diﬀerent ﬁlter sets of all of the major telescopes, in-
cluding HST. The MESA Isochrones and Stellar Tracks (MIST, Dotter 2016; Choi et al. 2016)
provide similar information. Down to masses of 0.65M⊙ the MIST isochrones and evolution-
ary tracks agree very well with the PARSEC 1.2S ones (see Fig. 10.3.1). Our lower mass limit
to determine the PDMF and total masses is 0.65M⊙, caused by completeness eﬀects, so these
deviations at the low-mass end are minor for our purpose. As one can see in Fig. 10.3.1, the
PARSEC 1.2S isochrones follow better our observed low-mass data points, which prompted
us to adopt them. Nevertheless, we used the MIST evolutionary track to estimate the model
uncertainties. We computed the slope of the mass function and the total mass of the survey
area (see next Sect. 10.4) using the MIST model. The slope of the PDMF deviates by ∼ 7%,
while the total mass deviates by ∼ 17%. We introduce these as the model uncertainties.
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Figure 10.3.1: The F814W0 vs. (F814W − F160W )0 CMD. The Padova PARSEC 1.2S evolutionary tracks are
traced in red and are labeled with their corresponding masses, while in green are shown the corresponding MIST
evolutionary tracks. The black and blue dashed lines are showing the PMS isochrones for 0.1, 0.25, 0.5, 1.0, and
2.0Myr.
10.4 The total stellar mass of Wd2
To determine the stellar mass of Wd2 and of the RCW 49 region we separated the stellar
distribution into two mass regimes (M ≥ m50 = 0.65M⊙ andM < m50 = 0.65M⊙), where
m50 is the stellar mass at the 50% completeness limit for a 1Myr old star. For the mass
range above the 50% completeness limit the total mass is calculated by simply summing up
the completeness-corrected numbers multiplied by the massesmtot =
∑
mi ·ni. To estimate
the integrated stellar mass below the 50% completeness limit we used the Chabrier (2003b)
IMF (for unresolved binaries, see Fig. 10.1.2) in the following form:
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Table 10.4.1. The integrated stellar masses
Region m > m50 m < m50 mtot
[104M⊙] [10
4M⊙] [10
4M⊙]
Survey area 0.5± 0.2 3.9± 0.1 4.5± 0.3
MC 0.3± 0.2 2.0± 0.1 2.3± 0.2
NC 0.03 ± 0.02 0.2 ± 0.01 0.3± 0.02
Wd2 0.4± 0.2 3.1± 0.1 3.6± 0.3
Periphery 0.1± 0.04 0.4 ± 0.01 0.4± 0.04
Note. — The integrated stellar masses of the diﬀerent regions
of Wd2. Wd2 is the region within the 2σ boundary of the surface
density ﬁt (see Sect. 8.3) and periphery is the area outside the
same boundary. Column 1 shows the diﬀerent regions as dedi-
cated in Fig. 10.5.1. Column 2 gives the total mass for m > m50
determined from the observations. Column 3 gives the total mass
for m < m50 estimated via the integrated Chabrier (2003b) MF
(eq. 10.1). Column 4 lists the inferred total stellar mass of the
system.
ξ(logm) = 0.086 · exp
(
−(logm− log 0.22)
2
2 · 0.572
)
, (10.1)
for m < 0.65M⊙,
ξ(m) = c ·mα, (10.2)
for 0.65M⊙ < m.
The breaking point (where ξ(m) does not follow a power law anymore, Chabrier 2003a,b)
is deﬁned at m = 1M⊙ based on empirical ﬁts to observation. To better ﬁt our data, we
use as breaking point m50 = 0.65M⊙. The normalization is done at the breaking point.
The normalization was calculated to ﬁt the slope of the high-mass PDMF determined in the
previous section (see Sect. 10.2 and black solid line in Fig. 10.1.2).
To determine the total stellar mass below M = m50, we integrated eq. 10.1. For the
survey area we determine a total stellar mass ofMtot = (4.5± 0.3) · 104M⊙, while the Wd2
cluster mass is estimated to beMWd2 = (3.6±0.3) ·104 M⊙. In Tab. 10.4.1 we list all masses
of the diﬀerent subregions (as described in Sect. 8.3). Neglecting the unresolved massive
binaries causes an additional total mass uncertainty of ∆Mtot = 199M⊙.
Our inferred total stellar mass ofMWd2 = (3.6± 0.3) · 104 M⊙ is in good agreement with
the only mass estimate done so far by Ascenso et al. (2007a) who derived a lower limit of
m ≥ 104M⊙. Our estimate shows that Wd2 is ∼ 75% as massive as the most massive young
star cluster in the MW, Wd1 (MWd1 = 4.91+1.79−0.49 · 104M⊙, Gennaro et al. 2011).
130 10.5. MASS SEGREGATION IN WD2
10.5 Mass segregation in Wd2
To investigate whether mass segregation has already taken place in the Wd2 cluster we an-
alyze the slope of the PDMF in relation to the distance from the cluster center. As described
in Sect. 8.3 Wd2 is characterized by a double-peaked, elliptical stellar distribution, thus the
usual approach of determining the slope of the PDMF in annuli around the cluster center
(e.g., Sagar et al. 1988; Sabbi et al. 2008; Parker and Goodwin 2015) is not applicable. In-
stead we chose to use elliptically shaped areas. We deﬁned the midpoint (R.A.=10h24m01s.94
and decl.=−57◦45′06.7′′) between the centers of the two clumps as the center of the ellipses.
To avoid confusion we will call this center “midpoint”. As the innermost region we used the
MC with its peak coordinates as origin (red contour in Fig. 10.5.1). We also tried to use the
NC but the lower number of stars, especially the low number of high-mass MS stars made it
impossible to determine a slope for the MF deﬁned by PMS and MS stars. The next further
outwards region is called “annulus 1” (green contour in Fig. 10.5.1) encircling both clumps
(MC and NC), but we need to note here that this area excludes the MC and NC stars. The
next two annuli (“annulus 2” and “annulus 3’) are shown in yellow and purple contours,
while the remaining region around the second annulus we call “outskirts”. So in total we
divided the survey area in 5 regions from the midpoint outwards.
Figure 10.5.1: Left: The diﬀerent areas used to analyze the mass segregation of Wd2. The midpoint is indicated
by the red cross. The diﬀerent areas are named (from the center outwards) : Wd2, annulus 1, annulus 2, annulus
3, outskirts. The NC and the 2σ contours are plotted as reference (dashed contours). Right: The slope of the
MF for the diﬀerent regions, plotted against the distance from the center (see Tab. 10.5.1).
We determined the PDMF for each of the diﬀerent areas. In Tab. 10.5.1 we list the mean
stellar distance for each of the individual regions to the midpoint and the PDMF slope. In
Fig. 10.5.1 we show the change of the PDMF slope with increasing radial distance from
the midpoint. A steeper slope implies many more low-mass stars than high-mass stars. In
Fig. 10.5.2 we show the PDMF of each of the individual annuli including the survey area
PDMF as a direct comparison.
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Figure 10.5.2: The PDMFs for the diﬀerent annuli used to analyze the mass segregation. As comparison we also
show the PDMF of the survey area. Each panel shows the completeness-corrected, normalized number of stars
per logarithmic mass bin. The two blue areas are the regions where the PDMF ﬁt is performed. The black solid
line represents the error-weighted ﬁt of the overall PDMF. In each panel the slope including its uncertainty is
printed.
As one can see in Fig. 10.5.1 and Tab. 10.5.1, the slope of the MF gets gradually steeper
while moving outwards, away from the cluster center. This means that in the cluster center,
there are more massive stars in relation to the lower-mass stars. This implies mass segre-
gation in the cluster center, as is seen in many young massive star clusters like NGC 3603
(Pang et al. 2013) or NGC 346 (Sabbi et al. 2008).
It is still a matter of debate whether mass segregation in such young clusters is primordial,
meaning that the more massive stars formed originally in the central regions of the cluster,
or whether it is dynamical, implying that they formed equally throughout the region and
moved inwards due to interactions with the numerous low-mass stars. To evaluate which of
the two scenarios is more probable, we will compare the mass segregation time scale with
the mean age of the cluster of ∼ 1Myr.
The mass segregation time scale, tmsg, is deﬁned by:
tmsg = 2 · trelax · mav
mmax
, (10.3)
where trelax is the relaxation time of the cluster (Spitzer 1969), mav the average stellar
mass and mmax the mass of the most massive star in the cluster (Kroupa 2004).
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Table 10.5.1. The slope of the MF relative to the cluster center
region mean dist. [pc] Γ
MC 0.25a −1.56± 0.07
annulus 1 0.59 −1.17± 0.08
annulus 2 1.17 −1.24± 0.10
annulus 3 1.79 −1.42± 0.14
ouskirts 2.70 −2.14± 0.29
Note. — The slopes of the MF for the diﬀerent regions
with increasing distance to the midpoint. In column 2
we give the mean distance from the midpoint. Column 3
shows the slope of the MF including the combined obser-
vational uncertainties.
aThe mean distance to the MC peak position
The relaxation time trelax depends on the crossing time:
trelax =
N
8 lnN
· tcross, (10.4)
where tcross is the crossing time and N the number of stars in the cluster (e.g., Binney
and Tremaine 1987) with tcross = 2 · r3/2 · (GM)−1/2. Here, G is the gravitational constant
and r andM are the total radius and mass of the cluster, respectively.
To estimate the mass-segregation time scale we used all stars enclosed by the annulus 2
(enclosing the Wd2 cluster; see Fig. 10.5.1). We calculated an approximate crossing time
of tcross ≈ 1Myr using a radius of ∼ 2pc. Combining eq. 10.3 and eq. 10.4 and setting
mmax = 80M⊙ based on the most massive star known in Wd2, we ﬁnd a mass segregation
time scale of tmsg ≥ 3Myr, which is at least three times the mean age of the cluster. This
time-scale estimate is a lower limit to the true time scale for mass segregation, since we have
not corrected for unresolved binaries, which would increase the number of stars and, as a
result, the relaxation time (compare with eq. 10.4). We can therefore conclude that the mass
segregation is, most likely, primordial. We will discuss this in detail in the next Section.
10.6 Discussion and Conclusions
In this chapter we derived and analyzed the PDMF throughout the cluster area. Combining
the determined PDMF with a Chabrier (2003b) IMF to ﬁt the low-mass and brown-dwarf
regime, we were able to estimate the integrated stellar mass of the Wd2 cluster.
Based on the artiﬁcial star tests we carried out a detailed analysis of the PDMF of the Wd2
cluster region. Only one PDMF has been published for Wd2 before by Ascenso et al. (2007a),
using ground-based photometry in the NIR (J , H, Ks). The Ascenso et al. (2007a) PDMF is
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based on a mass rage of 0.8–25M⊙, representing their completeness limits (detection and
saturation limits). They used a distance of 2.8 kpc for Wd2 leading to an underestimation of
the stellar masses as compared to our study. Because of the larger wavelength coverage of
our data we can better separate the foreground population from the cluster population and
due to the higher depth we cover a larger mass range, leading to a better determined PDMF.
We used the photometric catalog of Vargas Álvarez et al. (2013), obtained with WFPC2,
and spectroscopic data of Rauw et al. (2005, 2007, 2011) and Vargas Álvarez et al. (2013) to
complement our photometric catalog (Paper I) at the high-mass end with the most luminous
stars that are saturated in our data. Using the PARSEC 1.2S isochrones and evolutionary
tracks of Bressan et al. (2012) and Bressan et al. (2013) we estimated masses for all of
our cluster members. Binning these stellar masses and correcting the number of stars in
each mass bin by the corresponding completeness, we were able to estimate a slope of Γ =
−1.57 ± 0.05 for the PDMF of the survey area (see Fig. 10.1.2). For the Wd2 cluster we
estimated a slope of Γ = −1.53 ± 0.05. This slope is slightly steeper than the canonical
Salpeter (1955) slope of Γ = −1.35 or Kroupa (2001) slope of Γ = −1.3 ± 0.3 but agrees
well within the uncertainties. The slope is also steeper than the slope derived by Ascenso
et al. (2007a) of Γ = −1.2 ± 0.16, based on NIR photometry. Within the uncertainties, the
MS slope of ΓMS = −0.93±0.17 agrees well with the slope derived by Ascenso et al. (2007a).
The PDMF ofWd2 also agree very well with other youngmassive clusters, such asWester-
lund 1, the most massive young Galactic star cluster (m > 4.91+1.79−0.49 · 104M⊙) with an age of
∼ 4Myr. Gennaro et al. (2011, and references therein) determined a slope of Γ = −1.44+0.56−0.08
(for stars with m > 3.5M⊙). Cignoni et al. (2009) estimated a slope of Γ = −1.25 ± 0.22
for NGC 602 (mass range: 0.7–30M⊙, age: ∼ 5Myr) and Sabbi et al. (2008) a slope of
Γ = −1.87 ± 0.41 for NGC 346 (8–60M⊙, age: ∼ 3Myr), both located in the SMC.
Weisz et al. (2015) studied the MFs of 85 resolved, young (4Myr< t < 25Myr) star clus-
ters (103–104M⊙) in M31 as part of the Panchromatic Hubble Andromeda Treasury program
(PHAT, Dalcanton et al. 2012) and found a quite universal slope of Γ = −1.45+0.03−0.06 with little
variance for stellar masses > 1M⊙. Weisz et al. (2015) reanalyzed also data collected by
Massey (2003) for MW and LMC clusters ﬁnding slopes of ΓMW = −1.16 and ΓLMC = −1.29
both with a scatter of σ ∼ 0.3–0.4, in agreement with other MW studies and our result for
Wd2. Although most of these studies are in mass ranges excluding the PMS stars our results
are still comparable because the slopes of the PDMFs of the Wd2 cluster derived in this study
for the MS and the MS+PMS (ΓMS = −0.93± 0.17 and Γ = −1.53± 0.05, respectively) are,
within the uncertainties, in good agreement.
The most massive star WR20a is located outside the cluster center (see Sect. 2.2.3) yet
if we look at the mass function of the survey area (see Fig. 10.1.2, the two components of
WR20a are located in the last mass bin) it ﬁts the PDMF slope, supporting the membership
of WR20a to the Wd2 cluster.
When we subdivide the survey area into elliptical annuli, outwards from the midpoint,
deﬁned as the mean distance between the MC and NC and determine the MF for each of the
rings, a steepening of the MF slope with increasing distance from the midpoint can be ob-
served (see Fig. 10.5.1 and Tab. 10.5.1). This is a clear indication of a mass-segregated clus-
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ter population, which is similarly observed in other youngmassive clusters such as NGC 3603
(Pang et al. 2013) and the Arches cluster (Stolte et al. 2002) in the MW or NGC 346 (Sabbi
et al. 2008) in the SMC.
To answer the question whether the mass segregation is, due to the young age of Wd2,
primordial or whether it is caused by two-body relaxation we compared the mean cluster
age of 1Myr with an estimate of the mass segregation time scale (tmsg. The mass segregation
timescale tmsg was estimated using eq. 10.3 with the size of the cluster, its mean stellar mass
estimated using the PDMF, and the most massive star detected in Wd2. The estimated lower
limit of the mass segregation time scale of 3Myr indicates that the mass segregation is largely
primordial (e.g., Bonnell and Bate 2006) and not caused by an inward migration of massive
stars due to interactions with the large low-mass star population.
Primordial mass segregation is also supported by the work of Haghi et al. (2015) on N-
body simulations of star clusters. They argue that primordial mass segregation and mass
segregation due to dynamical evolution inﬂuence the shape of the PDMF slope in the low-
mass regime (m ≤ 0.5M⊙) diﬀerently. In their simulations Haghi et al. (2015) see a signif-
icant ﬂattening of the mass function in the low-mass regime similar to what we detect (see
Fig. 10.1.2), yet the very low completeness of our data in the center of the two clumps (MC
and NC) due to crowding (see Sect. 5) makes it hard to obtain reliable results.
On the other hand e.g., McMillan et al. (2007) and Moeckel and Bonnell (2009) argue
that the process of merging subclusters keeps the mass segregation imprint of these indi-
vidual subclusters. We tried to determine the degree of mass segregation by using elliptical
annuli around the center of each of the clumps. Due to the low number of stars we could
not determine a statistically signiﬁcant result. Because of the smaller size and lower mass of
the subclusters it is diﬃcult to determine whether the mass segregation in each individual
clump is primordial or caused by relaxation. The mass segregation time scale of subclusters
is much shorter than the one for Wd2 (tMCmsg ≈ 0.1Myr and tNCmsg ≈ 0.1Myr). The results
of McMillan et al. (2007) and Moeckel and Bonnell (2009) led to the conclusion that due
to the clumpyness of the stellar distribution in Wd2 it is diﬃcult to determine if the mass
segregation is primordial or caused by interactions.
To complicate things even further, Allison et al. (2010) argued that mass segregation
can be introduced dynamically through violent relaxation much more rapidly than through
two-body relaxation. Taking into account all these diﬀerent scenarios, the origin of mass
segregation in Wd2 is most likely a combination of diﬀerent mechanisms (see also Moeckel
and Bonnell (2009)). Nevertheless, due to the cluster’s very young age and high degree of
mass segregation, we favor the scenario of primordial mass segregation to be the main cause
of the observed mass segregation in Wd2.
Adopting the Chabrier (2003b) IMF (see eq. 10.1) for the low-mass regime, where the
completeness limits drop below 50%, we estimate a total stellar mass for the Wd2 cluster
of (3.6 ± 0.3) · 104M⊙, which is in good agreement with the ﬁrst estimate of Ascenso et al.
(2007a) of M ≥ 104M⊙. With this mass Wd2 has about 75% of the stellar mass of Wd1
(Gennaro et al. 2011), the most massive star cluster in the MW. This would make Wd2 the
second most massive YMC in the MW.
Ich glaube, dass ich unsere Absichten
erfolgreich vermitteln konnte.
— Spock
11
Summary and future plans
11.1 Summary and Conclusions
In my thesis, I have presented a multi-band survey with the HST of the young massive star
cluster Westerlund 2. In this Chapter, I brieﬂy summarize the most important results of
this project. Much more detailed discussions of the results are presented at the end of each
Chapter (see Sect. 6.2, 8.5, 9.7, and 10.6). Most of the analysis and results are included in
Zeidler et al. (2015, 2016a), and Zeidler et al. (2016b).
Wd2 is one of themostmassive YMCs known in theMW, embedded in the giant H II region
RCW 49 and located in the Carina-Sagittarius spiral arm at a distance of ∼ 4.16 kpc with an
age of 0.5–2Myr (see Sect. 8.2.3). The estimated stellar mass amounts to 3.6± 0.3 · 104M⊙
(see Sect. 10) with an associated H II region gas mass estimated to be ∼ 105M⊙ (Dame
2007; Furukawa et al. 2009). Moﬀat et al. (1991a) suggested a minimum of 80 O-type stars
of which 37 have been spectroscopically conﬁrmed (spectral types up to O3V, Rauw et al.
2007, 2011; Vargas Álvarez et al. 2013). Due its close proximity, high mass, and its young
age, Wd2 is a perfect target to study YMCs and their emergence from their native molecular
cloud.
For the last three years I have been studying the young massive star cluster Wd2 (West-
erlund 1961) using a multi-band survey (ID: 13038, PI.: A. Nota) with the Hubble Space
Telescope. The Wd2 cluster and its surrounding gas cloud RCW 49 (Rodgers et al. 1960)
were observed in six ﬁlters: the F555W , F658N , and F814W in the optical, obtained with
the Advanced Camera for Surveys (Ubeda et al. 2012), and F125W,F128N , and F160W
in the near-infrared with the Wide Field Camera 3 in the IR channel (Dressel 2012). The
two narrow-band ﬁlters F658N and F128N are centered on the Hα and Paβ line emission,
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respectively. A total area of ∼ 5′×5′ was mapped. A catalog containing 17121 point sources
was created, using the photometric routine Dolphot (Dolphin 2000), with a detection limit of
0.1M⊙. 2236 of these point sources were detected in all six ﬁlters while 3038 were detected
in all four wide-band ﬁlters. The color composite image of the Wd2 cluster and its immediate
surroundings was chosen to be the 25th anniversary image of the HST (see Fig. 2.2.1).
Giving the dominating presence of the gas and dust, it is absolutely essential to deredden
the stellar photometry, dependent on the individual location in the cluster region. We derived
a high-resolution pixel-to-pixel E(B − V ) extinction map of the gas using the F658N and
F128N narrow-band ﬁlters. In combination with the spectroscopic information of various
OB stars in the cluster we were able to translate the gas extinction to a stellar extinction
(median: E(B − V )⋆ = 1.56mag). In combination with various color-magnitude diagrams,
we determined a total-to-selective extinction of RV = 3.95.
We identiﬁed and studied 240 bona-ﬁde PMS Hα emitters using stellar Hα excess emis-
sion, which is a very distinct emission feature of PMS stars. We adopted the method, pro-
posed by De Marchi et al. (2010) to combine the F555W and F814W broad-band ﬁlters to
determine the continuum emission (R-band) in combination with the Hα ﬁlter, to identify
PMS stars with disk accretion. Additionally, 24 Ae/Be candidates were identiﬁed. The mean
Hα luminosity of these 240 PMS Hα emitters is L(Hα) = 1.67 · 10−31 erg s−1. We estimated
the stellar parameters of these 240 PMS Hα emitters, using the PARSEC 1.2S isochrones
(Bressan et al. 2012) to translate the Hα luminosity to a mass accretion rate (Dahm 2008).
The meanmass accretion rate is M˙ = 4.43·10−8M⊙yr−1. We showed that the mass accretion
rate is decreasing with increasing stellar age as predicted by the viscous disk evolution model
by Hartmann et al. (1998). Despite large uncertainties originating in the accretion models,
we furthermore demonstrated that the mass accretion rate is lowest in the cluster center
in close proximity to the numerous O and B stars. These luminous stars are the origin of
far-ultraviolet radiation that leads to an accelerated disk dispersal within the inner ∼ 0.5 pc
(Clarke 2007) around these stars. Within the inner 1.5 pc from the cluster center, the mass
accretion rate increases by ∼ 60%. The same trend was also observed in other regions, such
as the Orion Nebula Cluster (Anderson et al. 2013) or in the region surrounding SN 1987A
(De Marchi et al. 2010).
Due to the dense stellar population and the crowding it is necessary to correct for com-
pleteness eﬀects to properly analyze the stellar population properties and spatial distribution.
Therefore, we performed artiﬁcial star tests for all four broad-band ﬁlters. A grid of 5 · 106
stars was used per ﬁlter to properly cover the complete survey area, as well as the possible
magnitude and color space of all cluster stars. The artiﬁcial star tests were carried out with
Dolphot, in the same setup as adopted for the original photometry. Throughout the survey
area, the catalog is 50% complete down to 0.65M⊙. We created 2D completeness maps to
correct each star individually for its completeness fraction, depending on the spatial position,
the magnitude, and the color (for the selected ﬁlter combination.)
Fitting a combination of two 2D Gaussians to the stellar distribution (down to 0.65M⊙)
revealed that Wd2 is composed of two sub-clusters as was already suggested by Hur et al.
(2015). The two concentrations are named the “main cluster of Wd2” (MC) and the “north-
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ern clump” (NC). We deﬁned the sizes of the two clumps as the 1σ contour of the Gaussian
density distributions and the area of the Wd2 cluster as the 2σ contour. This led to sizes of
0.31 arcmin2 (0.44 pc2) for the MC and 0.27 arcmin2 (0.38 pc2) for the NC. Due to the sim-
ilar age of Wd2 and NGC 3603 and the existence of two coeval sub-clusters that ﬁt well the
properties of the simulations in Banerjee and Kroupa (2015) a monolithic formation from
sub-clusters is a likely scenario for the formation of Wd2.
The position-dependent completeness corrections allowed us to study the PDMF in great
detail down to a lower mass limit of 0.65M⊙. For the Wd2 cluster we determined a steeper
slope (Γ = −1.53±0.05) than the ordinary Salpeter (1955) slope (Γ = −1.35), which is also
observed in other YMCs such as Westerlund 1 (Γ = −1.44+0.56−0.08, for stars with m > 3.5 M⊙,
Gennaro et al. 2011) or NGC 346 (Γ = −1.87 ± 0.41, mass range: 8–60 M⊙, age: ∼ 3 Myr,
Sabbi et al. 2008). Adopting a Chabrier (2003b) initial mass function to estimate the total
mass in the low-mass (< 0.65M⊙) stellar and brown dwarf regime, we determined a total
stellar mass of (3.6 ± 0.3) · 104M⊙ for the Wd2 cluster.
Studying the PDMF in increasing elliptical annuli around the cluster center revealed a
steepening of the PDMF’s slope, leading to the conclusion that mass segregation is present.
Comparing the mass segregation time scale with the cluster age indicates that the mass
segregation is most likely primordial and could not have formed via inward migration of the
massive stars due to interactions with the large number of low-mass stars. Due to its young
ageWd2 is very close to its initial conditions so its PDMF well approximates the cluster initial
mass function.
The presence of a faint, uniformly distributed low-mass population (< 0.15M⊙), visible
throughout the RCW 49 area, implies that the actual star-forming region is more extended
than the Wd2 cluster. This phenomenon was already observed by Whitney et al. (2004),
who identiﬁed ∼ 300 cYSOs in the giant H II region of RCW 49 using Spitzer IRAC MIR data
of the GLIMPSE survey (Benjamin et al. 2003). Whitney et al. (2004) identiﬁed 5 more
star-forming sites throughout the RCW 49 cloud. Similar ﬁndings exist also in other giant
H II regions e.g., NGC 3603, the Orion Nebular Cloud (e.g., Hillenbrand 1997), or the 30
Doradus region (e.g., Walborn et al. 1999; Brandner et al. 2001).
The properties determined in this work place Wd2 in the short list of YMCs in the MW.
The determined mass makes Wd2 the second most massive YMC in the MW and an inter-
esting and important target to study the early phases of star cluster evolutions. The fact
that there has not been found any hint for a supernova explosion makes Wd2 the perfect
target to study such a massive cluster in a state, where it has not yet been altered by any
such destructive event. Therefore, it is possible to study the PDMF very close to the IMF only
inﬂuenced by the feedback originated from the large population of massive OB stars.
11.2 Future Work
The extensive work on Wd2 using the multi-band survey observed with the HST has revealed
many new insights and interesting results on the population and history of the YMC Wd2.
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First, little is still known about the 3D structure and dynamics of Wd2. We only see Wd2
in projection. Therefore, information such as the relative location of the gas and the stars,
radial velocities and proper motions are unknown.
Recent observations with the Very Large Telescope’s (VLT’s) integrated ﬁeld unit (IFU)
MUSE (Multi Unit Spectroscopy Explorer, Bacon et al. 2010) of the gas component in the
vicinity of YMCs have proven very successful in characterizing the physical properties and
kinematics of the neutral and ionized gas (McLeod et al. 2015, 2016). With such observa-
tions, it is possible to probe the feedback of massive cluster members on the surrounding
gas by measuring the photo-evaporation rate of the molecular cloud structures and pillars,
detecting the expanding wind bubbles, and analyzing outﬂows from a new generation of
stars currently forming in the vicinity of the ionizing stars. In addition to the studies of the
gas, Kamann et al. (2013) showed in their study of simulated MUSE data, that ∼ 5000 useful
stellar spectra per arcmin2 can be obtained. The expected limit will be ∼ 9000 stars arcmin2
or ∼ 2.5 stars arcsec2 with a seeing of 0.8′′. In a recent study of the ultra-faint stellar system
Crater, Voggel et al. (2016) showed that this approach is indeed achievable. They reached
a radial velocity precision of 2.27 km s−1 per object, ﬁtting multiple spectral lines using HST
astrometry for the source detection. Kamann et al. (2016) extracted spectra for more than
12000 stars for the Globular Cluster NGC 6397, and despite the limited spectral resolution
(R ≈ 1800 (480 nm)–R ≈ 3500 (930 nm)) of MUSE, they reached an overall accuracy of
1 km s−1.
I am currently leading a successful VLT/MUSE proposal (ESO ID: 097.C-0044, PI: P. Zei-
dler) to map the complete Wd2 cluster and parts of the surrounding gas and dust cloud. We
are mapping the Wd2 cluster with two diﬀerent exposure times to cover the gas and the
bright OB stars, as well as the low-mass PMS stellar population in the vicinity of the central
cluster. Parts of these data have already been observed. In Fig. 11.2.1 we show a color-
composite image of the observed (2×3 tiles) mosaic. The colors represent S II (6717Å)(red),
Hα (green), and blue: O III (5007Å)(blue).
Additionally to theMUSE data, we have also obtained a 2nd epoch of HST observations of
Wd2. These data, together with another 3 years of approved HST observations, to measure
the internal motions with a 1 km s−1 accuracy, will allow us to determine proper motions,
radial velocities, and a clean membership catalog, in other words to reconstruct the 3D
dynamics of the stars and possibly the gas. For the most luminous stars this information can
then be compared to the latest Gaia data release. We will study, for the ﬁrst time, the 3D
kinematics and evolution (past and future) of a YMC and hope to determine whether Wd2
is gravitationally bound or will dissolve in the future, which will provide us with a better
understanding of the long-term cluster evolution.
The MUSE data provide the possibility to obtain a nearly complete spectral classiﬁcation
of a YMC down to 0.8M⊙ and extract low-resolution SEDs of most of the PMS stars (I ≥
21.5mag). This is shown in Fig. 11.2.2 as part of a preliminary analysis of a few stars. We
were able to conﬁrm the spectral type of a O8.5V star by comparing it to the Walborn and
Fitzpatrick (1990) spectral library (see top, left panel of Fig. 11.2.2). Using the Medium-
resolution Isaac Newton Telescope Library of Empirical Spectra (MILES, Sánchez-Blázquez
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Figure 11.2.1: Left: The color-composite image of the MUSEmosaic (2×3 tiles) presented in red: S II (6717Å),
green: Hα, and blue: O III (5007Å). Right: Color composite image of the HST ACS and WFC3/IR data of Wd2,
including the F125W (red), F814W (green), and F555W (blue) ﬁlters (this image is similar to Fig. 2.2.1). The
white box represents the region already observed with MUSE.
et al. 2006; Falcón-Barroso et al. 2011) we also were able to estimate a spectral type of A5
for a PMS star (see top, right panel of Fig. 11.2.2).
This kind of information will provide us with a unique insight into the feedback processes
occurring within RCW 49 and on the PMS population, in particular, the disk fraction under
the violent inﬂuence of the surrounding OB-stars. This will be compared to the results from
the photometric study presented in this work.
Adding up all the spectra obtained from the spaxels covering the cluster and removing
the contamination of the MS and foreground objects, we will produce a template SED of
a fully characterized YMC to constrain the stellar populations of unresolved, extragalactic
YMCs.
We plan to add more datasets to include other clusters in the MW and in the Magellanic
Clouds, like NGC 346, NGC 3603, or NGC 602, to generalize the results. Additionally, this
study will help us to determine a proper target selection withinWd2 for the upcoming science
with JWST (launch date: October 2018). Compared to the optical wavelength regime of the
ground-based data, the science instrument on board the JWST will cover the near- and mid
infrared regime (0.6–28µm). This will allow us to study protostars emerging from the gas
cloud and protostellar disks around PMS stars. The sensitivity and wavelength coverage
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Figure 11.2.2: Top, left: The SED of a O8.5V star, with F555W = 16.13mag. The blue, solid line represents
the Castelli and Kurucz (2003) model spectrum, while the red points represent the ﬂux, extracted from our HST
photometric catalog. The top panel shows the normalized spectrum with the stellar absorption lines marked in
red and telluric absorption lines in green. Top, right: The SED of a A5 PMS star, with F555W = 18.35mag.
The blue solid line represents the MILES model spectrum, while the red points represent the ﬂux extracted from
our HST photometric catalog. The top panel shows the normalized spectrum. Bottom: Four normalized spectra
for an F555W = 16.13mag, F555W = 17.26mag, F555W = 18.35mag, and F555W = 19.11mag star.
of the JWST instruments will also allow us to study the PDMF down to lower masses (<
0.65M⊙) in the case of Wd2) at a statistically signiﬁcant completeness level to compare
them with the Kroupa (2001) IMF or the Chabrier (2003b) IMF.
These new powerful telescopes and instruments will push the frontier of understanding
the formation (and evolution) of the stellar populations in galaxies, to add another piece to
the puzzle of understanding the Universe as we observe it.
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Figure A.0.1: The F658N weighted map for the ﬁnal drizzled and aligned image.
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Figure A.0.2: The F814W weighted map for the ﬁnal drizzled and aligned image.
144
F125W
Figure A.0.3: The F125W weighted map for the ﬁnal drizzled and aligned mosaic.
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Figure A.0.4: The F128N weighted map for the ﬁnal drizzled and aligned mosaic.
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Figure A.0.5: The F160W weighted map for the ﬁnal drizzled and aligned mosaic.
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Figure B.0.1: The mosaic of the F555W observation. North is up, East is to the left.
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Figure B.0.2: The mosaic of the F658N observation. North is up, East is to the left.
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Figure B.0.3: The mosaic of the F814W observation. North is up, East is to the left.
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Figure B.0.4: The mosaic of the F125W observation. North is up, East is to the left.
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Figure B.0.5: The mosaic of the F128N observation. North is up, East is to the left.
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Figure B.0.6: The mosaic of the F160W observation. North is up, East is to the left.
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Figure C.0.1: The 25% completeness map for all four wide-band ﬁlters. The color bar indicates the magnitude
at which such a completeness value is reached. This ﬁgure is similar to Fig. 5.3.1
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Figure C.0.2: The 75% completeness map for all four wide-band ﬁlters. The color bar indicates the magnitude
at which such a completeness value is reached. This ﬁgure is similar to Fig. 5.3.1
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